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Tycho Brahe (1546-1601)
SN 1572

Johannes Kepler (1571-1630)
SN 1604

Dawn of the scientific revolution
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Historical supernovae
● SN 185: oldest source on a supernova  (Chinese record)
● SN 1006: brightest historical supernova (mV≈-9 mag) 
recorded in China, the Arab world and Switserland 

● SN 1054: recorded in Asia
● SN 1185: Chinese record
● SN 1572: China, Europe a.o Tycho Brahe
● SN 1604: China, Europe a.o Johannes Kepler

●After that
No supernova spotted in the Milky Way
Observational surveys of supernovae:

expected 2-3 supernovae per century in the Milky Way
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From Novae to Supernovae
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Frits ZwickyWalther Baade

ASTRONOMY: BAADE AND ZWICKY

advanced in this article must be postponed because of lack of space. We
wish to say only

(1) So far we cannot offer any satisfactory explanation of the east-
west effect.

(2) It remains to be explained why the dust and gas clouds which lie
along the principal plane of our own galaxy do not appreciably absorb the
cosmic rays.5 This point, however, needs further observational testing.

In addition, the new problem of developing a more detailed picture of the
happenings in a super-nova now confronts us. With all reserve we ad-
vance the view that a super-nova represents the transition of an ordinary
star into a neutron star, consisting mainly of neutrons. Such a star may
possess a very small radius and an extremely high density. As neutrons
can be packed much more closely than ordinary nuclei and electrons, the
"gravitational packing" energy in a cold neutron star may become very
large, and, under certain circumstances, may far exceed the ordinary
nuclear packing fractions. A neutron star would therefore represent the
most stable configuration of matter as such. The consequences of this
hypothesis will be developed in another place, where also will be mentioned
some observations that tend to support the idea of stellar bodies made up
mainly of neutrons.

D. Conclusions.-From the data available on super-novae we conclude
(1) Mass may be annihilated in bulk. By this we mean that an assembly

of atoms whose total mass is M may lose in the form of electromagnetic
radiation and kinetic energy an amount of energy ET which probably
cannot be accounted for by the liberation of known nuclear packing frac-
tions. Several interpretations of this result are possible and will be pub-
lished in another place.

(2) The hypothesis that super-novae emit cosmic rays leads to a very
satisfactory agreement with some of the major observations on cosmic
rays.
Our two conclusions are essentially independent of each other and should

perhaps be judged separately, each on its respective merits.
F. Zwicky, Phys. Rev., 43, 147 (1933).

2 E. Regener, Zeit. f. Phys., 80, 666 (1933).
3 R. A. Millikan, I. S. Bowen and H. V. Neher, Phys. Rev., 44, 246 (1933).
4E. Regener, Nature, 132, 696 (1933).
6 F. Zwicky, Helvetica Physica Acta, 6, 110 (1933).
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Time scale and luminosity of supernovae: light curves
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SN1987A
(a “low-luminosity” SN)

L=5x109Lsun

SN1992A, SN1994D,SN1996X

Salvo et al.

Tail due to heating by radioactivity
(in particular 56Ni(8.8d) →56Co (111d)→56Fe)

• Supernovae can have absolute visual magnitudes of  V=-17 tot -19
• The brightness of galaxy nuclei or small galaxies as a whole!



Spectroscopy of supernovae
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• Around 1941: two basic types of supernovae (Rudolph Minkowski):
1. Type I: no hydrogen lines in spectrum
2. Type II: hydrogen absorption lines clearly detected (H-alpha, Balmer lines) 

• Later: more and more subclassifications
• Type I & II used till ~1985 
• Late time spectra: emission lines = optically thin spectrum → “nebular phase”

After  1 Week After  5 months

Rudolph Minkowski
(1885-1976)



Modern supernova classification
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• We now know that there are two very fundamentally different types of SN explosions: 
• Core collapse supernovae:  explosion of massive star/nucleus forms a neutron star (or 

black hole?)
• Thermonucleair supernovae (or Type Ia): exploding carbon-oxygen white dwarfs

• Type II, IIb, Ib, Ic:  core collapse SNe but hydrogen (& He for Ic) enveloped removed



SN spectra
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Light curve shapes of different SN types
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8 CHAPTER 2. SUPERNOVAE

Figure 2.5:
fig:sn_lightcurves

Examples of light curves of various types of supernovae. Note that there
is some uncertainty about the absolute magnitude due uncertainties in the distance
modulus and extinction, and there are uncertainties about the explosion dates. (Data:
SN1980K [486], SN1994D [169], SN2004et [487], SN2008ax [562].)

variety in mass loss properties of massive stars prior to the supernova explosion. The
mass loss properties itself are dependent on the main sequence mass of the progeni-
tor (more massive stars will lose more mass through winds), metallicity, and binary
interaction, in case the progenitors are part of binary system.

All this only applies to core-collapse supernovae, and makes that Type Ia super-
novaestand apart, in that these are firmly associated with the aforementioned thermonu-
clear supernovae. As a result the name Type Ia supernova has become a synonym for
thermonuclear supernova. As already noted by Minkowski, SNe Ia, are more homoge-
neous as a class than the various types of core-collapse supernovae. Nevertheless, as
the catalogue of detected SNe Ia has been growing the variety among them has become
more apparent.

2.1.2 Supernova light curve classification
All the different spectral types are illustrated in Fig. 2.4. Apart from spectroscopic
differences, supernovae are subdivided according to their light curves (Fig. ??). A
common subdivision of Type II supernovae, is based on the light curve, with SN IIP
(for plateau) having a distinct plateau in their light curve after the peak brightness,
whereas Type IIL (for linear) have a faster luminosity decline.

The light curves of supernovae are large determined by the explosion energy, pro-
viding the initial expansion, the amount of radio-active 56Ni (and its daughter product
56Co), which provides the most important source of energy for the light curve around its
peak luminosity and beyond, and the amount of mass in the ejected envelope. The lat-
ter determines how fast the heat provided by radio-active elements reaches the photos-

•Light curve shapes determined by: 
•Explosion energy 
•Amount of radioactive material (56Ni) -> peak brightness and tail 

•Type Ia: 0.5-1 Msun of 56Ni! 
•Explosion mass: more massive -> radiation leaks out slower, broader peak 
•Plateau (IIP): more extended stellar envelopes



Photosphere
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optically thick

optically thinvmax

vphotosphere < vmax

• As the hot supernova material expands and cools adiabatically
• gas becomes optically thin (transparant)
• velocity of SN appears to go down (outer layer: ~20,000, inner: ~5000 km/s)
• in reality we are just looking more and more to the inside of the supernova
• By observing for a long time we scan all supernova layers

• Layer for which optical thickness  𝛕=1 (I=I0 exp(-𝛕)) is called the photosphere
• Once completely optically thin: nebular spectrum (emission lines, instead of abs. lines)
• Expansion implies: adiabatic cooling
• Heating: radio-activity



In which galaxies do SNe occur?
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Spiral galaxies:
●All types of supernovae
●Stellar populations: 
●young (blue) & old (red)

●Milky Way: ± 2-3 supernovae per century

Elliptical galaxies:
●Only Type I(a)
●Stellar population: old

http://apod.nasa.gov/apod/ap040718.html


Progenitors of core collapse SNe (II, Ibc)
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Helium burning  (T = 0.2 x109 K)
         3 x 4He →  12C + γ     (“triple α reaction”)
         12C + 4He →  16O + γ 
Carbon burning (T = 2 x109 K)
            12C + 12C →  20Ne + 4He 
Neon burning     (T = 2 x109 K)
         20Ne +  →  16O +  4He 
Oxygen burning (T = 3.6 x109 K)
           16O+ 16O → 28Si + 4He
Silicon burning  (T = 5 x109 K)
       28Si + 4He → 32S
       32S  + 4He →  32Ar  ,etc. 
 Important product 56Ni  (→  56Fe)  



From implosion to explosion
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40 H.-Th. Janka et al. / Physics Reports 442 (2007) 38–74

Fig. 1. Schematic representation of the evolutionary stages from stellar core collapse through the onset of the supernova explosion to the neutrino-driven
wind during the neutrino-cooling phase of the proto-neutron star (PNS). The panels display the dynamical conditions in their upper half, with arrows
representing velocity vectors. The nuclear composition as well as the nuclear and weak processes are indicated in the lower half of each panel. The
horizontal axis gives mass information. MCh means the Chandrasekhar mass and Mhc the mass of the subsonically collapsing, homologous inner
core. The vertical axis shows corresponding radii, with RFe, Rs, Rg, Rns, and R! being the iron core radius, shock radius, gain radius, neutron star
radius, and neutrinosphere, respectively. The PNS has maximum densities " above the saturation density of nuclear matter ("0).

• The “stiffening” of the core into a  
proto-neutron star leads to shock 
formation

• Early idea: shock induces explosion
• Computer simulations: 

• shock stalls
• neutrino absorptions may revive 

shock
• But: computer simulations have 

difficulties showing a full explosion
• Uncertainties:

• Neutrino physics
• Role of rotation and magnetic 

fields



Standing Accretion Shock Instability
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46 H.-Th. Janka et al. / Physics Reports 442 (2007) 38 – 74

Fig. 4. Four stages (at postbounce times of 141.1, 175.2, 200.1, and 225.7 ms) during the evolution of a (non-rotating), exploding two-dimensional
11.2M⊙ model [12], visualized in terms of the entropy. The scale is in km and the entropies per nucleon vary from about 5 kB (deep blue), to 10
(green), 15 (red and orange), up to more than 25 kB (bright yellow). The dense neutron star is visible as low-entropy (!5 kB per nucleon) circle
at the center. The computation was performed in spherical coordinates, assuming axial symmetry, and employing the “ray-by-ray plus” variable
Eddington factor technique of Refs. [41,11] for treating ! transport in multi-dimensional supernova simulations. Equatorial symmetry is broken on
large scales soon after bounce, and low-mode hydrodynamic instabilities (convective overturn in combination with the SASI) begin to dominate the
flow between the neutron star and the strongly deformed supernova shock. The model develops a—probably rather weak—explosion, the energy of
which was not determined before the simulation had to be stopped because of CPU time limitations.

due to a dominant l= 1-mode SASI-instability can lead to a large recoil of the newly born neutron star in the direction
opposite to the stronger mass ejection. While about half of the computed models produced small neutron star kicks
with velocities of only around 100 km s−1 or less, the mean value of the recoil velocity was found to be several hundred
kilometers per second and even cases with more than 1000 km s−1 were obtained, in agreement with the measured
proper motions of young pulsars. Three-dimensional simulations have revealed the possibility of an unstable l= 1,
m = 1 spiral SASI mode that can create a strong rotational flow in the vicinity of the accreting neutron star, thus
providing a new mechanism for the generation of neutron star spin [86].

Moreover, the globally asymmetric onset of the explosion with sizable initial shock deformation (axis ratios of more
than 2:1 were obtained) triggers strong hydrodynamic instabilities at the composition interfaces of the progenitor when
the shock propagates outward to the stellar surface. This leads to large-scale element mixing in the exploding star.
Iron-group nuclei, silicon, and oxygen, as well as radioactive isotopes are carried from their production sites near the

• Infall of material on proto-NS gives 
rise to accretion instabilities

• Could help explosions
• May help explain pulsar kicks
• Acronym: SASI



First second in life of NS/SN
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•https://www.youtube.com/watch?v=8BLiCZISwLY



Neutrino emission
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44 H.-Th. Janka et al. / Physics Reports 442 (2007) 38 – 74
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Fig. 2. Luminosity spectra for !e , !̄e , and heavy-lepton neutrinos !x for a spherically symmetric 20 M⊙ model. The spectra are given for an observer
at rest at 400 km for three different postbounce times: shortly after the peak of the !e shock breakout burst 11 ms after bounce, when the shock is near
its maximum radius (around 100 ms p.b.), and at 600 ms after bounce. The lower left panel gives the spectra for a non-exploding model, the lower
right panel for a corresponding simulation in which an explosion was artificially initiated at 230 ms after core bounce, thus stopping the accretion
onto the nascent neutron star. The vertical lines mark the locations of the mean neutrino energies, which are defined as the ratio of energy flux to
number flux, ⟨ϵ⟩ = Le/Ln. Note the similarity of ⟨ϵ!̄e ⟩ and ⟨ϵ!x ⟩ at t= 600 ms (!x stands for muon and tau neutrinos and antineutrinos).

as in the state-of-the-art 1D models), neutrino heating and postshock convection were found to trigger a (probably rather
weak) explosion only in case of an 11.2 M⊙ star ([12]; see Fig. 4). The more massive progenitors investigated in Ref.
[12] had much higher densities and larger binding energies in the shells surrounding the iron core. The ram pressure
associated with the high mass accretion rate of these infalling dense shells damped the shock expansion. Therefore
no explosions were obtained for such stars during the simulated evolution periods of about 300 ms after core bounce,
although a crucial criterion, the ratio of advection timescale to heating timescale,2 indicates that the critical condition
for an explosion was not missed by much (roughly a factor of two in the 2D, 90◦ simulations of Ref. [12]).

The onset of the explosion of the 11.2 M⊙ star was aided by a recently discovered generic instability of the accretion
shock to non-radial deformation. This so-called SASI (standing accretion shock instability; [79]) shows highest growth
rates of the l= 1, 2 modes (i.e., the dipole and quadrupole terms of an expansion in spherical harmonics) and causes a
bipolar sloshing of the shock with pulsational strong expansion and contraction. Since the shock is pushed farther out
and the time matter stays in the heating layer therefore increases, this strengthens the neutrino-energy deposition and
ultimately leads to a globally asymmetric initiation of the explosion. The rapid growth of this instability can be seeded
by the perturbations resulting from the onset of convection in the postshock layer, but occurs also in situations which are

2 This timescale ratio measures the competing influence of two effects. On the one hand, gas accreted by the stalled shock falls (‘is advected’)
inward on a timescale which measures its exposure to neutrino heating. On the other hand, neutrino heating needs a certain time (the heating
timescale) to deposit sufficient energy for matter to become gravitationally unbound [77,78,12].



SN1987A
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•Discovered on 23 February 1987 in the Large Magellanic Cloud (50kpc) 
•Balmer lines: Type II supernova 
•Progenitor(=star before supernova) was known: a blue supergiant 
•Evolution a-typical for Type II SN. 
•Also peak luminosity lower than average Type II (smaller sized star)



Neutrino detection 2 hr before SN1987A
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Kamiokande

Kamiokande detected
12 neutrinos on 23 feb ‘87
Confirmation of neutron star 
formation theory!!



Composition of a core collapse supernova
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Fig. 3 Left: Supernova yields for the most abundant X-ray emitting elements. The squares/black line indi-
cates the mean yield for core collapse supernovae, whereas the circles indicate thermonuclear supernovae
(the W7 deflagration model in red and the WDD2 delayed detonation model in magenta). The model
yields were taken from Iwamoto et al. (1999). Right: Oxygen yield of core collapse supernovae as a func-
tion of main sequence mass. The circles and squares are the predictions of Woosley and Weaver (1995),
the triangles are predictions of Chieffi and Limongi (2004), and the crosses of Thielemann et al. (1996).
In general the oxygen yields obtained by the various groups are very similar, but above 30 M⊙ one sees
that certain models (Woosley and Weaver 1995, using 1051 erg explosion energies) predict a diminishing
oxygen yield. The reason is that above 30 M⊙ stellar cores may collapse into black holes, and part of the
oxygen falls onto the black hole. The amount of fall-back is governed by the explosion energy and the
amount of pre-supernova mass loss, but it is also sensitive to the numerical treatment of the explosion

the supernova light curve. The yields of these elements depend sensitively on the
details of the explosion, such as the mass cut (the boundary between material that
accretes on the neutron star and material that is ejected), explosion energy, and ex-
plosion asymmetry. Since the mass of the neutron star/black hole, the location of
energy deposition and the presence of asymmetries are not well constrained, the ex-
pected yields of these elements are uncertain, and vary substantially from one set
of models to the other (Fig. 3, Woosley and Weaver 1995; Thielemann et al. 1996;
Chieffi and Limongi 2004).

Overall the yields of core collapse supernovae are dominated by carbon, oxy-
gen, neon and magnesium, which are products of the various stellar burning phases
(e.g. Woosley and Weaver 1995; Thielemann et al. 1996; Chieffi and Limongi 2004).
These yields are a function of the initial mass of the progenitor (Fig. 3). It is for this
reason that oxygen-rich SNRs (Sect. 9.1) are considered to be the remnants of the
most massive stars.

2.2 Thermonuclear supernovae

Type Ia supernovae are generally thought to be thermonuclear explosions of C/O
white dwarfs, i.e. the explosion energy originates from explosive nuclear burning,
rather than from gravitational energy liberated during the collapse of a stellar core.

Although there is some variation in peak brightness of Type Ia supernovae,
the variation is much less than that of Type II supernovae. This is in line with
the idea that all Type Ia supernovae are explosions of similar objects: C/O white
dwarfs with masses close to the Chandrasekhar limit (1.38 M⊙). Moreover, an
empirical relation exists between their peak brightness and the post peak decline

• SN material layered according to late shell burning stages
• During explosion: additional nucleosynthese near core
• Iron (and nickel) in supernova not from core, but formed during explosion
• Core collapse  SNe:  oxygen rich
• Oxygen scales with mass on main sequence
• M>25Msun: uncertainty due possible BH formation



Radio supernovae
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resolved from SN 1993J, and that their calibrator B0954+658 is
clearly variable. However, they have done their best to remove
such effects and estimate that 5% ‘‘is a good estimate of the un-
certainty in the observations.’’ Because of our knowledge of the
uncertainties of observations with the VLA at 2 cm wavelength,
and our decision to use a standard minimum error of 7.5% in
equation (1) at that wavelength, we have chosen to assign a 10%
error to all Cambridge data to additionally account for possible
systematic effects between the two telescopes and the two different
secondary calibrators. Such a valuemaywell be too conservative

but because of the large number of multifrequency points in the
data set, the assumption of possibly too large errors for the Cam-
bridge data does not affect any of our fits or conclusions.

3. RADIO SUPERNOVA MODELS

All known RSNe appear to share common properties of (1)
nonthermal synchrotron emission with high brightness tempera-
ture; (2) a decrease in absorption with time, resulting in a smooth
turn-on first at shorter wavelengths and later at longer wave-
lengths; (3) a power-law decline of the flux density with time at

Fig. 1.—Radio light curves for SN 1993J, plotted from left to right and top to bottom at 0.3, 1.2, 2, 3.6, 6, 20, 49, and 90 cm. The solid lines represent the best-fit ‘‘pure’’
synchrotron self-absorption (SSA) model as described in the text with the parameters listed in Table 4, col. (2), and an exponential flux density decline after day 3100 with
an e-folding time of 1100 days. The extrapolation of the best-fit model curves without the exponential roll-off is shown as the dotted lines. Upper limits (3 !) are shown as
open inverted triangles.

WEILER ET AL.1966 Vol. 671

H.-U. Zimmermann and B. Aschenbach: XMM-Newton observation of SN 1993J in M 81 971

Table 1. Selected best fit parameters of di↵erent models. 2vmekal is a 2-component thermal model with variable element abundances, 2vmekal1
is the same model but with identical element abundances for the 2 temperature components, and vsedov is a shock model with variable
abundances.

Instrument Model kT1[keV] kT2[keV] NH1[1022 cm�2] NH2[1022 cm�2] d.o.f. �2r
PN 2vmekal 0.34+0.05�0.03 6.54+4�4 0.55 ± 0.21 0.33 ± 1.80 360 0.90
PN 2vmekal1 0.35+0.04�0.04 4.24+3.8�1.8 0.45 ± 0.13 0.18 ± 0.75 371 0.94
PN vsedov 0.51 ± 0.04 7.0 ± 0.2 0.17 ± 0.037 376 1.01
MOS2 2vmekal 0.59+0.03�0.04 3.48+1.2�1.2 0.25 ± 0.25 0.0 ± 0.54 113 1.25
PN+MOS2 2vmekal 0.33+0.46�0.46 4.09+1.2�1.2 0.59 ± 0.25 0.2 ± 0.8 505 0.99

Fig. 1. XMM-Newton spectrum as observed with the PN camera and
the best fit thermal 2-component model with kT1 = 0.34 keV and
kT2 = 6.54 keV. The dashed curves show the low and high temperature
component.

abundances of Fe, Ca and Ar. Due to this dependence, all the
element abundances in the fits have errors typically much larger
than the parameter values themselves.Therefore, the abundance
values should be considered with caution.

One major di�culty with fitting the vsedov model is its
enormous demands on computational power. It is therefore dif-
ficult to properly scan the parameter space. In the vsedovmodel
the best fit temperatures are somewhat higher than those in the
vmekal models. The fit requires additional intrinsic absorption.
The lines at higher energies are not very well reproduced by the
model.

5. Discussion
How do the X-ray observations fit into the scenario for
SN 1993J ?

5.1. Earlier X-ray spectra

We have reevaluated the ROSAT data in a homogeneous way
(Zimmermann et al. 1997) and fitted the spectra with a thermal
1-component model (vmekal in XSPEC) where the element
abundances were fixed to either solar or to the values obtained
from a similar fit to the XMM-Newton PN spectrum. Due to the
high temperatures in the early ROSAT observations there is al-
most no di↵erence between fitting either solar or XMM-Newton

Table 2. Best fit element abundance values from the fit to the PN
camera data.

EL. 2vmekal T1 2vmekal T2 2vmekal1 MOS2 T1 vsedov
He 15 ± 95 0.1 ± 273 0.3 ± 12 0.0 ± 156 259 ± 4881
C 0.0 ± 172 - 0.0 ± 0.1 0.0 ± 156 0.0±
N 0.0 ± 172 - 140 ± 553 212 ± 1908 6.5 ± 120
O 0.15 ± 1.1 - 0.2 ± 0.9 0.0 ± 10 1.1 ± 20
Ne 2.0 ± 11 0.0± 2.5 ± 10 0.0 ± 14 4.0 ± 75
Mg 0.4 ± 2.6 47 ± 4531 0.2 ± 1.0 2.0 ± 16 6.4 ± 119
Al 0.0± 103 ± 10000 0.0± 13 ± 104 -
Si 3.6 ± 20 20 ± 1930 4.7 ± 20 3.7 ± 30 7.0 ± 131
S 15 ± 85 10 ± 968 8.4 ± 35 8.2 ± 68 0.5 ± 10
Ar 132 ± 736 18 ± 1777 16 ± 68 0.6 ± 43 5.8±
Ca 95 ± 541 3.7 ± 357 11 ± 46 18 ± 169 0.0 ± 21
Fe 1.1 ± 5.9 1.3 ± 121 1.0 ± 4.0 1.8 ± 15 4.8 ± 90

based element abundances. In the November 1993 measure-
ments the fit with the thermal model and solar abundances
turned out to be poor but improves significantly (see Table 3)
with the XMM-Newton based element abundances.

The first ROSAT PSPC spectra only allow us to set a
lower limit of >17 keV for the temperature of a thermal
bremsstrahlung, a Raymond & Smith or a mekal model. From
the ASCA measurements, a lower limit of >10 keV was re-
ported. Around the same time the hard X-ray instrument OSSE
on the GRO satellite determined a temperature of 82+61�29 keV at
day 10 to 15 and, statistically already very weak, of 74+120�40 keV
about 1 month after the event (Leising et al. 1994). ROSAT
measurements half a year later (Zimmermann et al. 1993d,
1994a) revealed a strong decrease from the initial high temper-
atures to temperatures around 1 keV. An ASCA measurement
(Uno et al. 2002) confirmed the strong temperature drop.

In terms of the standard 2-shock model it is suggested that
the observed emission initially originated from the fast for-
ward shock, while emission from the reverse shock region was
blocked at that time by absorbing material due to fast cool-
ing processes in the denser environment. It has been assumed
that the initial absorption disappeared on a time scale of the or-
der of 100 days so that half a year later the measured flux was
then dominated by the emission from the reverse shock region
(Zimmermann et al. 1994b, 1996; Fransson et al. 1996).

Unfortunately the X-ray lightcurve of SN 1993J is not cov-
ered between days 50 and 200, so that the transition from the
forward shock dominance to the reverse shock remains an open
issue.

The Chandra spectrum of May 2000 was fitted by Swartz
et al. (2003) with a 3-component 2vmekal+mekal model. Their
best fit model (kT ’s of 0.35, 1.01, and 6.0 keV) does not fit

Zimmermann & Aschenbach ‘03

In order to discuss the modulation of the brightness
around the ridge, we introduce the following simple param-
eterization. For simplicity, we consider only modulation of
the two-dimensional brightness distribution with p.a. Let l
be the wavenumber of a sinusoidal modulation with p.a. of
the projected shell, such that there are l maxima around the
circumference. We plot the amplitude and phase of the first
three sinusoids with l ¼ 1; 2; 3 at 8.4 GHz, at which fre-
quency the resolution is higher for early epochs, in Figure 7.

At t ¼ 264 days the amplitude of the l ¼ 1 modulation is
quite large and increases further until t ¼ 306 days. It is pos-
sible that this early rise is a resolution effect, since a finite
resolution will tend to suppress the apparent modulation.
After t ¼ 306 days, the l ¼ 1 amplitude falls steadily until
t " 1500 days, which cannot be ascribed to a resolution

effect, but rather reflects the decreasing asymmetry in
brightness illustrated in Figure 6. The l ¼ 2 amplitude
shows a sharp rise at t " 500 days that reflects the develop-
ment of eastern and western hot spots discussed further in
x 3.4 below. At late times the amplitudes of l ¼ 1, 2 and 3
are comparable, reflecting the increased complexity of the
images.

3.2. Uncertainty in the Images

In order to discuss the images in detail, we first elaborate
on the brightness uncertainty in them. The simplest estima-
tor of this uncertainty is the standard deviation of the
brightness in empty regions of the image, which we will call
!bg, and which we list for each image in Table 1. However,
for the reasons detailed below, !bg is likely somewhat of an
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Bietenholz+ 03

●Some CC SNe  show early radio emission:
●SNe shock interaction with dense CSM 

-> heavy mass loss progenitor
●Synchrotron self absorption important
●Often IIb SNe
●Shell can monitored using VLBI
●Radio supernova=very young SNR



No gamma-ray emission from radio SNe yet
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H. Abdalla et al: UL on core-collapse SNe observed with H.E.S.S.
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Ṁ
u10 = 10�5

M�yr �1

5 � H.E.S.S. sensitivity (50hrs)

5 � CTA sensitivity (50hrs)

SN 1993J (t=20d)
t = 20 days
t = 150 days

Fig. 4. Predicted flux above 1 TeV using equation 1 as a function of the distance to the source. Mass-loss rates are given in units of M� yr�1

assuming uw = 10 km s�1 and the parameters described in Section 3.1, for t = 20 days (solid lines) and t = 150 days (dashed lines) after the SN
explosion. The Mass-loss rate is given for each pair of lines of the same color. The expected flux for SN 1993J is computed using equation 1 and
t = 20 days. The CTA sensitivity for a 50 hr long observation is taken from Acharya et al. (2013). The ten ULs on the flux above 1 TeV derived in
this study are also shown (see text).
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●Highest energy (Galactic) cosmic rays may originate from SN/CSM interaction
●Could solve PeVatron problem
●Need to observe SNe few months after explosion
●So far: upper limits -> constraint on the CSM density: ρCSM =

·M
4πr2vw



Thermonucleair supernovae
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• C/O white dwarfs explosion needs to be triggered
• Density in nucleus high enough (e.g. accretion) → nucleus shrinks → nucleair reactions → 

runaway reactions (explosion)
• Around M~1.38 Msun: density in nucleus high enough → explosion

• nucleair reactions cause rise in temperature
• nucleus does not expand, because pressure degenerate (not thermal) → runaway
• most important burning product: C,O → 56Ni
• important decay chains:

• 56Ni →56Co (8.8 d) (electron capture)
• 56Co→ 56Fe (111 d) (electron capture and beta-decay, 19%)

• Nett yield ~0.7Mzon of Fe!
• Supernova ejecta: expanding gas, rich in iron/nickel, silicon and other fresh nucleosynthesis 

products



Type Ia supernovae and cosmology: 
the Phillips relation
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• Type Ia peak magnitude has less variation than Type II SNe
• But variation is even more reduced after application of  Phillips-

relation(1995):
• The peak brightness appears to be linearly correlated with how fast the 

brightness decreases (15 day difference in magnitude from peak)
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independent of the cosmological model. Such information may
be more general and of longer lasting value than constraints on
any single, specific model of dark energy.

FollowingWang&Tegmark (2005; see also Daly &Djorgovski
2004), we transform the gold sample of luminosity distances to
comoving coordinate distances, r zð Þ, as

r zð Þ ¼ 1

2997:9 1þ zð Þ 10
!0=5%5: ð5Þ

To facilitate calculations we assume spatial flatness (as motivated
by theoretical considerations, i.e., that most inflation models pre-
dict !K < 10%5, or by similar resolutions to the ‘‘flatness prob-
lem’’), but the following approach can be generalized to allow for
nontrivial spatial curvature. After sorting the SNe Ia by redshift,
we define the quantity

xi ¼
riþ1 % ri
ziþ1 % zi

; ð6Þ

where the mean value of xi gives an unbiased estimate of the in-
verse of H zð Þ at the redshift, zi. As in Wang & Tegmark (2005),
we flux average the data first (n"z & 1) to remove possible lens-
ing bias. We then calculate the minimum-variance values ofH zð Þ
in three, four, or five even-sized bins across the sample, with n"z
chosen to be 40, 20, or 15, respectively, to achieve the desired
number of bins.

In the top panel of Figure 7 we show sets of three, four, or five
samplings of H zð Þ versus redshift from the gold sample. As seen,
H zð Þ remains well constrained until z & 1:3, beyond which the
SN sample is too sparse to usefully determine H zð Þ. For com-
parison, we show the dynamical model of H zð Þ derived from
H zð Þ2¼ H 2

0 ð!M 1þ z½ (3þ!#Þ with ‘‘concordance’’ values of
!M ¼ 0:29 and !# ¼ 0:71.

In the bottom panel of Figure 7 we show the kinematic quan-
tity ȧ¼ H zð Þ/ 1þ zð Þ versus redshift. In the uncorrelated ȧ ver-
sus redshift space, it is very easy to evaluate the sign of the change
in expansion rate independent of the cosmologicalmodel. For com-
parison we show three simple kinematic models: purely acceler-
ating, decelerating, and coasting, with q zð Þ ) %ä/að Þ/H2 zð Þ ¼
d H%1 zð Þ½ (/dt % 1 ¼ 0:5, %0.5, and 0.0, respectively. We also

show a model with recent acceleration (q0 ¼ %0:6) and previ-
ous deceleration dq/dz ¼ 1:2, where q zð Þ ¼ q0 þ zdq/dz, which
is a good fit to the data.
In Figure 8 we demonstrate the improvement in the measure

of H zð Þ at z > 1 realized from the addition of the new SNe Ia,
presented here, to the sample from R04: we have reduced the un-
certainty of H zð Þ at z > 1 from just over 50% to just under 20%.20

We also repeated the analysis of R04 in which the deceleration
parameter, q zð Þ ) %ä/að Þ/H 2 zð Þ ¼ d H%1 zð Þ½ (/dt % 1, is param-
eterized by q zð Þ ¼ q0 þ zdq/dz and determined from the data
and equation (5). As in R04, we find that the gold set strongly
favors a universe with recent acceleration (q0 < 0) and previous

Fig. 6.—MLCS2k2 SN Ia Hubble diagram. SNe Ia from ground-based dis-
coveries in the gold sample are shown as diamonds, HST-discovered SNe Ia are
shown as filled symbols. Overplotted is the best fit for a flat cosmology: !M ¼
0:27, !# ¼ 0:73. Inset: Residual Hubble diagram and models after subtracting
empty universe model. The gold sample is binned in equal spans of n"z ¼ 6
where n is the number of SNe in a bin and " z is the redshift range of the bin.

Fig. 7.—Uncorrelated estimates of the expansion history. Following the
method of Wang & Tegmark (2005) we derive 3, 4, or 5 independent measure-
ments of H zð Þ from the gold sample using n"z ¼ 40, 20, and 15, respectively.
The bottom panel shows the derived quantity ȧversus redshift. In this plane a pos-
itive or negative sign of the slope of the data indicates deceleration or acceleration
of the expansion, respectively.

Fig. 8.—Same as top panel of Fig. 7 comparing the improvement to the high-
est redshift measure of H zð Þ due only to the newest HST data, i.e., since R04.

20 Monte Carlo simulations of the determination of uncorrelated components
of H zð Þ show that the increase in precision proceeds as approximately n2=3, sig-
nificantly faster than n1=2, where n is the number of SNe due to the rate of increase
in unique pairs of SNe.

RIESS ET AL.110 Vol. 659

• Phillip’s discovery made it possible to use Type Ia SNe as “standard 
candles” te gebruiken

• This resulted in the discovery that the Universe accelerates
• Nobel-price 2011 for Perlmutter, Riess, Schmidt

Riess et al 2007

Type Ia supernovae and cosmology: 
the Phillips relation



What kind of white dwarf binaries make SNe Ia?

 27

• There is a controversy about the types of systems that make Type Ia supernovae
• Two basic scenarios:

• “single degenerate channel”: CO white dwarf accretes from “normal” star
• “double degenerate channel”: merging of two CO white dwarfs

• Problems:
• single degenerate: 

• no proof for surviving donor stars inside Type Ia supernova remnants
• no proof for interaction of SN shock with the donor star and/or its wind

• double degenerate:
• few good models to check whether this gives Type Ia explosions
• long time scales (>1 Gyr) for two WDs to merge due to gravitational radiation
• fits not well with evidence for “short channel” (100 Myr) of Type Ia after star burst



Differences in composition
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Fig. 3 Left: Supernova yields for the most abundant X-ray emitting elements. The squares/black line indi-
cates the mean yield for core collapse supernovae, whereas the circles indicate thermonuclear supernovae
(the W7 deflagration model in red and the WDD2 delayed detonation model in magenta). The model
yields were taken from Iwamoto et al. (1999). Right: Oxygen yield of core collapse supernovae as a func-
tion of main sequence mass. The circles and squares are the predictions of Woosley and Weaver (1995),
the triangles are predictions of Chieffi and Limongi (2004), and the crosses of Thielemann et al. (1996).
In general the oxygen yields obtained by the various groups are very similar, but above 30 M⊙ one sees
that certain models (Woosley and Weaver 1995, using 1051 erg explosion energies) predict a diminishing
oxygen yield. The reason is that above 30 M⊙ stellar cores may collapse into black holes, and part of the
oxygen falls onto the black hole. The amount of fall-back is governed by the explosion energy and the
amount of pre-supernova mass loss, but it is also sensitive to the numerical treatment of the explosion

the supernova light curve. The yields of these elements depend sensitively on the
details of the explosion, such as the mass cut (the boundary between material that
accretes on the neutron star and material that is ejected), explosion energy, and ex-
plosion asymmetry. Since the mass of the neutron star/black hole, the location of
energy deposition and the presence of asymmetries are not well constrained, the ex-
pected yields of these elements are uncertain, and vary substantially from one set
of models to the other (Fig. 3, Woosley and Weaver 1995; Thielemann et al. 1996;
Chieffi and Limongi 2004).

Overall the yields of core collapse supernovae are dominated by carbon, oxy-
gen, neon and magnesium, which are products of the various stellar burning phases
(e.g. Woosley and Weaver 1995; Thielemann et al. 1996; Chieffi and Limongi 2004).
These yields are a function of the initial mass of the progenitor (Fig. 3). It is for this
reason that oxygen-rich SNRs (Sect. 9.1) are considered to be the remnants of the
most massive stars.

2.2 Thermonuclear supernovae

Type Ia supernovae are generally thought to be thermonuclear explosions of C/O
white dwarfs, i.e. the explosion energy originates from explosive nuclear burning,
rather than from gravitational energy liberated during the collapse of a stellar core.

Although there is some variation in peak brightness of Type Ia supernovae,
the variation is much less than that of Type II supernovae. This is in line with
the idea that all Type Ia supernovae are explosions of similar objects: C/O white
dwarfs with masses close to the Chandrasekhar limit (1.38 M⊙). Moreover, an
empirical relation exists between their peak brightness and the post peak decline

• Color: 2 different Type Ia models
• Black: mean yield of core collapse SNe

No. 2, 1999 NUCLEOSYNTHESIS IN CHANDRASEKHAR MASS MODELS 453

FIG. 19.ÈComposition of WS15DD1 and WS15DD2 against the expansion velocity and M(r)

FIG. 20.ÈComposition of WS15DD3. In the series DD1ÈDD3 we see a
decrease in the total amount of intermediate mass elements (Si-Ca), an
increase in 56Ni, and a change of the ratio between matter experiencing an
alpha-rich freeze-out (indicated by the 58Ni-plateau) and incomplete Si-
burning (54Fe-plateau).

km s~1). The intermediate mass elements at low velocities
are important to observe at late times in order to dis-
tinguish between models. In particular, the minimum veloc-
ity of Ca in WDD models is D4000 km s~1, which would
be higher for a faster deÑagration.

The Ca velocities should be compared with the observed
minimum velocities of Ca indicated by the red edge of the
Ca II H and K absorption blend (Fisher et al. 1995). The
lowest velocities of O and Mg also provide interesting con-
straints. For example, SNe 1990N, 1992A, and 1991T show
O in the wide velocity range from B10,000È20,000 km s~1
(Leibundgut et al. 1991a ; Je†ery et al. 1992 ; Mazzali et al.
1993 ; Kirshner et al. 1993). For W7 and WDDs, the
minimum velocity O is 12,000È15,000 km s~1. The observed
O velocity as low as 10,000 km s~1 may indicate a mixing of
O in the velocity space.

Meikle et al. (1996) have observed a P CygÈ like feature at
D1.05/1.08 km in SN 1994D and 1991T. They note that, if
this feature is due to He, He in SN 1994D is likely to be
formed in an alpha-rich freeze-out and mixed out to the
high-velocity layers (D12,000 km s~1). The maximum
velocity of He is 5000È 6000 km s~1 in WDDs, being slower

FIG. 21.ÈComposition of CS15DD1 and CS15DD2. The outer layers a†ected by the detonation behave almost identical to the WSDD series.

Type Ia explosion-model by Iwamoto ‘99

•Single WD explosion: multiple explosion models 
•Detonation (discarded now) 
•Deflagration 
•Delayed detonation 



Accretion problem:

 29!Menv of our steady state models because of the lower entropy
in the former for a given M and Ṁ .

The stability of our steady state models is consistent with
previous computations for long-term evolution of accreting white
dwarfs. For example, Sion et al. (1979) found that a 1.2M! white
dwarf accreting at a rate 1.03 ; 10"7M! yr"1 gives rise to repet-
itive hydrogen shell flashes, while a 1.3M! white dwarf accret-
ing at 2.71 ; 10"7 M! yr"1 undergoes stable hydrogen burning.
Paczyński & Żytkow (1978) have also shown that for a 0.8 M!
white dwarf, the stability boundary of the hydrogen-burning shell
is located around Ṁ # 10"7 M! yr"1. Consulting Figures 2 and
4, we can confirm that those evolutionary results agree very well
with our results for steady state models.

4. DISCUSSION

4.1. ‘‘Surface Hydrogen Burning’’ Models

Starrfield et al. (2004) wrote that their surface hydrogen burn-
ing models of mass-accreting 1.25 and 1.35 M! white dwarfs
are thermally stable for accretion rates ranging from 1.6 ; 10"9

to 8.0 ; 10"7 M! yr"1. The stability properties of our steady
state models, however, differ from those of their models. Our
models indicate that the hydrogen-burning shell in the 1.35 M!
model is thermally unstable if the accretion rate is less than 2.5 ;
10"7 M! yr"1 (2.1 ; 10"7 M! yr"1 for 1.25 M!; Fig. 2).

Starrfield et al. (2004) also wrote that the mass accretion onto
the hot white dwarf just after a nova explosion leads to stable
surface hydrogen burning. However, the time-dependent calcu-

lations by Prialnik & Kovetz (1995) indicate that hydrogen ac-
cretion onto hot white dwarfs with interior temperatures of
(1Y5) ; 107 K leads to a shell flash for M = 0.65Y1.4 M!.
In addition to the difference in stability properties, the radii

of Starrfield et al.’s models tend to be smaller than those of our
models (Fig. 5 below). In particular, their highest luminosity
model (M = 1.35 M! and Ṁ = 8 ; 10"7 M! yr"1) has a white
dwarf size, while our results indicate that such a high accretion
rate should produce a star of red giant size (Fig. 4).
These discrepancies are caused by the extremely coarse zon-

ing adopted in Starrfield et al.’s computations. Starrfield et al.
(2004) adopted a surface zone mass of 10"5 M!, which is much
larger than the entire envelope mass of the steady state models
withM = 1.35M! andM = 1.25M!, as seen in Figures 2 and 4.
This means that the envelope of the ‘‘surface hydrogen burning’’
model is approximated by a single zone having a single temper-
ature and density. Furthermore, the ‘‘surface zone’’ is much deeper
than the realistic hydrogen-rich envelope in the steady state model
corresponding to the same white dwarf mass and the accretion
rate.
Table 1 compares the two white dwarf models with M =

1.35 M! accreting hydrogen-rich matter at a rate of Ṁ = 1.6 ;
10"7 M! yr"1. The steady state model calculated in the pres-
ent study has !Menv = 1.4 ; 10"7 M! and log TH(K) = 7.98
(fourth column). For the model in the rightmost column, the mass
of the hydrogen-rich envelope was artificially set to be!Menv =
10"5 M!, which is the same as the ‘‘surface zone mass’’ adopted
by Starrfield et al. (2004). According to equation (9) and T4

H /
PH / !Menv, the temperature at the burning shell [log TH(K) =
8.41] is much higher than those of the steady state models.
Such a high temperature is comparable to that of the surface

zone of Starrfield et al. (2004), fromwhich we see the reasonwhy
they obtained a very high temperature at the ‘‘surface zone.’’ They
treated the envelope between the region of log (1" q) # ("5) "
("22) with a single mass zone, while our steady state models re-
solve the H-rich envelope with #50 mass zones. Obviously, the
zoning adopted by Starrfield et al. is too coarse to obtain a phys-
ically realistic stellar model.
In the heavy-envelope model, the temperature at the hydrogen-

burning shell is so high that all accreted hydrogen burns in one
typical time step to compute mass accretion, as Starrfield et al.
(2004) state: ‘‘it takes less time than the time step (#2 ; 106 s)
for all the infalling hydrogen to burn to helium in this zone.’’ In
this case, the nuclear energy generation rate !n is determined not
by the temperature-dependent nuclear reaction rate but by the
supply rate of nuclear fuel, as

!n ¼
XQṀ

!Menv
: ð10Þ

Despite a temperature as high as log T(K) = 8.41, the energy
generation rate thus determined is !n = 2.2 ; 109 ergs g"1 s"1,
which is much lower than the "-limited reaction rate of the hot
CNO cycle, !" = 6 ; 1013(XCNO/0.01) ergs g"1 s"1. Because
XQṀ /!Menv is constant, being independent of the temperature,
the nuclear burning is stable; it is also steady, as expressed by
equation (1). In other words, the assumed envelope mass!Menv

is too large and hence the temperature at the nuclear burning shell
is too high for the mass accretion rates they assumed. All the ac-
creted hydrogen-rich matter should have been consumed long
before being pushed into a layer as deep asM " Mr # 10"5 M!
(Nariai et al. 1980).

Fig. 4.—Properties of H-burning shells in accreting white dwarfs, shown in
the plane of white dwarf massM vs. accretion rate Ṁ . If the accretion rate is lower
than Ṁstable (solid line), H-burning shells are thermally unstable. Dashed lines
trace the loci of the envelope mass!Menv (M!). For givenM and Ṁ , the envelope
masses of these steady state models are smaller than the envelope masses of the
‘‘ignition’’ models shown in Fig. 9 of Nomoto (1982) because of the higher
entropy in the steady state models compared with the ‘‘ignition’’ models (see text
for more details). In the area between the solid (Ṁstable) and dash-dotted (ṀRG)
lines, the H-burning shell burns steadily and the star is located around the ‘‘knee’’
or the horizontal branch on a steady statewhite dwarfmodel locus.Above the dash-
dotted line for ṀRG, the stellar envelope has expanded to red giant size and a strong
wind occurs. The dotted line indicates the Eddington accretion rate ṀEdd as a
function ofM.

NOMOTO ET AL.1274 Vol. 663

•Nomoto (o.a. 2007): Stable accretion onto white dwarf only possible in narrow 
accretion rate  (dM/dt ≈10-7 Msun/yr) 

•Lower accretione: H/He layer builts up  before explosion: probably more ejection than 
accretion (denkt men) 

•Higher accretion rate: an extended envelope develops or collapse to neutron star 
•Problem: only a small fraction of WD will accrete just in the right regime (fine-tuning 

problem). Hence not enough systems can make SN Ia

Nomoto 2007



Proof against single degenerate channel I

 30

LETTERS

An upper limit on the contribution of accreting white
dwarfs to the type Ia supernova rate
Marat Gilfanov1,2 & Ákos Bogdán1

There is wide agreement that type Ia supernovae (used as standard
candles for cosmology) are associated with the thermonuclear
explosions of white dwarf stars1,2. The nuclear runaway that leads
to the explosion could start in a white dwarf gradually accumulating
matter from a companion star until it reaches the Chandrasekhar
limit3, or could be triggered by the merger of two white dwarfs in a
compact binary system4,5. The X-ray signatures of these two possible
paths are very different. Whereas no strong electromagnetic emis-
sion is expected in the merger scenario until shortly before the
supernova, the white dwarf accreting material from the normal star
becomes a source of copious X-rays for about 107 years before the
explosion. This offers a means of determining which path domi-
nates. Here we report that the observed X-ray flux from six nearby
elliptical galaxies and galaxy bulges is a factor of 30–50 less than
predicted in the accretion scenario, based upon an estimate of the
supernova rate from their K-band luminosities. We conclude that
no more than about five per cent of type Ia supernovae in early-type
galaxies can be produced by white dwarfs in accreting binary
systems, unless their progenitors are much younger than the bulk
of the stellar population in these galaxies, or explosions of sub-
Chandrasekhar white dwarfs make a significant contribution to
the supernova rate.

The maximum possible mass of a carbon–oxygen white dwarf
formed through standard stellar evolution cannot exceed about
1:1{1:2M8 (ref. 6), where M8 is the solar mass. Although the nuclear
detonation can start below the Chandrasekhar mass (about 1:38M8),
sub-Chandrasekhar models have so far failed to reproduce observed
properties7,8 of type Ia supernovae, despite continuing effort9. So the
white dwarf needs to accrete at least 0:2M8 of matter before the super-
nova explosion occurs.

As accreted material accumulates on the white dwarf surface, hydro-
gen shell burning is ignited, converting hydrogen to helium and,
possibly, further to carbon and oxygen. Depending on the mass accre-
tion rate _MM , burning may proceed either in a (quasi-) steady regime or
explosively, giving rise to classical nova events10. Because mass is lost in
nova outbursts11, the white dwarf does not grow if nuclear burning is
unstable. For this reason the steady burning regime is strongly
preferred by the accretion scenario2, limiting the range of the mass
accretion rate relevant to the problem of type Ia supernovae progenitors
to _MM > 10{7M8 per year. In this regime, energy of hydrogen fusion is
released in the form of electromagnetic radiation, with nuclear lumino-
sity of LWD~!HX _MM<1037erg s{1 , where !H<6 | 1018erg g{1 is
energy release per unit mass and X is the hydrogen mass fraction (we
assume the solar value of X 5 0.72). The nuclear luminosity exceeds by
more than an order of magnitude the gravitational energy of accretion
and maintains the effective temperature Teff of the white dwarf surface
at the level defined by the Stefan–Boltzmann law:

Tef f <45 _MM
!

10{7M8 yr{1
" #1=4

RWD

!
10{2R8

" #{1=2
eV ð1Þ

The blackbody spectrum of this temperature peaks in the soft X-ray
band and is therefore prone to absorption by interstellar gas and dust,
especially at the lower end of the temperature range. Because the white
dwarf radius RWD decreases with its mass12, Teff increases as the white
dwarf approaches the Chandrasekhar limit: the signal, detectable at
X-ray wavelengths, will be dominated by the most massive white dwarfs.
Such sources are indeed observed in the Milky Way and nearby galaxies
and are known as super-soft sources13.

The type Ia supernova rate _NN SNIa scales with stellar mass and,
hence, with the near-infrared luminosity of the host galaxy14. The
scale factor is calibrated through extensive observations of nearby
galaxies and for E/S0 galaxies equals14 _NN SNIa

!
LK<3:5 |10{4per

year per 1010LK,8, corresponding to one supernova every few hun-
dred years for a typical galaxy. (LK is the K-band luminosity.) If the
white dwarf mass increases at a rate _MM , a population of

NWD<
DM
_MM Dth i

<
DM

_MM
_NN SNIa ð2Þ

accreting white dwarfs is needed for one supernova to explode on

average every Dth i~ _NN
{1

SNIa years (whereDM is the difference between
the Chandrasekhar mass and the initial white dwarf mass). With
_MM<10{7{10{6M8 per year, for a typical galaxy, NWD is a few

hundreds or thousands—the accretion scenario predicts a numerous
population of accreting white dwarfs. The brightest and hottest of
them may reveal themselves as super-soft sources15, but the vast
majority must remain unresolved or hidden from the observer, for
example by interstellar absorption. The combined nuclear lumi-
nosity of this ‘sea’ of accreting white dwarfs is

Ltot~LWD|NWD~!XDM _NN SNIa ð3Þ
Unlike the number of sources, the luminosity allows an accurate
account for absorption and bolometric corrections and therefore a
quantitative comparison with observations can be made.

We therefore collected archival data of X-ray (Chandra) and near-
infrared (Spitzer and 2MASS) observations of several nearby gas-poor
elliptical galaxies and for the bulge of M31 (Table 1). Using K-band
measurements to predict the type Ia supernova rates, we computed the
combined X-ray luminosities of type Ia supernova progenitors, based
on a conservative, but plausible, choice of parameters: _MM~10{7M8

per year and an initial white dwarf mass of 1:2M8. The type Ia super-
nova rate was reduced by half to account for the fact that galaxies in our
test sample are somewhat older16 than those used to derive the rate17. In
computing the spectral energy distribution we took into account the
dependence of the effective temperature on the white dwarf mass
according to equation (1), and the effect of the interstellar absorption
(which does not exceed a factor of about 3–4). The X-ray and near-
infrared data was prepared and analysed as described elsewhere18. The
observed X-ray luminosities were not corrected for absorption and
include unresolved emission and emission from resolved compact

1Max Planck Institut für Astrophysik, Karl-Schwarzschild-Strasse 1, 85741 Garching, Germany. 2Space Research Institute, Profsoyuznaya 84/32, 117997 Moscow, Russia.
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•In elliptical galaxies only Type Ia 
•Accretion of progenitors: there should be a soft X-ray glow from accretions that will 

become Type Ia 
•Not enought soft X-ray emission to explain the frequency of SNe Ia
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•In supernova remnant SNR0509-67.5: no surviving donor star 
•Circle indicates search radius

star does not have a Gaussian profile, so we express the allowed posi-
tions as ellipses with a 99.73% probability (that is, 3s) of containing the
position of the ex-companion star. As the proper motion depends on
the nature of the companion, we report ellipses for red giants, sub-
giants and main-sequence stars. Second, for SNR 0509267.5 in par-
ticular, the shell expansion is uniform in all directions except for one
quadrant where the interstellar medium is more dense (as shown by
the excess 24-mm emission seen in the Spitzer image27 from pre-
existing dust swept up by the shell) and so the expansion has recently
slowed down28. This slowing in only one quadrant accounts for the
small observed ellipticity of the shell, from which we can derive the
apparent offset (1.390 6 0.140 along a line 18u6 3u south of west)
between the observed geometric centre of the shell and the site of
the supernova explosion. Last, our derived best estimate for the site
of the explosion is right ascension 05 h 09 min 30.976 s, declina-
tion 267u 319 17.900 (J2000). The error ellipse is nearly circular,
with a conservative radius of 1.430 for a maximal proper motion
(390 km s21), a maximal age for the remnant (550 years) and for
99.73% (3s) containment. (See Supplementary Information section
3 for details.)

The error circle is completely empty of all visible point sources down
to the deep limits of HST. Importantly, there are no red giant or
subgiant stars in or near the circle. (Red giants and subgiants can be
confidently recognized by their position above the main sequence in
the colour–magnitude diagram.) The nearest red giant (star O in
Fig. 1) is 7.40 from the centre, while the nearest subgiant star (star
N) is 5.80 from the centre. The nearest star brighter than V 5 22.7 mag
(star K), that is, the nearest possible ex-companion of any type, is 2.90
from the centre. The only source in the circle is an extended faint
nebula, and the excellent angular resolution of the HST allows us to
see that no point source is hidden within the nebula. (This nebula is

probably an irregular galaxy of moderate redshift, but the coincidence
of this nebula with the site of the supernova suggests that its origin
might be associated with the explosion, as discussed in Supplementary
Information section 4.) The error circle is empty of point sources to a
limiting magnitude of V 5 26.9 mag (at the 5s level). This requires that
any ex-companion be less luminous than MV 5 18.4 mag.

Our new limit can be compared to the expected presence of ex-
companion stars for the various single-degenerate models (see Table 1).
There is no red giant star in or near the error circle, and this is strongly
inconsistent with the symbiotic progenitor model. There is no red giant
or sub-giant star in or near the error circle, and this is strongly in-
consistent with the recurrent nova, helium star and spin-up/spin-down
progenitor models. There is no star brighter than V 5 22.7 mag in or
near the error circle, and this is strongly inconsistent with the supersoft
source progenitor model. The lack of any possible ex-companion star to
MV 5 18.4 mag rules out all published single-degenerate progenitor
models. With all single-degenerate models eliminated, the only remain-
ing progenitor model for SNR 0509267.5 is the double-degenerate
model.

O

A K
F HG

L
I

C
B
ED

J

M

15″

N

Figure 1 | SNR 0509267.5 and the extreme 99.73% error circle. This is a
composite HST image: the Ha image was taken with the WFPC2 over three
orbits in November 2007 with a total of 5,000 s of exposure; the B, V and I
images were taken with the WFC3 over two orbits in November 2010 with
1,010, 696 and 800 s exposure, respectively. North is up and east is to the left.
These HST data were processed and combined with standard PYRAF and IRAF
procedures. The figure shows a combination of all four filters, with the
remarkably smooth Ha shell visible. The error circle (solid line, at centre of
image; with 1.430 radius) is the extreme 99.73% region (3s), where to be on the
edge the ex-companion star must be a main sequence star with the minimum
possible mass for any published model (1.16 solar masses), the velocity must be
entirely perpendicular to the line of sight, the age of the supernova remnant
must be pushed to the 3s highest possible value (550 years), and the
measurement error for the remnant’s geometric centre must be pushed to the
3s extreme. The only source inside the error circle is a nebulous object that
looks like a background galaxy, however the location of this object at the centre
suggests it might be related to the supernova event (see Supplementary
Information section 4). There are no stars within the extreme error circle to
V 5 26.9 mag, which corresponds to an absolute magnitude of MV 5 18.4 mag
in the LMC. All published models for single-degenerate progenitors have the
ex-companion star appearing more luminous than MV 5 14.2 mag
(V 5 22.7 mag in the LMC). In all, our extreme 99.73% error circle is very
conservative, and there is no point source to limits 4.2 mag deeper than possible
for any published model of single-degenerate systems.

Table 2 | Objects near the centre of SNR 0509267.5
Star RA (h min s),

dec. (u 9 0)
H (0) V (mag) I (mag) Comments

A 05 09 30.960,
267 31 16.28

1.7 26.08 6 0.11 24.50 6 0.08 Nearest to error
circle

B 05 09 30.701,
267 31 18.75

1.7 24.82 6 0.04 23.61 6 0.04 …

C 05 09 30.753,
267 31 16.63

1.9 26.30 6 0.13 24.77 6 0.09 …

D 05 09 30.916,
267 31 19.91

2.0 24.02 6 0.03 22.98 6 0.03 …

E 05 09 30.660,
267 31 19.07

2.1 23.99 6 0.02 23.05 6 0.03 …

F 05 09 30.824,
267 31 16.03

2.1 23.30 6 0.02 22.53 6 0.02 …

G 05 09 31.212,
267 31 16.30

2.2 25.36 6 0.06 23.76 6 0.04 …

H 05 09 30.712,
267 31 16.01

2.5 22.87 6 0.01 22.06 6 0.02 …

I 05 09 30.581,
267 31 16.74

2.6 26.57 6 0.15 24.72 6 0.08 …

J 05 09 31.454,
267 31 17.21

2.9 25.84 6 0.09 24.43 6 0.07 …

K 05 09 30.824,
267 31 15.20

2.9 22.55 6 0.01 21.86 6 0.01 Nearest V , 22.7

L 05 09 31.299,
267 31 15.72

2.9 20.56 6 0.01 20.07 6 0.01 …

M 05 09 31.837,
267 31 19.61

5.2 24.26 6 0.03 21.00 6 0.01 Very red star

N 05 09 31.604,
267 31 22.54

5.8 20.92 6 0.01 19.87 6 0.01 Nearest subgiant

O 05 09 31.586,
267 31 11.49

7.4 18.75 6 0.01 17.68 6 0.01 Nearest red giant

The first column lists a letter name for each star for identification. The stars are labelled in Fig. 1 with the
letter placed to the immediate right of the star. The ordering is based on radial distance from the centre
of the error circle. The second column gives the position for each star; RA, right ascension; dec.,
declination (J2000). The third column gives the angular distance, H, from the centre of the error circle to
the star. All stars with H , 3.00 are included, for the limiting magnitude of V 5 26.9 mag. Importantly,
there are no stars within the extreme 99.73% error ellipse (H , 1.430). Three additional stars of interest
with H . 3.00 are added. The next two columns are the V and I magnitudes (with 1s uncertainties),
followed by a column for comments.

LETTER RESEARCH

1 2 J A N U A R Y 2 0 1 2 | V O L 4 8 1 | N A T U R E | 1 6 5

Macmillan Publishers Limited. All rights reserved©2012
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Figure 1
Hertzsprung-Russell diagram (absolute V magnitude versus effective temperature) showing the 2σ upper
limits (thick yellow line) on the presence of progenitors in pre-explosion Hubble Space Telescope images of SN
2011fe in M101, from Li et al. (2011a). Also shown are theoretical evolution tracks of isolated stars with a
range of masses, theoretical location of a SD He-star donor, and location on the diagram of several known
recurrent novae. The data rule out red giants, and any evolved star more massive than 3.5 M⊙, as well as the
recurrent nova systems above the limit. Gray curve is the corresponding limit by Maoz & Mannucci (2008)
for the more distant SN 2006dd. Reproduced by permission of Nature publishing group.

However, there is only one known case, CAL 83, of a supersoft X-ray source that has a detected
ionization nebula, whereas nine others that have been searched for such extended line emission
have yielded only upper limits, at luminosity levels an order of magnitude lower than that of
CAL 83 (Remillard, Rappaport & Macri 1995). Furthermore, the X-ray luminosity of CAL 83
is Lx = 3 × 1037 erg s−1, but its HeII line luminosity is only LHeII ≈ 2 × 1033 erg s−1, an order
of magnitude below model expectations (Gruyters et al. 2012). Contrary to the Hα and [OIII]
emission, which is roughly symmetrical around the source, the HeII emission is concentrated on
one side within ∼1 pc. The reasons for the discrepancy between the observed supersoft ionization

www.annualreviews.org • Type Ia Supernova Progenitors 123

A
nn

u.
 R

ev
. A

st
ro

n.
 A

st
ro

ph
ys

. 2
01

4.
52

:1
07

-1
70

. D
ow

nl
oa

de
d 

fr
om

 w
w

w
.a

nn
ua

lre
vi

ew
s.o

rg
 A

cc
es

s p
ro

vi
de

d 
by

 U
ni

ve
rs

ite
it 

va
n 

A
m

st
er

da
m

 o
n 

05
/2

2/
19

. F
or

 p
er

so
na

l u
se

 o
nl

y.
 

●Red giant progenitor companions (M>3.5 Msun) excluded

M101



Proof in favor of single degenerate channel I
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•Kepler’s supernova remnant (SN1604): 
•High above Galactic plane (>500 pc) 
•Movement of progenitor out of Milky Way >250  km/s 
•Shock decelerated in the North: pre-supernova stellar material (Vink 2008) 
•At this distance from Milky Way no other origin of material than progenitor 

(Chiotellis, Schure, Vink, 2012) 
•White dwarfs don’t have a stellar wind: a star must have been present

SN1604Chandra

A
&

A
537,A

139
(2012)

Fig. 9. Comparison of the density and the expansion parameter of the five models, from left to right corresponding to: A, B, C, D, and Dsub. The upper row shows the density of the remnant. The
lower panels show the expansion parameter.

A
139,page

10
of12

as fast as the shock velocities inferred from optical spectral and
proper-motion studies in the northwestern region (Blair et al. 1991;
Sankrit et al. 2005) but consistent with the value adopted by Völk
et al. (2005).

Since the shape of the filament has a radius of curvature smaller
than the radius of the remnant, one maywonder in what directions

the filament is actually expanding: is the filament caused by a
blowout, in which case one expects the expansion center to be
closer to the approximate curvature center of the filament, or is the
expansion center close to the geometrical center of the whole
remnant? In order to get some handle on this, I also fitted the ex-
pansion, but leaving the center of expansion as free parameters.
In that case, the best-fit center of expansion was more toward the
west (!J2000 ¼ 17h30m40:77s, "J2000 ¼ "21#29029:4900) than
the adopted center, i.e., opposite of the nonthermal filament. This,
and in addition blinking of the 2000 and 2006 images by eye,
suggests that the curved structure is moving more or less as a
coherent structure rather than expanding from a center close to
the filament. This is reminiscent of the kinematics of a bow shock
structure. The expansion parameter did not change substantially
when the expansion center was treated as a free parameter:
# ¼ 0:67 $ 0:04.

4. DISCUSSION

I have measured the expansion of Kepler’s SNR using archival
Chandra data from observations performed in 2000 and 2006.
These new X-ray expansion measurements largely agree with ex-
pansion measurements based on radio (Dickel et al. 1988) and
optical (Sankrit et al. 2005) measurements. Specifically, the re-
sults confirm that the average expansion parameter is# % 0:5. The
expansion as a function of azimuthal angle shows a clear differ-
ence in expansion rate between the northwestern and other parts
of the remnant, with the northwestern part having an expansion
parameter # % 0:3Y0:4, as also found in the radio (Dickel et al.
1988) and optical (Sankrit et al. 2005), and the other parts having
# % 0:6, in agreement with the radio measurements.

Fig. 6.—Expansion parameter of Kepler’s SNRas a function of azimuthal angle.
The angle is measured from the north in a counterclockwise direction. The differ-
ent colors indicate expansionsmeasured in different energy bands, using the same
color coding as in Fig. 3. The data points have been cyclic, so the data points at
360# repeat those at 0#. The vertical axis on the right indicates the corresponding
expansion time.

Fig. 7.—Left: Detail of the eastern part of Kepler’s SNR, showing in red the mask used for determining the proper motion of the filament, in green the broadband
image, and in blue a smoothed version of the 4Y6 keV image. Right: Emissivity profile of the northern region of the filament, based on the 2006Chandra observations in
the 4Y6 keV band.

KINEMATICS OF KEPLER’S SNR 237No. 1, 2008

Vink 2008

Chiotellis Schure Vink 2012
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The historical light curve of SN 1604

European obs: Walther Baade 1944 
Korean: Stephenson & Green 2002

 34

Figure 6: The light curve of SN 1604 based on the European observations as inter-
preted by Baade (1943, black data points) and the Korean observations collected by
Stephenson and Green (2002, red data points). For comparison the light curves of
several other Type Ia supernovae have been over-plotted. These curves have been
scaled to that of SN 1604, assuming a distance for SN 1604 of 5 kpc and AV = 2.8.
More or less normal Type Ia supernovae light curves have been assigned bluish
colours. See Table 1 for details.
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Proof in favor of single degenerate channel II 
Blueshifted Na D lines
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Figure 6
Spectra of SN 2006X showing time evolution of the NaI D2 absorption feature (a) between days −2 (black),
+14 (red ), and +61 (blue). Individual variable absorption components are labeled A–D. For comparison, the
nonvariable absorptions in the CaII K line (b; only first two epochs) are also shown. The growing absorption
strength is thought to be due to recombining NaII ions in a circumstellar medium ionized earlier by UV
photons from the explosion. The strongly saturated NaI and CaII absorptions come from unrelated
interstellar gas clouds in the disk of the host galaxy. Reprinted from Patat et al. (2007) with permission of
Science magazine.

in the CaII H&K lines (λλ3968, 3933) does not change in strength during the same period.
Figure 6 shows SN 2006X, as an example. At least three of the cases of SNe Ia with time-variable
NaI D absorption belong to the subclass of SNe Ia with “high velocity gradients” (Benetti et al.
2005) (see Section 3.3.4 above). In all four cases the hosts are late-type spirals.

Using order-of-magnitude arguments (Patat et al. 2007) and detailed photoionization
modeling (Simon et al. 2009), the growing NaI D absorption is interpreted as being due to
recombining NaII ions in circumstellar material of density ncsm ∼ 107 cm−3 at distances of
r ∼ 1016 −1017 cm from the explosion, with a total mass of 10−5 to 10−2 M⊙. Estimates of the
UV spectrum and light curve of a SN Ia, based on model templates and extrapolations of the few
SNe Ia with UV data, suggest that the SN flux can ionize NaI atoms (ionization potential 5.1 eV)
out to such distances, but not CaII ions (ionization potential 11.9 eV) for which the required
ionizing photons are orders of magnitude rarer in the SN spectrum. The short recombination
timescale of 10 days further requires a high electron density, which implies a significant hydrogen
ionization fraction and hence limits the distance to the absorbing clouds. In SN 2006X, part of
the NaI D absorption actually weakens again 2 months after maximum light, which Patat et al.
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●Lack of radio/X-ray from circumstellar interaction -> DD scenario
●But some SNe Ia: Na D blueshifted absortpion -> expanding shell

●Could be novae shell!

Patat et al 2007



Proof in favor of single degenerate channel III 
Early bump in light curve

 36

●SN2018oh: detected by Kepler satellite
●Very early light curve!
●Shows early bump -> shock wave heating companion star?

●Predicted by Kasen 2009

Dimitriadis+ 2019

peculiarity is the (relatively) long-lived carbon absorption
features, seen even to about three weeks after the maximum
light and discussed in Li et al. (2018). From all available data,
we conclude that SN 2018oh is a normal SNIa.

3.2. Kepler Light Curve

After the reduction of the SN 2018oh Kepler/K2 light curve
as described in Section 2, which only provides a relative-flux
light curve, we determine the true K2 flux as follows. We use
the uBVgriz photometry (Li et al. 2018), which has been
calibrated to the PS1 system to determine the SN 2018oh flux
as a function of time and wavelength. We then use the “max
model” of the SNooPy65 package (Burns et al. 2015) to
determine the spectral energy distribution (SED) of the SN as a
function of time. This model first fits for the peak flux in each
photometric band by scaling template light curves (Burns et al.
2011) to the data, with the model K-corrections calculated by
warping the Hsiao et al. (2007) SNIa spectral series to match
the observed colors. This approach accounts for assumptions
about host-reddening and the distance to the SN by modeling
the multi-band photometry before determining the K2 magni-
tudes. The best-fit parameters were used to normalize the
mangled spectral series to the observed photometry and to
generate a synthetic SED. As the Burns et al. (2011) method
mangles the spectral series to match the SED in each observer-
frame passband, there is a choice of which passband’s
normalized SED could be used as a model for the K2 band.
We use the V-band as its effective wavelength is closest to that
of the K2 band. After integrating over the K2 passband,
recovering the “synthetic” K2 light curve, we solve for the
absolute zeropoint, using the background-subtracted K2 flux
light curve, interpolated over a range of±3d around the time
of B-band maximum light, where the supernova color evolves
slowly. We estimate ZPK2=25.324±0.004 (statistical). We
find a±0.011 (systematic)mag, systematic uncertainty arising
from the choice of which (observer-frame) passband normal-
ized SED is used to model the synthetic K2 light curve.

We present the SN 2018oh K2 light curve in Figure 2,
normalized to the peak of the light curve, which we estimate by
fitting a polynomial to the data from MJD 58160.0 to 58165.0.
We find that the peak in the K2 band occurs at
MJD 58162.58max

K2 = , ∼0.12days prior to B-band maximum,
with K2 14.401 0.001max = . A portion of the light curve is
presented in Table 2, while the complete data set is available in
the electronic edition.

3.3. Basic Analysis of the K2 Light Curve

Assuming that the photospheric temperature of a SN Ia does
not change significantly in the first few days after explosion,
the luminosity of the Rayleigh–Jeans tail of the blackbody
radiation will increase with time as L∝t2 (Arnett 1982; Riess
et al. 1999), as the size of the photosphere increases. However,
the K2 light curve of SN 2018oh shows a prominent “two-
component rise”: an initial flux excess, from ∼18 to 13days
before peak brightness, which eventually subsides and the
usual “expanding fireball” rise dominates starting about
13days before peak brightness.
We determine the onset of the K2 light curve as follows. For

a given sliding time window, we calculate the weighted-mean
of the flux and we compare it with the flux of the time window
prior to it, marking as a detection when Fluxi>3σi−1. By an
iterative procedure, using decreasing time-window widths, we
record the detection times and we estimate their mean and
standard deviation. We calculate t 17.99 0.04det

K2 = - days
from maximum light (at MJD 58144.39det

K2 = ), shown as the
black vertical line in Figure 2. We note that the first PS1
detections were 0.18days (4.32 hours) after the K2 first
detection, which we estimate to be 2018 January 26.04.
In order to determine the properties of the power-law rise

(i.e., excluding the first component rise), we attempt to estimate
a time range by iteratively fitting, using IDLʼs MPFIT function,
a t t0

2-( ) power law to the data in a window from a variable
(shifting by steps of 0.02 days) start time beginning 20days
before peak brightness until the flux reaches 40% of the peak
flux, as has been done with other Kepler SNIa studies (Olling
et al. 2015). Our best fit (reduced χ2=1.09) is for a time

Figure 2. SN 2018oh K2 light curve, normalized to peak flux, with respect to peak brightness. Unbinned K2 photometry and data averaged over 12 hours are shown
as gray and black points, respectively. In the inset’s upper panel, we show the zoomed light curve from 20 to 10days before peak brightness. A L t2µ model (red
line) fit to the data in the “Fit region” is displayed. The residual of the fit is shown in the lower panel. The time of our last DECam nondetection, first PS1 and DECam
observations are marked with green, orange, and red arrows, respectively. The black vertical line corresponds to the estimation of the onset of the K2 light curve, as
described in the text, with the blue-shaded region representing the 3σ standard deviation.

65 https://users.obs.carnegiescience.edu/cburns/SNooPyDocs/html/
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3. Analysis

In this section, we present the early photometric observations
of SN 2018oh, both from ground-based facilities and K2. We
then present a basic analysis of the early evolution of the SN,
based on analytical models.

3.1. Ground-based Photometry

SN 2018oh is detected in PS1 g and i images, on UT 2018-01-
26.56 and 26.57 (for g and i, respectively), 8.9days before
the ASAS-SN discovery image, with AB magnitudes of gP1 =
20.72 0.18 and i 20.94 0.25P1 = , while the last nondetec-
tions were at UT 2018-01-23.38 and UT 2018-01-22.55.
Moreover, from DECam i-band images taken one day later,
SN 2018oh was i=19.04±0.01 and 18.96±0.01mag on
2018 January 27.25 and 27.29, respectively, revealing a rise in
the i-band of ∼1mag in one day. A collection of ground-based
images, showing pre-explosion, first detection, and close-to-peak
luminosity, in g- and i-bands, is presented in Figure 1, and
reported in Table 1.

After correcting for the Milky Way extinction using the
Fitzpatrick (1999) law with R 3.1V = , we fit the uBVgriz
photometry (Li et al. 2018) with the most recent version
of the SALT2 light curve fitter (SALT2.4; Guy et al. 2010;
Betoule et al. 2014) through the SNANA framework (Kessler
et al. 2009). We measure a SALT2 shape parameter of

x 0.879 0.0121 = and a color parameter of c=−0.09±
0.01. We determine that SN 2018oh peaked at Bpeak =
14.185 0.010 mag on MJD 58163.339±0.016.

To infer the distance, we use the distance estimator from
Betoule et al. (2014), and references therein:

m M x c , 1B B M1m a b= - + ´ - ´ + D ( )
where mB, x1 and c are given above. We use the values of the
nuisance parameters α=0.141, β=3.099, and M 19.17B = -
given by Betoule et al. (2014). Regarding the host galaxy mass
step MD (Kelly et al. 2010; Lampeitl et al. 2010; Sullivan et al.
2010), we use Sloan Digital Sky Survey (SDSS) g and i
magnitudes with the relation of Taylor et al. (2011, their
Equation (8)) to derive the host galaxy mass of UGC4780. We
find the mass to be 8.81 dex, comfortably on the low-mass side
of the step function, and we correct with 0.06MD = - mag.
The final distance modulus, assuming H 730 = km s−1 Mpc−1,
is estimated to be μ=33.61±0.05 mag, corresponding to a
distance of 52.7±1.2Mpc. As UGC4780 is not in the
Hubble flow and has no independent distance measurement,
the distance using the SN itself is the most accurate and precise
distance, and we use this distance for the remainder of the
analysis.
The near-peak and post-peak photometric data of SN 2018oh

show that the SN is a normal SNIa, while the only spectral

Figure 1. SN 2018oh g (top row) and i (bottom row) images of pre-explosion (left), first detection (middle), and close to peak magnitude (right). The images are
107 5×107 5 stamps from DECam (left) and PS1 (middle and right). For the first detections, we additionally show a zoom of 12 5×12 5 of the difference
image in the onset. We label the date of observation, time from B-band peak (in rest-frame days) and measured AB magnitude in each image stamp. The location of the
SN is indicated with a check mark (and a circle for the difference image).
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Figure 8
Observed versus theoretical delay-time distributions (DTDs). In both panels, points and the straight black lines are some of the
observationally derived DTDs discussed here. Colored curves are theoretical DTDs adapted from the compilation of binary population
synthesis predictions for (a) double-degenerate (DD) models and (b) single-degenerate (SD) models by Nelemans, Toonen & Bours
(2013), who adjusted all models to have the same physical input parameters. All DTDs, observed and theoretical, are shown with a
consistently assumed definition (SNe per year per formed stellar mass) and a consistent initial mass function. The Toonen, Nelemans
& Portegies Zwart (2012) curve shown here corrects a misprint in the plot shown in Nelemans, Toonen & Bours (2013).

Roche lobe. The long evolutionary time of the low-mass donor can produce a SD model with
long delay times. Hachisu, Kato & Nomoto (2008b) proposed that this same optically thick wind
can strip mass from donors in the traditional main-sequence model, and thereby raise the mass
range for donor stars up to 8 M⊙, thus extending the SD model also to short delay times. Studies
using these extended parameter ranges to calculate the DTD on the basis of BPS (Meng & Yang
2010; Mennekens et al. 2010; Wang, Li & Han 2010; Bours, Toonen & Nelemans 2013) have
typically found DTDs that are indeed broader and (depending on how massive the donors are
that are allowed) extend to short delay times, but find very few systems with giant donors. The
reason is that the required period range for such systems, of a few hundreds of days, is sparsely
populated in BPS models by postcommon-envelope binaries (see Yungelson & Livio 2000). There
are known examples of symbiotic binaries (e.g., T CrB, RS Oph) and post-AGB-star binaries (see
van Winckel et al. 2009) observed in that period range, but their statistical fraction is unclear.
Hachisu, Kato & Nomoto (1999) proposed that many wide systems can evolve into this period
range by interaction of the binary with the slow wind of the giant, although the efficiency of
this process is debated. Combining all of these effects, Hachisu, Kato & Nomoto (2008a) have
suggested that a combination of SD main-sequence and red-giant channels could together give a
∼t−1-shaped DTD. The He SD channel is expected to contribute at short delay times (!108 year),
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Figure 8
Observed versus theoretical delay-time distributions (DTDs). In both panels, points and the straight black lines are some of the
observationally derived DTDs discussed here. Colored curves are theoretical DTDs adapted from the compilation of binary population
synthesis predictions for (a) double-degenerate (DD) models and (b) single-degenerate (SD) models by Nelemans, Toonen & Bours
(2013), who adjusted all models to have the same physical input parameters. All DTDs, observed and theoretical, are shown with a
consistently assumed definition (SNe per year per formed stellar mass) and a consistent initial mass function. The Toonen, Nelemans
& Portegies Zwart (2012) curve shown here corrects a misprint in the plot shown in Nelemans, Toonen & Bours (2013).

Roche lobe. The long evolutionary time of the low-mass donor can produce a SD model with
long delay times. Hachisu, Kato & Nomoto (2008b) proposed that this same optically thick wind
can strip mass from donors in the traditional main-sequence model, and thereby raise the mass
range for donor stars up to 8 M⊙, thus extending the SD model also to short delay times. Studies
using these extended parameter ranges to calculate the DTD on the basis of BPS (Meng & Yang
2010; Mennekens et al. 2010; Wang, Li & Han 2010; Bours, Toonen & Nelemans 2013) have
typically found DTDs that are indeed broader and (depending on how massive the donors are
that are allowed) extend to short delay times, but find very few systems with giant donors. The
reason is that the required period range for such systems, of a few hundreds of days, is sparsely
populated in BPS models by postcommon-envelope binaries (see Yungelson & Livio 2000). There
are known examples of symbiotic binaries (e.g., T CrB, RS Oph) and post-AGB-star binaries (see
van Winckel et al. 2009) observed in that period range, but their statistical fraction is unclear.
Hachisu, Kato & Nomoto (1999) proposed that many wide systems can evolve into this period
range by interaction of the binary with the slow wind of the giant, although the efficiency of
this process is debated. Combining all of these effects, Hachisu, Kato & Nomoto (2008a) have
suggested that a combination of SD main-sequence and red-giant channels could together give a
∼t−1-shaped DTD. The He SD channel is expected to contribute at short delay times (!108 year),

www.annualreviews.org • Type Ia Supernova Progenitors 149

A
nn

u.
 R

ev
. A

st
ro

n.
 A

st
ro

ph
ys

. 2
01

4.
52

:1
07

-1
70

. D
ow

nl
oa

de
d 

fr
om

 w
w

w
.a

nn
ua

lre
vi

ew
s.o

rg
 A

cc
es

s p
ro

vi
de

d 
by

 U
ni

ve
rs

ite
it 

va
n 

A
m

st
er

da
m

 o
n 

05
/2

2/
19

. F
or

 p
er

so
na

l u
se

 o
nl

y.
 

●DD scenarios have more difficulty explaining “early” SNe Ia
●SD cannot explain late time explosions
●Reality: a mix?



Type Iax: a SN Ia subclass
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Table 6
Light-curve Relations for SNe Iax

1st 2nd Slope Offset Equation No. Correlation
Parameter Parameter (α) (β) No. SNe Coefficient

tmax(B) tmax(V ) 0.98 (0.03) 5.17 (1.83) 2 7 0.9994
tmax(R) tmax(V ) 1.00 (0.02) −1.47 (1.52) 3 6 0.9997
tmax(I ) tmax(V ) 1.00 (0.04) −4.41 (2.79) 4 6 0.9996
tmax(r) tmax(V ) . . . . . . . . . 4 0.958
tmax(i) tmax(V ) . . . . . . . . . 4 0.947

∆m15(B) ∆m15(V ) 0.40 (0.12) 0.32 (0.20) 5 7 0.959
∆m15(R) ∆m15(V ) 0.77 (0.26) 0.46 (0.18) 6 6 0.966
0∆m15(I ) ∆m15(V ) 1.35 (0.66) 0.27 (0.34) 7 6 0.929
∆m15(r) ∆m15(V ) . . . . . . . . . 4 −0.277
∆m15(i) ∆m15(V ) . . . . . . . . . 4 0.471

MB MV 0.95 (0.09) −1.22 (1.45) 8 7 0.996
MR MV 0.96 (0.10) −0.37 (1.74) 9 6 0.997
MI MV 0.97 (0.12) −0.09 (2.13) 10 6 0.992
Mr MV . . . . . . . . . 4 −0.310
Mi MV . . . . . . . . . 4 −0.311

∆m15(V ) MV 10.7 (2.4) −27.4 (2.3) 11 9 0.980
∆m15(R) MV 8.3 (2.0) −22.3 (1.3) 12 6 0.982

However, we note that although the correlations are generally
quite strong, the uncertainties for the linear relations are rela-
tively large for several relations.

There are only four SNe with V and r/i light curves. The
small number of measurements prevents robust determinations
of relationships between the parameters in V and r/i. However,
the measurements in r/i are consistent with measurements in
R/I (modulo offsets related to the filter response functions).
As such, we are able to use the rough relations between r/i
and V to estimate light-curve parameters in V for SN 2009ku
(which was only observed in PS1 bands). Doing this, we find
MV = −18.94 ± 0.54 mag, and ∆m15(V ) = 0.58 ± 0.17 mag.
Both values are consistent with those found by Narayan et al.
(2011), who used only SN 2005hk to provide scalings. Using the
same relations for SN 2012Z, we find MV = −18.56±0.40 mag,
which is consistent with the direct measurement in the V band
of MV ! −18.18 mag, and ∆m15(V ) = 0.92 ± 0.26 mag. We
also convert the parameters measured for the unfiltered light
curve of SN 2004cs assuming that the unfiltered light curve
is equivalent to R. This conversion provides an estimate of
MV = −16.2 ± 0.3 mag, and ∆m15(V ) = 1.4 ± 0.2 mag for
SN 2004cs.

There is a clear progression in time of maximum brightness
from blue to red, with the VRI bands peaking 5.1, 6.6, and
11.1 days after B, respectively. This progression is similar to
that seen for normal SNe I and is indicative of the SN ejecta
cooling with time. There is no robust correlation between the
time between maxima and light-curve shape.

In Figure 16, we show the relation between ∆m15(V ) and MV
(uncorrected for host-galaxy extinction) for the nine SNe with
measurements of these parameters and three SNe with estimates
of these parameters. There is a general WLR, which is confirmed
by a linear relationship between the parameters (Equation (11),
which did not include the estimates for SNe 2004cs, 2009J,
or 2009ku). The tight WLR for SNe Ia is interpreted as the
result of a homogeneous class of objects with a single parameter
(related to the 56Ni mass) controlling multiple observables (e.g.,
Mazzali et al. 2007). Similar physics may be behind the SN Iax
WLR, but the large scatter indicates that the class is not as
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Figure 16. WLR (∆m15(V ) vs. MV ) for SNe Ia (black points) and SNe Iax
(blue points). Filled points are direct measurements in V, while the open points
(SNe 2004cs, 2009J, and 2009ku) are an estimate by converting parameters
measured from unfiltered (assumed to be R) or r and i to V. The sizes of the
SN Ia points are inversely proportional to their uncertainty, with some points
having representative errors bars to show the scaling.
(A color version of this figure is available in the online journal.)

homogeneous as SNe Ia, with other parameters (perhaps ejecta
mass; see Section 5.1) also being important.

We note that there is a strong correlation between ∆m15(R)
and MV (uncorrected for host-galaxy extinction) for our small
sample. Narayan et al. (2011) found no strong correlation
between these two quantities using a slightly different sample,
but this appears to be because they included SN 2007qd in
the relation. Although McClelland et al. (2010) reported peak
magnitudes and decline rates for SN 2007qd (which were
reproduced by Narayan et al. 2011), their light curves do
not include any pre-maximum detections; consequently, their
derived quantities may be misestimated. Using the McClelland
et al. (2010) light curves, we present limits for SN 2007qd in
Table 5.

The basic parameters of time of maximum, peak absolute
magnitude, and light-curve shape for the SNe with V-band light
curves are reported in Table 2. We also give estimates for SNe
where we have light curves in bands other than V. Finally, we
use the information in the discovery reports (combined with the
relations presented above) to place approximate limits on MV at
peak and tmax(V ).

4.2. Color Curves and Host-galaxy Reddening

In Figure 17, we present color curves for a subset of the class.
The SNe all display the same general color evolution with time.
SNe Iax typically get redder from maximum brightness until
15–20 days after maximum, at which point they stay relatively
constant in color, but become slightly bluer with time.

Similar to what has been done for SNe Ia (Lira et al. 1998), we
can create a tight color locus in V − I and a relatively tight locus
in V − R when we assume some host-galaxy extinction. We find
that reddening corrections corresponding to E(B − V ) = 0.05,
0.4, 0.4, 0, 0.2, and 0.1 mag for SNe 2002cx, 2003gq, 2005cc,
2005hk, 2008A, and 2008ha, respectively, significantly reduce
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Figure 13. Optical spectra of SN 2011ay. Rest-frame phases relative to V
maximum are listed to the right of each spectrum.

to SN 2008ge, which might be > 20 days) is also larger than for
that of SNe Ia (Ganeshalingam et al. 2011); based on current
data, it appears that the average SN Iax has a shorter rise time
than the average SN Ia, but few SNe have light curves sufficient
for this measurement. Despite their rough similarity in light-
curve shape, SNe Iax have consistently lower luminosity (even
if that criterion is relaxed from our classification scheme) than
SNe Ia.

For SNe Iax, there are several clear trends in the derived
photometric parameters. Peak brightness and decline rates are
highly correlated for a given object in all bands. In other words,
an SN that is bright and declines slowly in B is also bright and
declines slowly in R.

Performing a Bayesian Monte-Carlo linear regression on the
data (Kelly 2007), we determine correlations between different
parameters in different bands. The linear relationships and their
correlation coefficients are presented in Table 6, where the
equations are all of the form

p2 = αp1 + β, (1)

where p1 and p2 are the two parameters, α is the slope, and β is
the offset.

Using the equations in Table 6, one can effectively trans-
form observations in one band into measurements in another.
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Figure 14. Optical spectra of SN 2012Z. Rest-frame phases relative to V
maximum are listed to the right of each spectrum.
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Figure 15. Absolute V-band light curves for a subset of SNe Iax. Each SN is
plotted with a different color.
(A color version of this figure is available in the online journal.)

15
●SN Iax are less bright 
●Comprises about 30% of SNe Ia
●Less mass ejected: may leave behind a white dwarf
●Progenitor detected optically: suggest a CO WD + He star companion 

(Foley + ’14)

●NB with push for time domain astronomy: more subdivision/ 
classes of explsoive events will be identified (c.f. kilonovae)



Nucleosynthesis in supernovae
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Figure 2.6: Left: Supernova yields for the most abundant X-ray emitting elements.
The squares/black line indicates the mean yield for core collapse supernovae, whereas
the circles indicate thermonuclear supernovae (the W7 deflagration model in red and
the WDD2 delayed detonation model in magenta). The model yields were taken from
Iwamoto et al. [461]. Right: Oxygen yield of core collapse supernovae as a function
of main sequence mass. The circles and squares are the predictions of [961], the tri-
angles are predictions of [218], and the crosses of [851]. In general the oxygen yields
obtained by the various groups are very similar, but above 30 M� one sees that certain
models [961, using 1051 erg explosion energies] predict a diminishing oxygen yield.
The reason is that above 30 M� stellar cores may collapse into black holes, and part
of the oxygen falls onto the black hole. The amount of fall-back is governed by the
explosion energy and the amount of pre-supernova mass loss, but it is also sensitive to
the numerical treatment of the explosion. (Figure reproduced from [901]). {fig:yields}

stars. Carbon-oxygen (CO) white dwarfs are ideal thermonuclear bombs, if somehow
the degenerate material in the core can be made dense enough (⇠ 3⇥109 g cm�3) and
hot enough (⇠ 2⇥108 K), at which point carbon and oxygen fusion heat production is
no longer offset by neutrino cooling and the fusion becomes a runaway process, leading
to the total disruption of the white dwarf [664]. The question is then what causes the
central density and temperature of the white dwarf to become that high. Since the
1970s it is assumed that SN Ia involve white dwarfs accreting sufficient material from
its companion star, which, as its mass approaches the Chandrasekhar mass (1.38 M�),
will result in a central density sufficiently high to ignite CO [940].

Indeed models of CO white dwarf explosions roughly reproduce the composition
and light curves of Type Ia supernovae [664]. More direct evidence that a white dwarfs
are the progenitors of SN Ia was obtained for SN Ia SN 2011fe in the nearby galaxy
M101. The location of the supernova was observed before the supernova was detected,
but after the explosion had occurred (as inferred from modelling the light curve). The
lack of a detection of the supernova suggest that 4.5 hr after the explosion the radius of
the supernova must have been small, and can only be reconciled with the explosion of
a compact star [163].

In order to explode a white dwarf sufficient nuclear fuel (CO) needs to be burned
in order to overcome the net binding energy of the white dwarf of about �5⇥1050 erg,
which consists of the gravitational binding ⇠ GM2/R minus the internal energy of the
degenerate gas. Since the explosion energy of SN Ia are of the order of 1� 1.5⇥
1051 erg, about 1.5�2⇥1051 erg of energy as to be generated from explosive nuclear
fusion, requiring ⇡ 0.5 M� of CO atoms to be burned into iron and nickel. Simulations
of CO white dwarf explosions give the following relation between explosion energy and

CC SNe

●Core collapse SNe: peak in O, Ne, Mg (<0.1 Msun of Fe)
●partially stellar nucleosynthesis/partially explosive
●depends strongly on mass (see oxygen)

●Thermonuclear (SN Ia) SNe: peak in Fe-group elements
●Both: intermediate elements (Si, S, Ar, Ca)



A direct SN/SNR link: light echoes

�40

Armin Rest: 
light echoes of
Cas A & SN1572



Light echoes
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A
    (SN)

B
  (Earth)

tt+∆t

t+∆t

Figure 2.10:
fig:lightecho_cartoon

The geometry of a light echo.

The light echoes reveal themselves by subtracting two well-calibrated images in
the same filter band, taken several months to years apart (Fig. 2.8). Even more spec-
tacular is that one can obtain a spectrum of the reflected light, and correction for
colour-dependent reflection and extinction properties, reconstruct the supernova spec-
trum. Note that the spectrum is smeared by the effect of the extent of the scattering
layers, so the spectrum contains light from a time integrated part of the spectrum, but
dominated by the spectrum near maximum light. The first light echo spectrum was that
of the LMC remnant , 0509-67.5, which revealed itself to be a SN Ia spectrum, which
best resembled the bright, SN 1991T-like subtype [736]. The light echoes of SN 1572
showed that this supernova was a normal Type Ia supernova [530], confirming the SN Ia
identification based on the historical light curve and the X-ray determined ejecta abun-
dances (see Chapter 9). The light echoes associated with the Cas A supernova showed
that the spectrum very much resembled SN 1993J, a Type Ib core collapse supernova
[529, 735]; see Fig. 2.9. Taking spectra from various light echoes associated with Cas
A, all of which trace back to different viewing angles toward the supernova, showing
that for a certain viewing angle the He I and Ha P-Cygni profiles were blueshifted
by as much as 4000 km s�1. The light echoes, therefore, confirm the long held view
that the asymmetries of the Cassiopeia A supernova remnant can be traced back to an
asymmetric explosion.

The geometry of light echoes is explained in Fig. 2.10. It illustrates that all light
echoes detected at a time t1 = t0 + Dt, with t0 the light travel time for the directly
observed light, traces an ellipsoid with the transient (supernova) in one of the focal
points and the observer in the other focal point. If the distance between Earth and the
supernova (AB) is d = ct, with t the light travel time, and a and b are the semi-major
and minor semi-axis respectively, one can show with a simple geometric calculation
that a = 1

2 c(t +Dt), but also that a =
q
( 1

2 ct)2 +b2. From these two expressions one



Spectrum of SN1572
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Krause e.a.:
Nature 2008



Supernovae: summary
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●Supernovae come in two distinct classes
●Core collapse supernova -> massive stars (M>8 Msun)

● Type IIL, IIP, IIb, Ib, Ic, IIn,..
●Thermonuclear supernovae -> involving white dwarf

● Type Ia (with some subclassification, 91T-like, Iax,Ca-rich…)
● Explosion origin very distinct

● CC: gravitational -> mostly in neutrinos (>1053erg)
● Thermonuclear: nuclear fusion -> C and O into Fe-group + IME

● Explosions not fully understood:
● CC: how to revive the shock in star (neutrino physics/jets)?
● Thermonuclear: single or double degenerate?



II 
Supernova remnants

i. Population, evolution, classification

�44



SN1572 & SN1604 in 2019
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SN1572 SN1604

Tycho Brahe Johannes Kepler

Chandra Chandra



From supernova to supernova remnant

●SN expands -> ejecta cools 
●Fast: within a year dust may form (e.g. SN1987A), requiring T<1500 K

●Ejecta may still be warmed by late time radio-active heating
●Depending on the circumstellar density

- outer shock wave heats up a shell that may give rise to X-ray emission
- shock wave may accelerate particles -> relativistic electrons -> radio emission
- few SNe show this (so-called radio supernovae, with dense CSM)

SN1987A (HST/2003)

freely expanding 
ejecta heated by 44Ti

shock-heated CSM 
ring



SNR population: Galactic distribution
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Figure 3.4:
fig:gal_distr

The longitude and lattitude distribution of Galactic supernova remnants, based on Green’s catalog [www.mrao.cam.ac.uk/surveys/snrs/
373]. The histograms show the data binned in longitude and lattitude. The binned longitude histograms is compared to the 1.8 MeV line emission
from radio-active 26Al for |b|< 15� [? ], a tracer for recent star formation. The 26Al has been scaled to the peak of the supernova remnant distribution.

●About 300 Galactic SNRs known
●For tmax=50,000 yr, rate of 2-3/century: 1000-1500 expected
● Sample far from complete, but tmax unknow/varies
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Figure 3.5:
fig:gal_disk

The distribution of supernova remnants in the Galactic disk. The green
dots show the positions of supernova remnants with reasonably well estimated dis-
tances, whereas the blue dots are supernova remnants whose distance have been esti-
mated usign the S�D relation for Galactic supernova remnants (minimising error in D,
Table 3.1). The location of spiral arms are based on the solution for a Galactic centre
distance of 8 kpc, taken from [437]. The yellow dot shows the position of the Sun.

inclusion of the power-law here forces the density to be zero at the Galactic Centre,
which is by no mean certain [e.g. 203]. For example, the recently discovered magnetar
near the central black hole clearly indicates a non-zero value for the supernova rate at
the Galactic Centre [644]. The best fit values are a = 1.09 and b = 3.87, which sug-
gest that the supernova remnant surface density peaks around 2 kpc from the Galactic
Centre [374], whereas a competing model using different assumptions [203], produces
a peak in the surface density around 5 kpc.

3.4 The supernova-remnant population in the Magel-
lanic Clouds

{sec:lmc_smc_populations}
Studying the supernova remnant population in the Magellanic Clouds has many advan-
tages over studying the Galactic population: we know the distance, 50 kpc for the LMC
[711] and 62 kpc for the SMC [237], and the LMC has a disk-like structure observed
almost face on (i ⇡ 35�[890]); for both galaxies the optical and X-ray extinction is
relatively low NH ⇡ 1021 cm�2. The distances to the remnants is larger than for Galac-
tic remnants, but the Magellanic Clouds still allow sufficient details to be resolved:
100 corresponds to 0.24 pc at 50 kpc. As a result of these properties our knowledge
of the population of supernova remnants in the Magellanic Clouds is less plagued by
systematic effects than for the Milky Way population. But keep in mind that it is also
a population with intrinsic properties that are bound to differ from the Galactic popu-
lation: the Magellanic Clouds have lower stellar masses (2.7⇥ 109 M� for the LMC



Radio properties: Sigma-D relation, α
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Figure 3.2: The relation between diameter and radio surface brightness (S � D) at
1 GHz for supernova remnants in the Galaxy [black points, based on 373], Large Mag-
ellanic Cloud (red) and Small Magellanic Cloud (blue) supernova remnants [compiled
in 112, converted to flux densities at 1 GHz]. The dotted line shows the best fit to
Galactic and Magellanic Cloud supernova remnants, with S as the input parameter and
D as the parameter to be fitted. The solid line is the same, but now with S as the input
parameter to be fitted.

fig:sigmad

measurements; and Ln even depends on d2. The S�D relation suffers this problem
much less, as only D relies on the distance estimate, and only in a linear way [720].
Indeed a diagram of D versus S shows a clear correlation between the two quantities
[720, 634, 203] of the form S = AD�b , but with quite some scatter, (Fig. ??). In fact,
the first S�D diagram [720] showed less scatter, probably because at the time only
brighter supernova remnants were known (25 in total), with relatively high values of S.
At the time the relation was found to be b = 2.67.

The S�D diagram requires a reasonably good estimate for the distance. However,
once there is a sample of supernova remnants with distance estimates one can use it
to estimate the distances to other supernova remnants: from S you can estimate D,
and comparing it to the angular diameter, Q gives you an estimate of d = D/Q. This
method for measuring distances is, however, controversial. For example, in [372] the
following objections to the use of the S�D relation are raised:

1. the correlation appears stronger than physically warranted, since S µ D�2; so S
and D are not statistically independent;

2. there is a larger scatter in the correlations with deviations of the order of magni-
tude one in D and even two orders of magnitude in S;

3. for the use of the S�D relation for measuring distances one should minimise
the scatter in D, whereas often the relation is derived minimising the scatter in
S; the two methods give very different values for b (as shown inFig. 3.2);

4. the evolution of the luminosity of supernova remnants is dependent on explo-
sion properties and local environments, in particular supernova remnants in low
density environments and wind bubbles may be important; in other words: does
a supernova remnant have low S due its old age, or due its evolution in a low
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Table 3.1:
tab:sigmad

Logarithmic least square solutions to the S�D relation, S = AD�b , with S
in cgs units and D in pc.

Minimising error in D Minimising error in S
Sample b A⇥1012 b A⇥1012

Galactic shells (36) 2.45±0.40 0.027+3.1E+05
�34.6 4.68±0.77 34.57+0.0733

�0.0195
LMC (49) 2.67±0.25 0.087+25.1

�0.086 1.87±0.18 0.0051+0.0047
�0.0024

SMC (21) 3.04±0.67 0.20+8.7E+04
�0.20 1.58±0.35 0.0013+0.0031

�0.0009
Combined (106) 3.36±0.28 0.71+82.8

�0.71 1.98±0.16 0.0064+0.0049
�0.0028

• or, if nothing else can be used, try to establish an association of the supernova
remnant with a certain spiral arm, starforming/HII region, or molecular cloud
complex for which distance estimates exist.

Technically speaking HI absorption measurements only provide a lower limit to
the distance. Another problem is that in certain regions of the sky (toward the Galac-
tic Centre for example) Galactic rotation does not result in radial velocities, in other
regions the solution is not unique. Moreover, intervening gas clouds may have strong
deviations from standard Galactic rotation models.

The use of historical light curves, although limited to very few supernova remnants,
has become more interesting now that the error on the Hubble constant has narrowed
down considerably [324], and since our empirical understanding of Type Ia light curves
improved drastically (§ 2.3). Indeed, for Kepler’s SNR/SN 1604 the distance estimate
of d ⇡ 5 kpc based on the historical light curve [902, 768] agrees very well with most
recent measurement based on the optical proper motion of Balmer-dominated shocks.
In the past, this distance method was used the other way around: it was hoped that
measuring distances to historical supernova remnants by other means could be used
to constrain the maximum brightness of extragalactic SNe Ia, and thus constrain the
Hubble constant [e.g. 244].

Finally, the S�D has a long history as a tool to measure distances, but it is also
very controversial. We will discuss it in more detail below.

3.2.4 The S�D relation
The radio surface brightness, S, is defined as the ratio between the radio flux density
Sn(n) and the solid angle W = A/d2, with A ⇡ 1

4 pD2 the projected physical surface
area of the source of a roughly spherical source, with D the source diameter. Since
both the flux density and W scale inversely proportional to the square of the distance,
S is a distance independent quantity (in the absence of absorption, or cosmological
redshifts):

Sn ⌘ Sn
W

⇡ Ln(n)/(4pd2)
1
4 pD2/d2

=
Ln

p2D2 . (3.1)

In the 1960s it was found that older supernova remnants were in general less lu-
minous than young supernova remnants [807]. Moreover, the apparent flux decline of
supernova remnants as they expanded was directly measured for Cassiopeia A, which
faded by nearly 1%/yr, as discussed in more detail in § 12.1. To quantify this decline
for the population of supernova remnants the relation between S and D proofed to be
more reliable than Ln versus D, as the latter two quantities requires reliable distance
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Figure 12.2:
fig:radio_index

A histogram of the radio spectral index (a) distribution of shell-type
supernova remnants, based on the catalogue maintained by D. Green [375].

[104]. The youngest known supernova remnant, G1.9-0.3 has a = 0.71±0.26, a steep,
but rather uncertain spectrum.

More mature supernova remnants like CTB109, and Puppis A, on the other hand,
both have a ⇡ 0.5�0.55 [521, 748]. And finally, there is the class of mixed-morphology
supernova remnants, mature supernova remnants with shell-type morphology in the
radio, and centrally dominated emission in the X-rays, among which we find many
objects with spectral indices around 0.3� 0.4 (see § ??). The rather flat spectra are
not well understood, but two mechanisms may be involved. One is that the diffusive
shock acceleration is not very efficient in mixed-morphology supernova remnants, and
the relativistic electron spectrum may be the result of the compression of pre-existing
interstellar medium electrons, and, perhaps in addition, turbulent reacceleration in the
post shock region [881]. An other reason for the rather flat spectra may the high post-
shock compression ratios expected behind radiative shocks (§ 4.5). As indicated by
(11.23), higher compression ratios result in flatter spectra.

The steeper spectra for younger supernova remnants is also not well understood,
but again there are two possible explanations identified. One involves the theory of
non-linear shock acceleration discussed in § 11.2.9. According to this theory the sub-
shock has a compression ratio c < 4, whereas the overall shock compression ratio is
c > 4. As a result, the low energy cosmic-ray spectrum, for which the particles expe-
rience only the gradient in velocity across the subshock, should be steeper than q = 2
(a = 0.5), whereas at higher energies the spectrum should flatten asymptotically to
q = 1.5 (a ⇡ 0.25). If we apply this to Cas A, we see that a = 0.77 corresponds to
q = 2.54, which, according to (11.23), implies c ⇡ 2.9 for the subshock. This is a
not unreasonable value, and it would mean that non-linear acceleration effects are only
strong in young supernova remnants, which have a & 0.6. Non-linear shock accelera-
tion theory also predicts a gradual flattening of the synchrotron spectrum. Indeed, the
radio spectra of Kepler’s SNR and Tycho’s SNR appear to be slightly curved [746],
whereas for SN 1006 and RCW 86 curved underlying electron spectra have been in-
ferred from the radio to X-ray synchrotron modeling [69, 904].

An alternative theory for the steeper spectra in young supernova remnants is that

radio spectal index

●Spectral index α~0.5 (consistent with DSA, q=2)
●Young SNRs are brighter/higher surface brightness

N(E) ∝ E−q → Fν ∝ ν−(q−1)/2 ∝ ν−α



SNR evolutionary phases (simplified)
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Four phases are recognised
1.Ejecta dominated phase (a.k.a. free expansion phase)

●First 10-few 100 yr
●Vs>3000 km/s
●Mej > Mswept

2.Adiabatic or Sedov-Taylor phase
●Few 100 yr to few 5000 yr
●200 km/s < Vs <3000 km/s
●Mej << Mswept

●Radiative losses unimportant
3.Snow plough phase

●5000-50000 yr
●20 km/s < Vs <200 km/s
●Radiative losses, momentum conserved

4.Disappearance phase
●Vs comparable to turbulent motions ISM

●Different parts of SNR may be in different phases!!



Chevalier 1982

●Solid: density
●Dotted: velocity
●Dashed: pressure

Ejecta dominated phase

●Fast moving ejecta -> a shock wave has formed
●shock-heating and sweeping up of the circumstellar medium 
●heats the outer (cold) ejecta layers by reverse shock
●inner ejecta are cold
●power law profiles: n~7-12, s=0 (ISM), s=2 (stellar winds)
●m=1: free expansion
●from early age m< 1 !

⇢ej(v) / vn, ⇢csm / r�s ! Rs(t) / tm, m =
n� 3
n� s



Adiabatic Phase
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•Once Mswept > Mejecta, but Vs> 300 a SNR is said to be in the adiabatic phase
•(Almost) all energy is contained in the shock-heated plasma 
(instead of freely expanding ejecta)

•Evolution is usually described by so-called Sedov self-similar solution:

•Note: m=2/5, s=0
•For s=2, Sedov solution gives m=2/3

Rs =
⇣
⇠
Et2

⇢0

⌘1/5
Vs =

dRs

dt
=

2
5

⇣
⇠

E

⇢0

⌘1/5
t�3/5 =

2
5

Rs

t
.

Kes 73 (Chandra)



Truelove & McKee model
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Truelove & McKee 99

•Reverse shocks move first outward than inward, eventually heating all ejecta
•Asymptotically approaches Sedov solution
•Reverse shock physical speed: Vs=dRrev/dt - R/t
•Truelove & McKee model uses characteristic scales:

Rch ⌘M1/3
ej ⇢�1/3

0 , tch ⌘ E�1/2M5/6
ej ⇢�1/3

0 , Mch ⌘Mej



Supernova remnants and wind bubbles
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●Standard wind bubble theory: 
●Weaver, McCray, Castor, Shapiro, Moore 1977
●Bubble size depends on wind power L, density and age 
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●Bubble size can be very large: >100 pc! 



Three SNRs evolving in wind bubbles
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RX J1713

XMM-Newton (Acero+) ROSATXMM-Newton

RCW 86 Cygnus Loop

●A number of SNRs seem to have evolved inside wind cavity
●Their radii seems to be 10-15 pc
●Much smaller than Weaver+ 77
●Are we missing SNRs in larger cavities due to low densities?



Chevalier model
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●Chevalier 1999:
●Winds evolve in high pressure ISM (dense molecular clouds)
●Expansion stops when Pbubble=Pism:

SUPERNOVA REMNANTS IN MOLECULAR CLOUDS 799

compatible with the basic observations. Nonthermal par-
ticles and their emission are treated in ° 5. This topic is of
special interest in view of the probable detection of super-
nova remnants in molecular clouds with the EGRET
experiment on the Compton Gamma-Ray Observatory
(CGRO) (Esposito et al. 1996). Possible future work is
brieÑy discussed in ° 6.

2. THE SUPERNOVA ENVIRONMENT

Observational studies of molecular clouds have shown
them to have dense molecular clumps embedded in a lower
density interclump medium (Blitz 1993). A good example is
the study of the Rosette cloud by Williams, Blitz, & Stark
(1995), who show that the clumps have a density of 440 H
atoms cm~3 and a Ðlling factor of 0.08. The interclump
medium has a density of 11 H atoms cm~3, so that the
clumps comprise 3.5 times more mass than the interclump
medium, but occupy a small fraction of the volume. The
distribution of clump masses M in clouds can be described
by a power law, dN(M) P M~1.54 dM, where dN is the
number of clouds with mass between M and M ] dM. The
relevant mass range is 1È3000 which corresponds toM

_
,

diameters of 0.2È2.2 pc if clumps have a typical densityH2of 103 cm~3. More generally, Blitz (1993) notes some
properties of typical giant molecular clouds (GMCs) : total
mass D105 diameter D45 pc, density in clumps ofM

_
, H2103 cm~3, interclump gas density in the range 5È25 H

atoms cm~3, and clump Ðlling factor of 2%È8%. The clump
mass spectrum can be described by dN(M) P M~qdM with
qin the range 1.4È1.9. More recently, Kramer et al. (1998)
have also found power-law distributions of clump mass
with qB 1.6È1.8 in seven clouds ; the clump masses range
from 10~4 to 103 With this mass spectrum, most of theM

_
.

clouds are small, but most of the mass is in large clumps.
The lower limit to the clump masses is set by observational
constraints. Blitz (1993) noted that the clump shapes vary
from spherical to highly irregular.

An interclump pressure, p/kB 105 K cm~3, is needed to
conÐne the dense clumps and to support the cloud against
gravitational collapse (Blitz 1993). The thermal pressure in
the interclump gas is clearly too small and magnetic Ðelds
are a plausible pressure source. Studies of the polarization
of the light from stars behind molecular clouds implies that
the interclump magnetic Ðeld does have a relatively smooth
structure (Heiles et al. 1993). Setting equal to theB02/8n
above pressure yields kG, where is theB0 \ 19p51@2 B0uniform Ðeld component and is p/k in units of 105 Kp5cm~3. However, a uniform magnetic Ðeld would not
provide support along the magnetic Ðeld and would not
explain the large line widths observed in clouds. An analysis
of the polarization and Zeeman e†ect in the dark cloud
L204 shows consistency with equal contributions to the
pressure from a uniform Ðeld and a Ñuctuating, nonuniform
component (Myers & Goodman 1991 ; Heiles et al. 1993).
The uniform component is then kG. The mag-B0 \ 13p51@2
netic Ðeld strength deduced in L204 is consistent with this
value.

The molecular cloud can be inÑuenced by stellar mass
loss and photoionization by the progenitor star before the
supernova. The e†ect of these processes can be to remove
molecular gas from the vicinity of the central star. From the
point of view of interpreting the observations of supernova
remnants mentioned in ° 1, whether molecular clumps can
survive within D15 pc of the central star is important.

McKee, Van Buren, & Lazare† (1984) found that B0ÈO4
stars could clear a region 28 pc in radius of clumps if the
mean density was cm~3. Small clumps are com-n

m
\ 10

pletely photoevaporated and large clumps move out by the
““ rocket ÏÏ e†ect. If the scaling for the radius (McKeePn

m
~0.3

et al. 1984) can be extrapolated to the somewhat higher
mean densities of interest here, a region pc is expectedZ15
to become free of molecular clumps. The photoevaporation
of clumps has been studied in greater detail by Bertoldi &
McKee (1990), who found that the rocket e†ect is smaller
than that in previous investigations. However, the rocket
velocity km s~1 is still sufficient to clear a regionZ5 Z15
pc in size. The additional e†ect of stellar winds is to clear a
wind bubble in the homogenized region for the stronger
winds or to create a wind bubble within the H II region
(McKee et al. 1984).

The situation changes for early B-type stars, which have
weaker photoionizing Ñuxes and stellar winds. These stars
have sufficiently long lifetimes that their H II regions can
come into pressure equilibrium with the surrounding
medium. I assume that the surrounding interclump medium
exerts a pressure p/k\ 105 K cm~3 and that the gas tem-
perature in the H II region is 104 K, so that the density in the
ionized gas is D5 H atoms cm~3. For the ionizing Ñuxes
given in Panagia (1973), Table 1 shows the radii of the
ionized regions, for O9ÈB3 main-sequence stars.Rionized,
The small sizes of the ionized regions for B1ÈB3 stars are
evident. The radii for the regions around the O9 and B0
stars appear to be smaller than those obtained by McKee et
al. (1984) ; this is presumably because of the higher sur-
rounding pressure taken here.

Stellar winds are an additional e†ect on the circumstellar
environment. The maximum size, of the wind bubble isR

b
,

that at which the bubble comes into pressure equilibrium
with its surroundings, or the wind energy production is
about equal to the displaced energy

1
2

M0 v
w
2 qms \A4

3
nR

b
3B 3

2
p0 , (1)

where and are the wind mass-loss rate and velocityM0 v
wand is the main-sequence age. For typical parameters,qmsthe result for isR

b

R
b
\ 5.8

A M0
10~8 M

_
yr~1

B1@3A v
w

700 km s~1
B2@3

]
A p/k

105 K cm~3
B~1@3A qms

107 yr
B1@3

pc . (2)

The values of in Table 1 are from de Jager, Nieuwenhuij-M0
zen, & van der Hucht (1988). The values of are estimatedqmsfrom the evolutionary tracks of Schaller et al. (1992) for a

TABLE 1

RADII OF H II REGIONS AND WIND BUBBLES

Mass Rionized M0 qms R
b

(M
_

) Type (pc) (M
_

yr~1) (yr) (pc)

20 . . . . . . O9 V 13.6 1 ] 10~7 7 ] 106 11
16 . . . . . . B0 V 8.0 6 ] 10~8 9 ] 106 10
12 . . . . . . B1 V 1.6 6 ] 10~9 13 ] 106 5.3
10 . . . . . . B2 V 1.0 5 ] 10~10 18 ] 106 2.6
8 . . . . . . . B3 V 0.5 1 ] 10~11 26 ] 106 0.8

●Pism=105 K cm-3

●Small correction needed: work done on environment
●Radii agree better with observations than Weaver+ 77
●Most cavities between 5-15 pc as observed

Yang+ 2013



“Mature SNRs”: snow-plough phase
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●For T<106 K: cooling becomes very strong (oxygen line emission)
●Cooled gas: bright optical emission from [OIII], [NII],...
●This corresponds with Vs<200 km/s
●SNR no longer adiabatic: R~t0.25 (momentum conservation)

Schure et al. 2009

t = trad+
Rrad

4Vrad

h⇣ R

Rrad

⌘4

�1
i
, trad ⇡ 44, 600

⇣E51

nH

⌘1/3

yr, Rrad ⇡ 23
⇣E51

nH

⌘1/3

pc
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Figure 4.4: The radiation cooling curve of an optically thin plasma, L, based on the
calculations by Schure et al. [791]. The blue, dashed, line shows the contribution of
carbon to the cooling, and the red, dotted, line the contribution of oxygen.

fig:coolingcurve

Figure 4.5: Left: The characteristic cooling time as a function of shock velocity for a
pre-shock density of np = 1 cm�3. The dotted line shows the relation between shock ve-
locity and supernova remnant age according to the Sedov-Taylor model. Shock waves
become radiative whenever the cooling time scale drops to a fraction of the supernova
remnant age. Right: The length scale over which the plasma cools down.

fig:coolingtime



Radiative shocks
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58 CHAPTER 4. SHOCKS AND PLASMA PHYSICS

Figure 4.6: ,
and [O III] by the Hubble Space Telescope.] The “Veil Nebula”, which is part of the {fig:veil_hubble}
nearby Cygnus Loop supernova remnant , as observed with the WFC3/UVIS instru-
ment on board the Hubble Space Telescope. Red colors are based on a combination
of infrared and Ha +[NII] line emission, green corresponds to [SII] line emission and
blue corresponds to a combination of V-band and [OIII] line emission. The filamen-
tary structure and the bright emission from Ha and forbidden line emission is char-
acteristics for radiative shocks. (Credit: NASA/ESA, and the Hubble Heritage Team
(STScI/AURA).)
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Raymond 79
Cygnus Loop/Veil nebula: HST
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Figure 4.7:
fig:isothermal

The final compression ratio as a function of sonic Mach number for isother-
mal, radiative shocks, for different values of the ratio (b ) of the thermal over magnetic
pressure in the unshocked medium.

We used here Eq. 4.8 to introduce the sonic Mach number. The non-trivial solution to
this equation is

cisothermal = gM2
s . (4.39)

This shows that without magnetic pressure support radiative shocks can easily reach
compression factors that exceed a factor hundred even for modest Mach numbers of
Ms = 10.

4.5.3 Radiative shocks that become magnetically supported

As we have seen in § 4.2 the perpendicular component of the downstream magnetic
field is compressed linearly with the compression factor. So for high compression fac-
tors the compressed magnetic field is likely to provide pressure support. Core collapse
supernova remnants are typically found in relatively high density regions, embedded
in HII regions created by the UV flux of the progenitor stars and massive neighbouring
stars. Under these circumstances the plasma temperatures are ⇠ 5000 K, whereas for
the magnetic fields one should typical Galactic magnetic fields of 5 µG, or perhaps
even more. Under these circumstances MA ⇡ Ms and plasma-beta values are typically
b ⇡ 1. This means that for radiative shocks the magnetic field is very likely to become
important when the downstream plasma cools radiatively.

To calculate the expected compression ratios we can solve the momentum-conservation
flux condition, but now including magnetic field pressure (Eq. 11.53), and using T1 =
T2, and hence P2 = cP1, and B?2 = cB?1. For convenience we use a perpendicular



SNR Types: shell-type
Cygnus Loop (ROSAT)

Cas A (Chandra)



SNR Types: Plerion
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Crab nebula
3C58 (Chandra)

●Plerions are dominated by synchrotron emission from pulsar wind nebula
●They can still be considered SNRs as they have some ejecta components 
(in Crab nebula only seen in the optical)



SNR Types: Composite SNRs
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Kes 75 (Chandra)

●Composite are a combination of a shell-type SNR and a pulsar wind nebula
●Not all core collapse SNRs are plerions/composites: 

neutron stars not always powerful pulsars!



Cartoons of SNR structures
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5.3. THE REVERSE SHOCK 63
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Figure 5.1:
fig:rev_shock

Schematic view of the forward shock/reverse shock system [after 614].

5.3 The reverse shock
{sec:rev_shock}

As already indicated the fast expanding ejecta will rapidly cool adiabatically. As a
result the pressure P of the ejecta gas drops fast. For an ideal gas we have:fr

PV g =constant (5.4) {eq:adiabatic_losses}
)

Pej = P⇤
✓

Rej

R⇤

◆�3g
= P⇤

✓
Rej

R⇤

◆�5
, kTej = kT⇤

✓
Rej

R⇤

◆�2
.

with V the volume, and P⇤ and T⇤ the initial pressure and temperature at a radius R⇤.
The fastest moving, outer-most, ejecta will create a shock wave in the CSM/ISM,

and as a result a hot shell is created, which has a velocity lower than the ejecta that
caused the formation of the shock wave. As a result the freely expanding ejecta inside
the shell will collide with the shell. If this collision occurs at supersonic speed then a
shock wave will form, which (re)heats the adiabatically cooled ejecta [614]. This shock
wave is called the reverse shock (subscript rsh) and to distinguish from the forward
moving blast wave, the latter is often referred to as the forward shock (fsh).

The reverse shock (re)heats the ejecta, and makes that in young supernova remnants
we detect many X-ray lines from hot metal enriched ejecta (chapter ??). A schematic
drawing of a young supernova remnant is shown in Fig. 5.1. It shows that the hot shell
consists of two parts, roughly in pressure equilibrium: the outer most shell region con-
sists of ISM/CSM heated by the forward shock, more toward the center is the reverse
shock heated ejecta, and inside the reverse shock radius is cold freely expanding ejecta.
The boundary between the shock-heated ejecta and CSM/ISM is called the contact dis-
continuity. As the hot ejecta and shock-heated CSM/ISM are likely to have different
densities, Rayleigh-Taylor instabilities are likely to wrinkle this boundary. In addition,
clumpiness of the ejecta and/or CSM/ISM are also likely to blur the distinction between
hot ejecta and CSM/ISM.
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Figure 6.11:
fig:pwn_structure

Schematic structure of a supernova remnant with a pulsar wind neb-
ula. From inside out we have: the pulsar (cross), the unshocked pulsar wind (white)
bounded by the termination shock, the pulsar wind nebula (often with a bipolar struc-
ture), ejecta shocked by the pulsar wind nebula induced shock, the unshocked super-
nova ejecta bounded by the reverse shock, the shocked ejecta, the shocked ambient
medium, bounded by the forward shock.

from the inside out by the expanding PWN. The thermodynamics of the expanding
PWN can be understood by referring to the well -known law of thermodynamics dQ =
dU +PdV (c.f. § 5.9 , (??)), with dQ/dt = |Ėrot|, and U = P/(g � 1), the internal
energy. Since we are dealing with a relativistic gas, of low s , one expects g = 4/3. So
the thermodynamics of the PWN is governed by the equation [215]

|Ėrot|=
d
�
4pR3Ppwn

�

dt
+Ppwn4pR2 dR

dt
= (6.46){eq:thermo_pwn}

=Ppwn16pR2 dR
dt

+4pR3 dPpwn

dR
dR
dt

.

Note that the speed of sound in a relativistic gas is cs = c/
p

3, which is very fast com-
pared to the speed of the bulk flow and supernova remnant plasma. One can therefore
assume that the pressure is more or less uniform throughout the PWN.

As indicated by (6.21), the pulsar energy loss rate is fairly constant for t < tch,0
(§ 6.21). For this assumption to hold both terms in (6.46) should have the same de-
pendency on R, which requires that R2Ppwn µ R3dPpwn/dR. Hence, the pressure should
scale as Ppwn = P0R�a

0 Ra , with a a parameter that we need to determine and R0 the ra-
dius at some arbitrary time t0. Inserting this into (6.46) and integrating the differential
equations shows that

|Ėrot|t = 4p
✓

4+a
3+a

◆
P0R�a

0 R3+a = 4p(m+1)P0R(3m�1)/m
0 R1/m. (6.47){eq:p_pwn}

We have here made use of the fact that the solution requires that R µ tm, with m =
1/(3+a), the expansion parameter (§ 5.2) of the outer edge of the PWN.

Following [215], we can solve for m by assuming that the PWN initially evolves
within the core region of the ejecta (§ 5.6), for which rej = rcore,0(t/t0)�3 (5.31); and

●Pulsar wind nebulae change structure of SNRs
●May push against unshocked ejecta (Crab nebula?)
●Or may halt reverse shock



Mixed-morphology/Thermal composite SNRs
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W28 (ROSAT/VLA)

●Mixed-morphology SNRs are shell-like in radio, and centrally bright in X-rays
●X-ray emission is thermal
●Evidence for enhanced abundances
●Are older SNRs
●Idea: shell too cool for X-rays, but center hot enough for X-rays (Cox+ ’99)
●Many of the gamma-ray emitting mature SNRs are MM!!

W44 (ROSAT)
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Thermal X-ray emission
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●Most of the shock heated plasma consists of thermal population
●The X-ray emission mostly determined by:

- electron distribution (=electron temperature)
- abundances and charge states of the atoms

●Emission processes (not necessarily thermal!)
- bremsstrahlung (continuum) -> quasi power-law with exponential

- free bound emission (continuum)
- two-photon emission (continuum, 2photons from forbidden line transition)
- line emission (direct excitation, thru recombination): L-shell, K-shell

n(⌫) / ne⌃iniZ
2
i g↵(⌫)T�1/2

e ⌫�1 exp
⇣
� h⌫

kTe

⌘

Thermal X-ray radiation important for inferring
- Electron temperatures
- Densities (measure nenHV)
- Abundances (mostly from alpha and Fe-group elements)



Non-equilibrium ionization (NEI)
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●Densities in SNR plasmas low (ne=0.01-100 cm-3)
●Plasmas recently shocked (~100-~10000 yr) ⇒ still in process of ionisation
●Ionisation history:

●Relevant parameter: net (ionisation age)

log n
e
t = 12

11

10

9

Page 34 of 120 Astron Astrophys Rev (2012) 20:49

The number fraction of atoms in a given ionization state Fi is governed by the
following differential equation:

1
ne

dFi

dt
= αi−1(T )Fi−1 −

[
αi (T ) + Ri−1(T )

]
Fi + Ri(T )Fi+1, (44)

with αi (T ) being the ionization rate for a given temperature, and ion i, and Ri the
recombination rate.11

For CIE the ion fraction of a given state remains constant, thus dFi/dt = 0. For
NEI dFi/dt ≠ 0, and the ionization fractions have to be solved using the coupled
differential equations of all ion species i as a function of time, or as indicated by (44)
as a function of net . To complicate matters, in reality neither kTe, nor ne are expected
to be constant in time. The parameter net is often referred to as the ionization age of
the plasma.

Equation (44) can be solved by direct integration, but this is CPU intensive and
not very practical when it comes to fitting X-ray spectral data. A faster approach
(Hughes and Helfand 1985; Kaastra and Jansen 1993; Smith and Hughes 2010) is to
rewrite (44) in matrix notation,

1
ne

dF
dt

= A · F, (45)

determine the eigenvalues and eigenvectors of A and then solve for the uncoupled
equations

1
ne

dF′

dt
= λ · F′, (46)

with λ the diagonal matrix containing the eigenvalue, and F′ = V−1F, with V con-
taining the eigenvectors.

The main effect of NEI in young SNRs is that the ionization states at a given
temperature are lower than in the CIE situation. In Fig. 11 the effect of NEI in young
SNRs is illustrated. As an example consider the presence of O VIII in Fig. 11a, which
peaks in CIE at kTe = 0.2 keV. Seeing a plasma in a SNR with most of the oxygen
in O VIII may lead to the conclusion that the plasma is relatively cool. However,
as Fig. 11b shows, the temperature may very well be kTe = 1 keV, but with a low
ionization parameter of net ≈ 8 × 109 cm−3 s. For temperatures relevant for young
SNRs (kTe = 0.5–4 keV) the time needed to reach CIE is around net ≈ 1012 eV.
Typical values for net in SNRs are between 109–5 × 1012 cm−3 s, i.e. the plasmas
of most SNRs are not in CIE. Note that the relevant time scales for reaching CIE is
similar to that for reaching electron–proton temperature equilibration (Sect. 5.3).

Once a plasma has reached CIE one can have a reversal of the NEI situation; i.e.
the plasma can become overionized instead of underionized, if the cooling rate is
faster than the recombination rate. This will be discussed in connection to mixed-
morphology SNRs in Sect. 10.3.

11For this equation it is assumed that the fractions only increase by ionization from a lower ionization state
or recombination from a higher ionization state. This may not be strictly true, if one takes into account inner
shell ionizations, which may result in multiple electrons being liberated.

Vink 2012



Thermal X-ray emission
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●Model emission of pure Si-plasma
●kTe=1 keV,net=5x1010cm-3s

●Line energies of Fe-atoms with 
different charge states

●Most common in hot plasmas: He-
like Fe (=Fe XXV): 6.7 keV

●Cold Fe 6.4 keV



Fe-K line diagnostics
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region, and while many of them show Fe enrichments of the
order of the Fe knots, we have so far identified no others
where the Fe is a pure as in c6a.

The Fe-rich knots considered here have Fe/Si abundance
ratios that are higher, generally by an order of magnitude or
more, than the typical 0.25 ratio that is obtained through
incomplete explosive Si burning in a 20 M! progenitor (see
Table 2 in Thielemann, Nomoto, & Hashimoto 1996). It is
clearly indicated that some of the Fe is produced with com-
plete Si exhaustion, as is already established, both by earlier
X-ray spectral observations (Hughes et al. 2000) and by the
confirmed detection of the decay products of 44Ti, which is
formed by !-rich freezeout (complete Si burning that occurs
at lower densities). The explicit identification of a possible
pure cloud of Fe ejecta in region c6a suggests strongly that
this may be one of the sites where !-rich freezeout occurred
in Cas A.

The fitted ionization ages for the regions surrounding the
A series of knots in the east are lower than but of the same
order of magnitude as that in the knots themselves. A den-
sity contrast of a similar amount (a factor of 2–3) may be
accommodated without triggering the hydrodynamic insta-
bilities in a manner that destroys the knots. Paper I demon-
strates that the curves of Te against net are essentially
unchanged for such small degrees of clumping. The approx-

imately solar Fe/Si abundances for this region are also at
least a factor of 2 lower than the average Fe/Si abundance
in the compact knots. A reasonable inference is that the Fe
in the gas surrounding the compact knots was mixed with
other gas less rich in Fe after being stripped from Fe-rich
knots that initially had higher density contrasts compared
to their surroundings and thus did not survive the action of
instabilities. Another possible interpretation would be that
the abundances surrounding the knots are the result of
incomplete explosive Si burning, compared with complete
explosive Si burning in the compact knots themselves (see,
e.g., Thielemann et al. 1996).

4. Fe EJECTA MODELS AND DISCUSSION

In connection with Fe ejecta knots, it is also necessary to
consider that 56Fe is originally formed as 56Ni, which decays
radioactively. If the initially formed Ni clumps are suffi-
ciently large, they will be opaque to the "-ray radiation
produced by the decays and thereby expand to form a hot,
low-density Fe bubble. As the reverse shock traverses these
bubbles, the resulting turbulence plays an important role in
mixing the Fe ejecta into overlying ejecta layers (Li,
McCray, & Sunyaev 1993), as well as causing filamentation
in the overlying (Si-rich) ejecta (Blondin, Borkowski, &

Fig. 4.—Top: The 2000 epoch ACIS spectrum of the diffuse Fe cloud is shown with a single-temperature model with separate ionization ages for Si
compared to Fe andNi (no other elements are included) in the left panel; the jointly fitted 2000 (red) and 2002 (black) epoch spectra for the Fe cloud are shown
in the right panel.Bottom: Confidence contours for Si and Fe ionization ages showing D#2 ¼ 2:3, 4.6, and 9.2 for the joint fit shown above.
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Fe-K in RCW 86: 6.4 keV
(Vink+ 97)

Fe-K in Cas A: 6.7 keV
(Hwang & Laming 03)



Absence of Fe-L in NE of RCW 86
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●Fe-L: ionization state Fe XVII or higher
●In RCW 86 (SN185) eastern part: faint 
thermal emission in association with X-ray 
synchrotron -> low net

Vink+ 2006



Supernova remnant shock physics
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• Atmospheric shocks: heating in shock due to particle-particle collisions
• In astrophysical plasmas: density (n) is very low
• Mean free path= nσv can be very long for particles

• Estimate of cross sections, two particle m1 and m2, charge Z1,Z2

• Impact parameter = b
• Relevant b: kinetic energy=potential energy

8 2. DIFFUSIVE SHOCK ACCELERATION

Note that in the above equations we silently assumed that � is constant accross the shock, and that the
pressure on both sides of the shock are isotropic. For very strong shocks we do not really care much
about whether � is constant, as only the downstream value then matters. Non-isotropic pressure may be
important if magnetic fields are important. Note that the shock relations are then also different, as the
magnetic fields maty incur a pressure. See McKee & Hollenbach (1980) for the full set of jump condi-
tions including magnetic fields. Even more varied solutions exists. For example, neutral particles may
iniitially not interact with the main shock, and the full set of conserved quantities should really be eval-
uated over a large range in distance. We can also not always be sure that the enthalpy-flux is conserved.
In astrophyiscal shocks radiation from the post-shock region may cause violation of enthalphy-flux con-
servation. For the topic of these notes it is may be even more interesting to note that also accelerated
particles may escape the system and carry enthalpy away from the shock region.

2.2 COLLISIONLESS SHOCKS

Shocks are induced in supersonic flow due to some disturbence. The shock solution with � = 1 is allways
a valid solution, but is not stable. The transition in the shock itself occurs due to non-adiabatic heating
of the particles, i.e. the bulk motion of the particles is partially randomized and leads to thermalization
of the particles (random motions).

In atmospheric shock this randomization and thermalization occurs due to particle-particle collisions,
caused by the Coulomb forces of the particles. In astrophysical settings the cross-sections for Coulomb
forces often turn out to be too small, or the densities too low, for Coulomb interactions to be relevant for
shock formation.

This can be illustrated as follows (e.g. Zel’dovich & Raizer, 1966). For charged particles the energy
exchange is governed by Coulomb interactions. A particle is deflected by 90� in the center of mass
frame, if the following condition for the impact parameter b is met:

1
2

m1m2

m1 + m2
v2 =

Z1Z2e2

b
, (2.13)

with m1, m2 the masses of the two particles, Z1e, Z2e their charges, and v their relative velocity. The
cross section for such a deflection by a single scattering is (�Coulomb = ⇡b2):

�Coulomb ⇡ 4⇡
Z2

1Z2
2e4

v4

⇣m1 + m2

m1m2

⌘2
. (2.14)

The corresponding collision time scale is ⌧Coulomb = 1/(n�v) / v�3 / E�3/2. Inserting for the
m1 and m2 the proton mass and a typical velocity of v = 1000 km s�1, one finds for proton-proton
collisions ⌧pp ⇡ 1012n�1

p s (about 32,000 n�1
p yr), and a mean free path �p ⇡ 1020n�1

p cm (32 pc).
These are much larger than the ages and radii of young SNRs. As these young SNRs clearly do have
shocks and hot, X-ray emitting, plasma, the formation of the shock and the plasma heating cannot be the
result of Coulomb interactions. Instead “collective interactions”, occurring through fluctuating electric
and magnetic fields, must be responsible for the plasma heating.

Simulations (e.g. ?) show that the heating in such shocks takes place over a distance of typically
10-100 times c/!pe, with !pe = (4⇡e2ne/me)1/2 the plasma frequency. This corresponds to a shock
thickness of roughly �x = 107n�1/2

e cm, thirteen orders of magnitude smaller than the range over which
Coulomb collisions operate! For this reason SNR shocks and shocks in other low density media, such
as the interplanetary medium, are called collisionless shocks. A nice example of the narrowness of an
collisionless shock in the interplanetary medium is shown in Fig. 2.2.
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• For v≈1000 km/s, n=1cm-3 one finds for proton-proton
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m1 and m2 the proton mass and a typical velocity of v = 1000 km s�1, one finds for proton-proton
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These are much larger than the ages and radii of young SNRs. As these young SNRs clearly do have
shocks and hot, X-ray emitting, plasma, the formation of the shock and the plasma heating cannot be the
result of Coulomb interactions. Instead “collective interactions”, occurring through fluctuating electric
and magnetic fields, must be responsible for the plasma heating.

Simulations (e.g. ?) show that the heating in such shocks takes place over a distance of typically
10-100 times c/!pe, with !pe = (4⇡e2ne/me)1/2 the plasma frequency. This corresponds to a shock
thickness of roughly �x = 107n�1/2

e cm, thirteen orders of magnitude smaller than the range over which
Coulomb collisions operate! For this reason SNR shocks and shocks in other low density media, such
as the interplanetary medium, are called collisionless shocks. A nice example of the narrowness of an
collisionless shock in the interplanetary medium is shown in Fig. 2.2.

• This is larger than the size of most supernova remnants!!
• Hence: shocks must be collisionless:

• Heating due to electric/magnetic fields & waves!!



Rankine-Hugionot relations
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•Rankine-Hugoniot relations: 
•  mass-, momentum- & enthalpy-flux conservation 
• do not depend on collisionlessness of shock!

⇢1v1 = ⇢2v2

P1 + ⇢1v1 = P2 + ⇢2v2

(P1 + u1 +
1
2
⇢1v

2
1)v1 = (P2 + u2 +

1
2
⇢2v

2
2)v2

•Solutions for strong shocks:

� =
(�g + 1)M2

1

(�g � 1)M2
1 + 2 ! 4 for M2

1 ⌘
1
�g

⇢1v2
1

P1
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⇢1
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But what about electrons vs ions?
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●Rankine-Hugoniot equations: observe conservations laws
●There is some freedom regarding the internal division of 
momentum, energy between electrons, protons, ions

●Collisional shocks: collision exchange makes that 
kT=kTp=kTe=kT

• What about collisionless shocks?
• Electrons and ions heated without interparticle exchange
• Most extreme cases:

• Full equilibration
• Full non-equilibration

     (kT ∝ mass)
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ABSTRACT

Astrophysical shocks are often collisionless shocks, in which the changes in plasma flow and temperatures across the shock are
established not through Coulomb interactions, but through electric and magnetic fields. An open question about collisionless shocks
is whether electrons and ions each establish their own post-shock temperature (non-equilibration of temperatures), or whether they
quickly equilibrate in the shock region. Here we provide a simple, thermodynamic, relation for the minimum electron-ion temperature
ratios that should be expected as a function of Mach number. The basic assumption is that the enthalpy-flux of the electrons is
conserved separately, but that all particle species should undergo the same density jump across the shock, in order for the plasma to
remain charge neutral. The only form of additional electron heating that we allow for is adiabatic heating, caused by the compression
of the electron gas. These assumptions result in an analytic treatment of expected electron-ion temperature ratio that agrees with
observations of collisionless shocks: at low sonic Mach numbers, Ms . 2, the electron-ion temperature ratio is close to unity, whereas
for Mach numbers above Ms ⇡ 60 the electron-ion temperature ratio asymptotically approaches a temperature ratio of Te/Ti =
me/hmii. In the intermediate Mach number range the electron-ion temperature ratio scales as Te/Ti / M�2

s . In addition, we calculate
the electron-ion temperature ratios under the assumption of adiabatic heating of the electrons only, which results in a higher electron-
ion temperature ratio, but preserves the Te/Ti / M�2

s scaling. We also show that for magnetised shocks the electron-ion temperature
ratio approaches the asymptotic value Te/Ti = me/hmii for lower magnetosonic Mach numbers (Mms), mainly because for a strongly
magnetised shock the sonic Mach number is larger than the magnetosonic Mach number (Mms  Ms). The predicted scaling of
the electron-ion temperature ratio is in agreement with observational data for magnetosonic Mach numbers between 2 and 10, but
for supernova remnants the relation requires that the inferred Mach numbers for the observations are overestimated, perhaps as a
result of upstream heating in the cosmic-ray precursor. In addition to predicting a minimal electron-ion temperature ratio, we also
heuristically incorporate ion-electron heat exchange at the shock, quantified with a dimensionless parameter ⇠, which is the fraction
of the enthalpy-flux di↵erence between electrons and ions that is used for equilibrating the electron and ion temperatures. Comparing
the model to existing observations in the solar system and supernova remnants suggests that the data are best described by ⇠ & 5%,
but also provides a hint that the Mach number of some supernova remnant shocks may have been overestimated; perhaps as a result
of heating in the cosmic-ray precursor.

Key words. shock waves – plasmas – ISM: supernova remnants – Sun: coronal mass ejections (CMEs) – interplanetary medium –
galaxies: clusters: intracluster medium

1. Introduction

Most astrophysical shocks, whether in the solar system, in the interstellar medium, or very large scale shocks in clusters of galax-
ies, are so-called collisionless shocks. The change in flow and plasma parameters across these shocks are not established through
particle-particle collisions (Coulomb interactions), but through collective e↵ects (electric and magnetic field fluctuations, see the
textbooks devoted to collisionless shocks by Tidman & Krall 1971; Balogh & Treumann 2013). One of the questions about colli-
sionless shocks is whether or not di↵erent types of particles will be shock-heated to the same temperature or not. For a high Mach
number shock in a single fluid approximation characterised by an adiabatic index of � = 5/3 the post-shock temperature should,
according to the Rankine-Hugoniot jump conditions, be

kT =
2(� � 1)
(� + 1)2 µmpV2

s =
3
16
µmpV2

s , (1)

with µ the average mass of the particles in units of the proton mass mp, and Vs the shock velocity. For plasmas with solar abundances
µ ⇡ 0.61. For collisionless shock heating, i.e. in absence of Coulomb equilibration, it is not clear whether a single temperature kT
characterises the temperature of each particle species, since this requires equilibration of energies between the ions and the electrons.

1 Here µ < 1 because electrons also have to be taken into account, and they have a mass that is much lower than the protons.
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It is not a priori known how this equilibration should be established, since electron-ion collisions are by definition negligible in col-
lisionless shocks. Instead it is often assumed that downstream of high Mach number, collisionless shocks the expected temperature
for each species i is given by

kTi =
3

16
miV2

s , (2)

which implies that electrons have a temperature a factor 1/1836 lower than the protons (e.g. Ghavamian et al. 2013, for review).
Note that further downstream of the shock Coulomb collisions will tend to slowly equilibrate the ion and electron temperatures. But
plasmas in objects like young supernova remnants (SNRs) are likely not to have reached full temperature equilibrium throughout
the entire shell (Itoh 1978; Vink 2012; Ghavamian et al. 2013). The non-equilibration of ion and electron temperatures is not only
important for SNRs, but appears also to a↵ect low Mach number shocks in the solar system (e.g. Schwartz et al. 1988), clusters of
galaxies (Russell et al. 2012), and may a↵ect the observability of the yet to be detected warm hot intergalactic medium (WHIM,
Bykov et al. 2008), in which a fraction of 40–50% of the baryons in the Universe reside.

Clear observational evidence for non-equilibration of electron and ion temperatures comes from SNRs. Early evidence for non-
equilibration was provided by the fact that young SNRs seem to have lower electron temperatures (kTe . 4 keV) than they should
have given that they have shock speeds up to ⇠5000 km s�1 (kT ⇠ 30 keV). More direct proof that SNR shocks heat the electrons
to lower temperatures than the ions comes from measurements of the ion temperatures, obtained from thermal Doppler broadening
of line emission in the optical (Rakowski et al. 2003; Ghavamian et al. 2007), UV (Raymond et al. 1995), and X-rays (Vink et al.
2003; Furuzawa et al. 2009; Broersen et al. 2013). The most extensive results come from optical spectroscopy, using the broad-
line component of H↵ emission, which arises from charge exchange between neutral hydrogen penetrating the shock and already
shock-heated protons downstream of the shock. The ratio between the narrow-line H↵ component, caused by direct excitation,
and the broad-line component is sensitive to the ratio of the electron to ion temperature (Ghavamian et al. 2007; van Adelsberg
et al. 2008). In some cases broad-line H↵ measurements can be supplemented by X-ray measurements of the electron temperature
(Rakowski et al. 2003; Helder et al. 2011). These measurements suggest that for shock velocities .400 km s�1 the electron and
proton temperatures are more or less equal, whereas for higher velocities the degree of equilibration appears to decrease roughly
as Te/Tp / V�2 (Ghavamian et al. 2007).

Observations of electron heating at the Earth bowshock shows that electrons are in most cases heated to lower temperatures than
the ions (Schwartz et al. 1988), with a Mach number dependence that suggests that there is an inverse correlation between Mach
number and electron-ion temperature ratio (Ghavamian et al. 2013). Finally, measurements of post-shock temperature profiles in
clusters of galaxies indicate that the electrons are heated at the shock to similar temperatures as the ions (Markevitch 2006), or they
obtain slightly lower temperatures than the ions (Russell et al. 2012).

In this paper we provide an alternative, simple explanation for the behaviour of the electron-ion equilibration as a function of
Mach number. The approach does not rely on details of the shock heating mechanism itself, but only on the thermodynamics of the
shocks. The only assumption that is made is that the density jump across the shock is the same for all species, in order to maintain
charge neutrality. We show that this assumption does not support the sometimes expressed idea that non-equilibration implies that
Te/Ti ⇡ me/mi. Instead we show that for low Mach numbers Te/Ti ⇡ 1, and that only for high Mach numbers Te/Ti = me/mi. In
between these extremes we obtain a relation Te/Tp / M�2, similar to the relation suggested by Ghavamian et al. (2007). A further
modification to the model is made by parameterising ion-electron heat exchange, heuristically allowing for additional heat flow
from the ions to the electrons.

2. Derivation of a relation between electron and ion temperatures

The shock jump conditions for a plane parallel unmagnetised shock are given by the well known Rankine-Hugoniot relations
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with the subscripts 1 and 2 indicating the quantities upstream and downstream of the shock respectively, v the plasma velocity in the
frame comoving with the shock, ⇢ = nµmp the density (and with n the particle density), and P = nkT the gas pressure. The solution
to this equation is that the density ratio between pre-shock and post-shock plasma is
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and that the downstream temperature is

kT2 =
1
�

"
1
�M2

s
+

 
1 � 1
�

!#
µmpv

2
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with � = 5/3 the adiabatic index, and Ms ⌘ v1/cs =
q
⇢v21/(�P1) the sonic shock Mach number. For Ms ! 1 this becomes Eq. (1).

In Sect. 2.3 we also discuss the e↵ects of magnetic fields, in which case the Alfvén Mach number should also be taken into account.

A13, page 2 of 11



Comparison to observations
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●Relation works for M<10
●For M>10: 5% energy between electrons and ions needed
●SNRs: seems to have shifted

●Probably: upstream medium is hotter than assumed
●Mach number overestimated!

Data: Ghavamian+ 14
Models: Vink+ 15
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Figure 4.2:
fig:te_ti_ratio

The solid black line shows the expected electron to ion temperature ratio,
based on a model for which the electrons are only heated by thermalisation of their own
kinetic energy plus some adiabatic heating [907]. For the blue line a 5% energy tranfer
from the ions to electrons is assumed. The data points are taken from the review by
Ghavamian et al. [349]. Note that for the supernova remnant data Mach numbers were
estimated from the shock velocities assuming a sound speed of 11 km s�1. The 1/M2

s
scaling of the data points and the model is illustrated with the dashed line.

downstream plasma properties are in both cases governed by the Rankine-Hugoniot
relations (§. 4.1). However, because per definition in collisionless shocks Coulomb in-
teraction length scales are very long, we can no longer assume that each particle species
will heated to the same temperature in the shock transition layer. For example, if we
treat the Rankine-Hugoniot relations completely separately for protons and electrons,
Eq. 4.12 would lead to completely different temperatures for electrons and proton tem-
peratures downstream of the shock: kTe = 3/16meV 2

sh, kTp = 3/16mpV 2
sh. The ratio of

these temperatures is Te/Tp = me/mp ⇡ 5.5⇥10�4!
Indeed, there is ample observational evidence that in young supernova remnants

the electron temperature is lower than the proton temperature [see 349, for a review].
For example, all young supernova remnants seem to have electron temperatures kTe .
4 keV, whereas for the measured shock velocities of ⇠ 5000 km s�1 one expects kT =
µmpV 2

sh ⇠ 25 keV. More observational details are provided below.
It is not a priori clear whether collisionless shocks will produce roughly equal

electron- and ion temperatures. In and immediately around the shock transition layer
there may be various plasma instabilities that could couple the electrons and ions ef-
fectively, resulting in roughly equal electron/ion temperatures. An example is lower
hybrid oscillations, studied by Ghavamian et al. [346] as means of heating the elec-
trons.

Another approach [907], which gives a likely lower limit to the electron/ion tem-
perature ratio, is to consider the kinetic energy of the electrons and ions separately, as
two ”fluids”, with each species conserving its own enthalpy flux (4.4). The momen-
tum equation Eq. 4.3 does not have to be split per species. The reason is that elastic
scatterings of the electrons with the plasma waves may affect the directions of the mo-



Evidence for hot gas near SNR shocks

�73

J. Sollerman et al.: The collisionless shocks in supernova remnants 255

Fig. 6. Shock velocity versus the FWHM of the narrow component of
the observations listed in Table 1, except for SNR 0509-67.5 for which
there is no estimated shock velocity. The line shows the best linear fit
to the data, as discussed in the text.

It is unclear whether our result for the SN 1006 Balmer
filaments reflects a general trend of sharply declining narrow
component line width at high shock speeds (≃3000 km s−1) or
whether the small line width is caused by some unique, un-
known property of the SN 1006 blast wave.

It is interesting to note that also SNR 0509−67.5 displays a
rather narrow component (Table 1). In fact, Smith et al. (1994)
measured 25 ± 3 km s−1 for the central and eastern rims. This
is the one LMC remnant whose broad component Hα width
has eluded detection (Tuohy et al. 1982; Smith et al. 1991;
Smith et al. 1994). Interestingly, the limit on the blast wave
speed derived by Tuohy et al. (1982) for SNR 0509−67.5
is ≥3600 km s−1, i.e., similar to the speed of 3000 km s−1,
measured for SN 1006. In fact, speculations of the narrow
component width in this remnant were already forwarded by
Smith et al. (1994). However, it is probably premature to use
these small widths of SNR 0509−67.5 in conjunction with our
SN 1006 results to argue for a high shock velocity cutoff in nar-
row component line widths in Balmer-dominated shocks. In the
western rim of the same supernova remnant, Smith et al. (1994)
measure a narrow component width of 31 ± 2 km s−1, which
is similar to the values seen in many other Balmer-dominated
remnants. A more reliable estimate of the blast wave speed
of SNR 0509−67.5 will be required to confirm the presence
of a high shock velocity cutoff. Measurements of the width of
the narrow component of Hα at more positions within SN 1006
could also be useful, to investigate whether the narrow width is
sensitive to geometry or local pre-shock conditions.

4.3. Narrow [N II] emission in the Balmer dominated
Knots in Kepler’s SNR

In the case of Kepler’s SNR, the detection of [N II] from
Balmer-dominated shocks may have some bearing on the
precursor question. With a broad component Hα width

of 1800 km s−1 (Blair et al. 1991), the inferred shock speed
in the knots is far too high for the onset of postshock cool-
ing. Therefore, the [N II] emission from knots D49 & D50
cannot be produced in a cooling zone as is seen in partially
radiative shocks in RCW 86 (Long & Blair 1990). Further
evidence against a cooling zone origin for the [N II] is the
lack of [S II] and [O III] emission from knots D49 & D50
(Blair et al. 1991). The width of the [N II] line observed from
Knots D49 & D50 indicates that the nitrogen emission can-
not come from the immediate postshock ionization zone either,
since for shock speeds ∼2000 km s−1, nitrogen ions would be
raised to temperatures exceeding 5 × 107 K by collisionless
heating at the shock front.

The remaining possibility is that the observed [N II] emis-
sion is generated ahead of the Balmer-dominated shocks in
knots D49 & D50, in the precursor. The difference between the
narrow component Hα width and the [N II] line width is inter-
esting. If the [N II] line width is thermal, it would indicate that
the nitrogen ions ahead of the shock are heated to ∼120 000 K,
nearly three times hotter than the hydrogen atoms. This would
be difficult to explain with a fast neutral precursor because in
that case the energy is deposited primarily into the H atoms. In
addition, there is little time for Coulomb collisions to commu-
nicate the heating to the N ions before they are all overtaken
by the shock. Therefore, it is likely that the 20 km s−1 broad-
ening of the [N II] line is nonthermal. A nonthermal broaden-
ing mechanism is readily found in the Alfvèn wave activity ex-
pected in a cosmic ray precursor. Such waves follow a spectrum
of amplitudes (Blandford & Eichler 1987; Smith et al. 1994)
which can simultaneously heat ions with a range of masses.
Therefore, the large [N II] line width in knots D49 & D50 may
be indirect evidence of a cosmic ray precursor. Note that this
does not disprove the existence of a fast neutral precursor, but
implies that such a mechanism alone is unlikely to account
for the observations. The fact that [N II] is detected here but
not in Balmer-dominated shocks of comparable speeds in other
SNRs (such as Tycho’s SNR, Smith et al. 1991; Ghavamian
et al. 2001) may be due to an overabundance of nitrogen in-
ferred for the knotty material around Kepler’s SNR (Leibowitz
& Danziger 1983; Blair et al. 1991).

4.4. Limits on the diffusion coefficient of precursor
particles

The narrow component line widths measured in RCW 86 and
Kepler’s SNR can be used to place a limit on the cosmic ray
diffusion coefficient κ in these remnants. Assuming that the
line widths represent thermal broadening, an upper limit on
the precursor width is obtained by requiring that it must be
small enough to avoid complete ionization of neutral H be-
fore it enters the shock (Hester et al. 1994; Smith et al. 1994).
We have refrained from making the same analysis for the fast
shock in SN 1006, since for a preshock temperature of∼9500K
the ionization argument can be questioned. The limit on the
diffusion coefficient is then κ < v2S/neqi(Te), where ne is the
preshock electron density and q i(Te) is the ionization rate co-
efficient at the preshock electron temperature T e. We have

●Narrow Hα line emission SNRs: reflects kT unchecked gas
●Sollerman+ 2003: FWHM much broader than thought

●Preheating of gas required
●Preheating may be due to radiative or cosmic-ray precursor
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Electrons

Protons

For young SNRs electron temperatures low (~3 keV expected ~20 keV)
-Electron and proton temperatures different at shock: kT~<m>V2    or kTi~miV2?    
- Coulomb equilibration slow net~1012 cm-3s
- Non-linear cosmic-ray acceleration takes away shock energy
- Measuring ion temperatures ⇒ thermal Doppler broadening

●    Simplified plane parallel shock model, no equilibration:

Temperature non-equilibration



Extreme NEI: SN1006
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Target

• Knot size ~ 1 arcmin   (0.4 arcmin FWHM)
•Target for XMM-Newton Reflective Grating Spectrometer
• Spectral resolution for bright lines , e.g OVII (~22Å): ~ 1/170

Vink+ 2003, Vink ’05, Broersen+ 2013
 

SN1006



The OVII Thermal Broadening
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σE = 3.4±0.5 eV
kTOVII = 528 ± 150 keV (6x109 K)
kTe=1.5 keV
Vs  ~ 4000 km/s

Vink+ ’05, Broersen+ ‘15



II 
Supernova remnants

iii. Clues toward explosion properties
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Linking SNRs with SN classes
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●oxygen
●neon
●silicon

G292.+1.8

0519-690

●Core collapse SNRs are rich in O, Ne, Mg
●Type Ia SNRs are iron-rich (Fe-L bump @ ~1 keV)

e.g. Hughes ’95, Flanagan+ ‘04, Kosenko+ ‘10



Difference between CC and SN Ia SNRs
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Figure 9.2: Results from a statistical analysis of the Si XIII emission supernova
remnant morphology (around 1.85 keV) as observed with the Chandra-ACIS instru-
ment [573, 575]. The numbers P0,P2,P3 represent different symmetry properties,with
P3 quantifying mirror assymetry (low values indicate symmetric objects), whereas P2
quantifies elongation. Known Type Ia SNRs (red) clearly occupy a different region of
the diagram than core collapse SNRs (blue), being more symmetric and on average less
elongated. (Reproduced from Lopez et al. (2009) Lopez et al. [573].)

fig:lopez

Type Ia supernova remnants all dust is associated with shocked ambient medium
(see Chapter 7).

Some of these features (like compositional differences) can be easily understood based
on our understanding of thermonuclear versus core-collapse supernovae, whereas oth-
ers may provide us with important information regarding the explosion mechanisms or
the effects the progenitor (system) may have had on the remnant’s ambient medium.
Finally, although the above trends are noteworthy, not all of the above points are set in
stone: as we will discuss below, not all Type Ia supernova remnants may be circular or
mirror symmetric.

9.2 Type Ia supernova remnants
{sec:type_ia_snrs}

The evolution of Type Ia remnants iswell illustrated by the nine Type Ia remnants iden-
tified in the Large Magellanic Cloud as shown in X-rays in Fig. 9.4 (see also § 3.4). The
reason why these are believed to be Type Ia remnants is immediately clear from the fact
that for all of them Fe-L shell emission is clearly associated with the central regions of
these supernova remnants. However, in the younger remnants the Fe-L emission comes
from a partial shell, not from the very centre, because the reverse shock has only just
begun to penetrate the iron-rich ejecta (SNR 0509-67.5), or has penetrated a large part
of it, but not yet to the core of the ejecta (SNR 0519-69.0). However, the supernova
remnants in the middle and bottom row all show Fe-L emission from their very cores,
indicating the reverse shock has (almost) reached the explosion centres. These super-
nova remnants can therefore no longer be consider ”young”. Indeed many of them
show radiative shocks (§ 4.5), with exception of SNR 0548-70.4 [821] and, DEM L71,
which show a mix of radiative and non-radiative shocks [722]. It is quite remarkable

Lopez et al. 2009
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Figure 9.3:
fig:fe_k_snrs

The iron K-shell line luminosity of young supernova remnants versus its
centroid energy, which shows a clear separation between Type ia and core-collapse
supernova remnants. The figure is reproduced from Yamaguchi et al. (2014) [965].
The coloured area’s correspond to the expected values for different type of Type Ia
explosion models, see the original publication for more details.

that even at a relatively old age supernova remnants can still be typed based on their
Fe-L emission properties.

The morphologies of the Type Ia supernova remnants show these Type Ia supernova
remnants to be regularly shaped, at least up to the middle-age phase, whereas the X-
ray images become too noisy for the older supernova remnants to conclude much about
their morphology (last row). This notion of ”regularly shaped” was put on more quanti-
tative footing in [573, 575] showing that young Type Ia supernova remnants tend to be
more symmetric. This statistic was specifically aimed at the X-ray emitting ejecta com-
ponents [575] suggesting that the explosion mechanism of Type Ia supernovae produce
a symmetric ejecta distribution. Fig. 9.5 shows that the ejecta are also very much struc-
tured in a radial sense, with iron concentrated more toward the centre, with a shell of
intermediate mass elements surrounding it, and oxygen in the outer most layers of the
supernova remnant. Shown here is the result for SNR 0519-69 [517], but the layered
structure can be seen in many other Type Ia supernova remnants, including Tycho’s
supernova remnant [450]. For SNR 0519-67.5 the oxygen emission at the outskirts
is remarkable (the O VII and O VIII lines can be clearly seen in the high resolution
spectrum shown in Fig 9.1, see also [517]). It could be shocked interstellar medium
oxygen, but it is more likely to be unburnt oxygen from the explosion of the white
dwarf itself. This is not regularly observed in Type Ia supernova remnants. For exam-
ple for Kepler’s supernova remnant oxygen emission is confined to a few small regions
[744], and also for Tycho’s supernova remnant oxygen does not feature as dominantly
in the XMM-Newton-RGS spectrum as for SNR 0519-69. In contrast, SN 1006’s over-
all thermal X-ray emission is dominated by O VII emission, which may also indicate a

●SN Ia: 
●tend to be more roundish
●Fe K lower energy (6.5 keV) -> low ionisation -> lower CSM densities?
●Halpha shock only SN Ia remnants

●Are exceptions and caveats: W49B may be SN Ia (Zhou&Vink ’18)

Yamaguchi et al. 2014



Oxygen-rich supernova remnants
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9.3. CORE-COLLAPSE SUPERNOVA REMNANTS 171

Figure 9.11:
fig:orich

X-ray images of oxygen-rich supernova remnants. From left to right,
top to bottom: Cas A, G292.0+1.8, B0540-69.3, N132D, 1E0102.2-7219, B0103-72.6,
and B0049-73.6. All images generated from Chandra ACIS archival data by the au-
thor, except Puppis A, which is based on Chandra and XMM-Newton data [credit:
NASA/CXC/IAFE/G.Dubner et al & ESA/XMM-Newton ? ]. Properties of the super-
nova remnants, references, and the colour coding are listed in Table 9.1.
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Figure 9.11:
fig:orich

X-ray images of oxygen-rich supernova remnants. From left to right,
top to bottom: Cas A, G292.0+1.8, B0540-69.3, N132D, 1E0102.2-7219, B0103-72.6,
and B0049-73.6. All images generated from Chandra ACIS archival data by the au-
thor, except Puppis A, which is based on Chandra and XMM-Newton data [credit:
NASA/CXC/IAFE/G.Dubner et al & ESA/XMM-Newton ? ]. Properties of the super-
nova remnants, references, and the colour coding are listed in Table 9.1.

●Oxygen-rich SNRs: most likely more massive progenitors (M>18 Msun)
●Irregular shapes

●except SMC SNRs!
●Some with, some without pulsar wind nebulae



Cassiopeia A
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XMM

●Lots of Si/S-rich material
●Poor in Ne/Mg (contrary to models!!)
●In some places: iron overtaken Si!

(Hughes+ ’00)
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Figure 9.12:
fig:casa_si_fe_rich_specs

X-ray Chandra spectra of two regions in the southeast of Cas A, one
extremely iron rich (blue) and the other silicon-rich (black). The iron-rich spectrum
shows little evidence for emission from alpha elements with most features around
1 keV coming from Fe-L shell emission from Fe XXVI and higher, and a prominent
Fe-K feature around 6.7 keV [c.f. ? ? ].

outside the main Si-rich shell [? ]. Using the Doppler-shift information the X-ray
emitting ejecta of Cas A does no so much consist of a spherical shell, but appears
more like a ”donut”, with the southeastern part coming toward us, and the northeastern
part receding from us. Interestingly, a donut-like morphology was also inferred from
Doppler imaging of the oxygen-rich remnant 1E0102.2-7219 [318], as measured with
the Chandra high-energy grating spectrometer (Fig. 9.13).

The iron fingers do not have an apparent axis of symmetry, with fingers going
toward the southeast, towards the backside in the northeast and toward the west. How-
ever, there is an obvious axis of symmetry when considering silicon and sulphur (the
latter also seen in the optical). Indeed a ratio map of Si XVII line emission and Mg
XI emission reveals a jet-like feature running from the (north)east to the (south)west,
slightly tilted [? 453] (Fig. 9.14). The jets are projected beyond the forward shock,
and the (north)eastern are associated with long known streams of extremely fast mov-
ing optical knots, bright in [S II] [e.g. 308? ], and also with an infrared counterpart
[? ]. Proper motions of the optical knots reveal velocities up to 15,600 km s�1, and
Doppler measurements of the optical knots reveal the jets to be fortuitously lying al-
most in the plane of the sky. The southwestern counterpart is more irregular, as if it
was broken up after interactions with denser ambient medium. The overall distribution
of silicon-richness along the jets is not confined to the jets alone. An optical survey of
outer knots in Cas A revealed a remarkable dichotomy in knots that are bright in [O
II] versus knots that are bright in [S II]. The latter are found in the polar directions, as
defined by the jet-directions, whereas knots bright in [O II] are mostly mainly found in
the more equatorial directions [? ] (Fig. 9.14, right).

The energy associated with the jet system is uncertain. Hydrodynamical simula-
tions of the jet and the remnant suggest a jet energy of ⇡ 1048 erg [792], but a survey
of optical knots was used to estimate a jet energy of & 1050 erg [? ]. This discrep-



(A)symmetries I: Jet/Counter-jet
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●Jet 
●Si-emission 
●Radio

Fesen et al. ’01, Vink ’04, Hwang+ 04, Hines+ ’04, Laming et al.’06, Schure+ ‘07

•In X-rays, brought out using Si/Mg ratio: Si-rich
•Optical: sulphur (not oxygen) fast moving knots
• If originating in core, why Si/S & not Fe rich? (Si bipolar/Fe irregular)
• Not a GRB jet: energy ~1048-49 erg (Schure et al. ‘07)
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60"

Figure 9.14:
fig:casa_jet_ti44

Left: X-ray map of Cas A made with NuStar in the line of 44Sc (caused
by the decay of 44Ti) around 68 keV, and an Fe-K map [453] (red) and a map of
the silicon-rich jet (original provided by J. Vink) [? ]. (Credit: Credit: NASA/JPL-
Caltech/CXC/SAO.) Right: The distribution of outer lying optical knots in Cas A,
projected onto a Hubble Space Telescope ASC image [? ]. The blue circles indicate
the positions of [N II] knots, green circles correspond to [O II] emitting knots, and red
circles correspond to [S II] emitting knots. (Credit: Fesen & Milisavljevic 2016.)

ancy could imply that the jet primarily consist of dense knots, rather than more diffuse
plasma. However, it could also hint that the masses of individual knots are smaller than
estimated, which could be the case if the knots are intrinsically very clumpy or ”fluffy”,
instead of spheres of dense, homogeneous gas.

Whatever the total energy budget of the jets, their silicon-richness suggest they
were created during the explosion, or may be the remnant of a more powerful that jet
that even drove the implosion. The energy is too small to suggest that the explosion
that created Cas A was a long gamma-ray burst [? ]. But a lower energetic explosion
similar to an X-ray flash, like SN 2006aj, associated with the X-ray flash XRF 060218
[? ] is certainly a possibility. That said the jets still poses some interesting puzzles.
For example, if the jet originates from the inner most regions of the explosion, why
is it silicon/sulphur rich, and not iron-rich? Was the jet perhaps initial Poynting-flux
dominated and are the silicon-rich ejecta products of a layer that was dragged in its
wake?

Another interesting question relates to the presence of still detectable amounts of
the radio-active element 44Ti in Cas A [? ? ? ? ], which has a decay time of t = 85 yr.
The initial production yield was relatively high compared to models, 1.5⇥ 10�4 M�,
which has been attributed to the idea that Cas A was a bipolar explosion, leading to
a freeze-out of 4He, enhancing incomplete a-capture. However, NuStar observations
show that the 44Ti is not associated with the jet [? ? ]. Most 44Ti is still interior
to the reverse shock, but some is situated in the shock-heated shell, but is there only
partially overlapping with the iron-rich ejecta. All, in all the distribution of the Fe-
group ejecta in Cas A suggest rather chaotic inner regions of the explosion. There
is some suggestion that the point-source in Cas A (a CCO, see § 6.5) has a velocity
opposite to that of the 44Ti [? ], but unlike for the 44Ti we lack the three-dimensional
space velocity of the neutron star, to be completely confident about that. Moreover, it
is not a priori clear why the neutron star would have a momentum vector opposite to

Optical: sulfer (red) vs oxygen (blue)



Optical knots: ring-like structures
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Figure 9.15: Three-dimensional morphology of the optical knots in Cas A based on
optical spectroscopy. The blue-to-red colours indicate Doppler shifts from -7000 to
7000 km s�1. The knots have have a patchy layout, with rings of knots, surrounding
large cavities [628, 629]. (Credit: D. Milsisavljevic & R. Fesen (2013).)

fig:casadoppler

the 44Ti, given that 44Ti is only partially overlapping with iron, which also comes from
the inner-most layer of ejecta.

Finally, it is worth pointing out that, there is some systematics in the layout of
the optical knots, and their infrared emitting, unshocked, counterparts in the interior:
the optical knots form ring-like structure, whereas in the interior the knots appear to be
around relatively empty cavities (Fig. 9.12). The idea is that these cavities were created
by bubbles of radio-active 56Ni (see Chapter 2), which inflated as its decay heated up
the material, pushing non-radio-active material aside [? ? ].

9.3.3 SN1987A: the making of a supernova remnant

Milsisavljevic & Fesen ’13)

●Many dense ejecta knots: emit in optical ([S II], [O III])
●[S II] knots concentrated along jet/counter jet axis
●Ring-like morphologies: Ni/Fe plumes pushed aside O/Si layers?



44Ti decay
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Renaud, JV, et al. ’06 
(INTEGRAL-ISGRI)

INTEGRAL
IBIS-ISGRI

Diehl&
Timmes 98

●44Ti exclusive explosive nucleosynthesis
●Decay time ~86 yr
●Yield: sensitive to mass-cut, expansion, and 
asymmetries!

●Detected in Cas A 
(Iyudin+ 94, Vink+ ’01, Renaud+ 06, 
Grefenstette+ 14, Siegert+ ’15)

●Yield: (1.1-1.6)x10-4 Msun
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Fe is produced in close physical proximity to the 44Ti. Some correlation
would therefore be expected. The simplest explanation for the lack of
correlation is that much of the Fe-rich ejecta have not yet been pene-
trated by the reverse shock and therefore do not radiate in the X-ray
band. Whereas X-rays from 44Ti decay are produced by a nuclear
transition and directly trace the distribution of synthesized material,
the Fe X-ray emission results from an atomic transition and traces the
(mathematical) product of the Fe density and the density of shock-
heated electrons; without the hot electrons, the Fe will not be visible in
the X-rays. A possible explanation of our observations is that the bulk
of the Fe ejecta in Cas A have not yet been shock-heated, further
constraining models18–20 of the remnant as well as the total amount

of Fe. An alternative explanation is that most of the Fe is already
shocked and visible, and that some mechanism decouples the produc-
tion of 44Ti and Fe and produces the observed uncorrelated spatial map.

Unshocked or cool, dense material (material that either was never
heated or has already cooled after being shock-heated) might still be
visible in the optical or infrared spectral band. The Spitzer space tele-
scope observes line emission from interior ejecta primarily in [Si II] but
it seems that there is not a significant amount of Fe present in these
regions21. However, if unshocked ejecta are of sufficiently low density
or have the wrong ionization states, then they will be invisible in the
infrared and optical. Low-density Fe-rich regions may in fact exist
interior to the reverse-shock radius as a result of inflation of the emit-
ting material by radioactivity (the ‘nickel bubble’ effect22).

The concentration of Fe-rich ejecta inferred from maps in X-ray
atomic transitions is well outside the region where it is synthesized, and
not in the centre of the remnant interior to the reverse shock. This
observation has been used to suggest the operation of a strong instab-
ility similar to that proposed for SN 1993J23. The presence of a signifi-
cant fraction of the 44Ti interior to the reverse shock and the implied
presence of interior ‘invisible’ iron requires this conclusion be revisited.
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Figure 1 | The broadband hard-X-ray spectrum
of Cas A. Data from both telescopes over all
epochs are combined and shown as black data
points with 1s error bars. The spectra are shown
combined and rebinned for plotting purposes only.
Also shown are the best-fit continuum models for
a power law (blue) and a model that describes
electron cooling due to synchrotron losses (red).
The continuum fits were obtained using the
10–60-keV data and extrapolated to 79 keV with
the best-fit values for the continuum models
provided in Extended Data Table 2, although the
choice of continuum model does not significantly
affect the measurement of the lines (Methods).
When the continuum is extrapolated to 79 keV,
clearly visible line features (Extended Data Fig. 5)
appear near the 44Ti line energies. Inset: zoomed
region around the 44Ti lines showing the data and
the two models on a linear scale. The vertical green
lines are the rest-frame energies of the 44Ti lines
(67.86 and 78.36 keV). A significant shift of
,0.5 keV to lower energy is evident for both lines,
indicating a bulk line-of-sight velocity away from
the observer. Details of the data analysis, including
a discussion of the NuSTAR background features
(Extended Data Fig. 4), are given in Methods.
Extended Data Table 3 lists the parameters of the
best-fit Gaussian models of these features with
the error estimates described in Methods.

5′

N

E

Figure 2 | A comparison of the spatial distribution of the 44Ti with the
known jet structure in Cas A. The image is oriented in standard astronomical
coordinates as shown by the compass in the lower left and spans just over 59 on
a side. The 44Ti observed by NuSTAR is shown in blue, where the data have
been smoothed using a top-hat function with a radius shown in the lower right
(dashed circle). The 44Ti is clearly resolved into distinct knots and is non-
uniformly distributed and almost entirely contained within the central 10099
(Methods and Extended Data Fig. 2). Shown for context in green is the Chandra
ratio image of the Si/Mg band (data courtesy of NASA/CXC; Si/Mg ratio image
courtesy of J. Vink), which highlights the jet–counterjet structure, the centre
of the expansion of the explosion2 (yellow cross) and the direction of motion of
the compact object (white arrow). In contrast to the bipolar feature seen in the
spatial distribution of Si ejecta, which argues for fast rotation or a jet-like
explosion, the distribution of 44Ti is much less elongated and contains knots of
emission away from the jet axis. A reason for this may be that the Si originates in
the outer stellar layers and is probably highly influenced by asymmetries in the
circumstellar medium, unlike the 44Ti, which is produced in the innermost
layers near the collapsing core.
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●44Ti in blue
●Si/Mg ratio green
●Most 44Ti in unshocked interior
●Lines redshifted by 1000 km/s
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L16 J. Vink and L. Kuiper

Figure 1. XMM–Newton MOS12 spectra of Kes 73 (left) and N 49 (right). The solid lines represent the best-fitting Sedov models. See appendix for details.
Chandra ACIS images (taken from the archive) are shown as insets. The RGB colour-coding for Kes 73 corresponds to the energy ranges: 0.6–1.5 keV, 1.5–
2.8 keV, 2.8–5 keV. The image measures 5.1 × 5.1 arcmin2. The N49 images consists of a mosaic, and the RGB colours correspond to 0.5–0.75, 0.75–1.2 and
1.2–3 keV. The image measures 1.9 × 1.9 arcmin2, but due to the small window mode of the observations the south-western corner of N49 is missing. AXP
1E1841-045 is the bright unresolved source in the center of Kes 73; SGR 0526−66 is the unresolved source near the northern edge of N49. For both images a
linear brightness scaling was used, but saturating the unresolved sources in order to bring out the SNR emission.

et al. 2005). However, Cas A appears to have an explosion energy of
∼2 × 1051 erg, which is quite accurately known, as the expansion
has been directly measured (Vink 2004, for a review).

We like to conclude this section by pointing out that, although
there are some uncertainties associated with determining the explo-
sion energies using a Sedov analysis (gradients in the medium in
which the SNR evolves, conversion of part of the energy to cosmic
rays), these uncertainties apply equally to all other SNRs for which
energies have been determined. Nevertheless, other SNRs appear to
have similar explosion energies (Hughes, Hayashi & Koyama 1998).
In other words, the most remarkable feature of SNRs with magnetars
is that they are unremarkable, i.e. they are indistinguishable from
normal SNRs.

3 D I S C U S S I O N

This study shows that in general magnetar formation is not accom-
panied by a hypernova explosion. This does not necessarily preclude
the idea that observed extragalactic hypernovae, such as SN1998bw,
are not by the formation of a rapidly spinning magnetar followed by
rapid magnetic braking (Nakamura 1998; Thompson et al. 2004),
but it poses a challenge to the hypothesis that magnetars are formed
as a result of magnetic field amplification in a rapidly spinning
(P ∼ 1 ms) proto-neutron star.

Note that when the magnetar theory of SGRs and AXPs was first
proposed, the existence of magnetars was hardly an established fact
(Duncan & Thompson 1992; Thompson & Duncan 1993). Today
their existence is only doubted by a few, especially after the giant
flare of SGR 1806−20. In general, SGR flare luminosities exceed
the Eddington luminosity, making it hard to find any other source of
energy but the internal magnetic field. The energy of the giant flare
of SGR 1806−20 was ∼1046 erg (Hurley et al. 2005). If a neutron
star has several of those flares this energy can only be provided
with an internal magnetic field of ∼1016 G (e.g. Stella et al. 2005).
Moreover, the results presented do not rule out initial periods of
∼3 ms, the upper limit at which the α–" dynamo may operate
(Duncan & Thompson 1996).

The generation of such a high internal magnetic field poses chal-
lenges in itself. The magnetar-sized magnetic fields may either de-

rive from a high magnetic field in the core of the neutron star pro-
genitor (the fossil field hypothesis), or may be generated in the
proto-neutron star, in which case rapid rotation and strong convec-
tive motions and/or differential rotation are needed. It is indeed
shown that proto-neutron stars are highly convective (Buras et al.
2006; Fryer & Warren 2004), although Fryer & Warren (2004) ex-
press some doubt whether it is sufficient to generate magnetic fields
in excess of 1014 G. The rapid rotation needed for amplifying mag-
netic fields in proto-neutron stars may reflect the high angular mo-
mentum of the core of the progenitor. However, the proto-neutron
star may also wind up due to asymmetric accretion during collapse,
in which case it is expected that the accretion results in both addi-
tional spin and kick velocity (Spruit & Phinney 1998; Thompson
2000).

For the fossil field hypothesis, the solution to the question of
the origin of the magnetic field creates a new problem, namely, the
origin of the high magnetic field of the progenitor star. It could be
that the magnetic field is again the result of the amplification of
a seed magnetic field due to rotation and convection, but in this
case in the core of the progenitor. However, as noted by Thompson
& Duncan (1993), there is less convective energy available during
any stage of stellar evolution, than during the proto-neutron star
phase. Another option is what one might call the strong fossil field
hypothesis: the magnetic field in the star reflects the magnetic field
of the cloud from which the star was formed.

Ironically, stellar evolution models indicate that progenitors with
a high magnetic field in the core end up producing more slowly
rotating pulsars (Heger, Woosley & Spruit 2005). This is a result
of the more effective coupling of angular momentum of the core to
the outer radius of the star, where angular momentum is lost due to
stellar winds.

The results presented here are in agreement with the fossil field
hypothesis. Recently, Ferrario & Wickramasinghe (2006) showed
that the magnetic flux distribution of magnetic white dwarfs and
neutron stars are similar. Translated to neutron star radii, the high-
est magnetic field measured in white dwarfs corresponds to 1014–
1015 G. However, this falls still short of the 1016 G needed to power
flares from SGRs such as SGR 1806−20. Possibly this could be
accounted for by additional magnetic field amplification during the

C⃝ 2006 The Authors. Journal compilation C⃝ 2006 RAS, MNRAS 370, L14–L18

●Simplistic view: 
●M<25 Msun -> make pulsar
●M>25 Msun -> make BH

●What about other properties: spin and magnetic fields
●Trends among SNRs? Not really

●Some O-rich have normal pulsar (G292.0+1.8)
●Some O-rich have low field pulsar (Puppis A)

●Popular magnetar formation theory: dynamo in fastests spinning proto-NS
●Expect then energetic supernovae (Espin= 1052 (P/ms)-2 )
●However: SNRs with magnetars have normal to low explosion energies 
(Vink&Kuiper 2006)
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Figure 9.4:
fig:typeia_lmc

Chandra X-ray images of supernova remnants that are generally regarded
to be Type Ia remnants [444, 177]. The three colour channels (RGB) correspond in
all images to respectively the X-ray bands 0.4-0.7 keV (dominated by O VII and O
VIII line emission), 0.7-1.2 keV (dominated by Fe L emission), 1.8-4 keV (dominated
by helium-like Si emission and line emission of other intermediate mass elements).
Top row (left to right): SNR 0509-67.5 [920, 519], SNR 0519-69.0 [517], and N103B
[888, 559]. Central row: DEM L71 [441, 722], SNR 0548-70.4 [410], SNR 0534-
69.9 [410]. Bottom row: DEM L238 [169], DEM L249 [169], DEM L316 [657, 949].
Note that DEM L316 is thought to be two colliding supernova remnants, with only
the supernova remnant on the Eastern side (shell A) being a Type Ia remnant. The
order to the sequence here is roughly based on the shell size, and, hence age, but this
is difficult to assess for DEM L316, given the uncertainty on whether it consists of
one or two remnants. All images extracted from archival data by the author, references
point to literature on the individual supernova remnants, with an emphasis on the X-ray
publications.



Full Hydro/X-ray modeling Type Ia
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●Type Ias well suited for full modeling
→they are much better stratified

●2 groups: Badenes, Bravo+ & Blinnikov, Kosenko+
•Uncertainty about non-thermal distributions
•Results mainly for Tycho’s SNR and 0509-690 
(both have optical light echo spectra: Type Ia!)

Tycho XMM (Badenes+ ’06)
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Figure 6. Local SFHs around the four target Ia SNRs. See Figure 2 for an explanation of the plots.
(A color version of this figure is available in the online journal.)

have been the birthplace of the magnetar. This cluster does fall
partially on a neighboring subcell of the HZ09 map with intense
SF at 6.3 Myr, consistent with the 5–20 Myr age estimates for
SL 463 by Klose et al., and much more promising as a birthplace
of massive CC progenitors (36% above 21.5 M⊙). As pointed
out by Klose et al., if this hypothesis is true the magnetar must
have been ejected from its birthplace with a certain velocity, and
should have a measurable proper motion (see their Section 3.2).
Another possibility is that the association between SNR N49
and SGR 0526 − 66 is indeed real, but not all magnetars have
stellar progenitors more massive than 30 M⊙.

SN 1987A. The SFH associated with this SNR is of particular
interest because, together with the known mass of the progenitor,
∼ 20 M⊙, it can provide some test of the robustness of our SFH
approach to CC SN progenitors. Panagia et al. (2000) conducted
a detailed study of the immediate neighborhood of SN1987A
within the 30 Dor region using Hubble Space Telescope (HST)
data, and found a loose young cluster with an age of 12±2 Myr,
which they identified as the birthplace of SN1987A’s progenitor.
The local SFH drawn from the HZ09 map is indeed dominated
by an intense SF episode 12 Myr ago, in good agreement with
the results of Panagia et al. (2000). From the SFH, we expect
56% of the CC SN progenitors in this region to be stars between
12.5 and 21.5 M⊙ (see Figure 5). This agreement is encouraging,
and indicates that some information about the progenitor mass
of CC SNe can be recovered from the SFH maps of HZ09.

SNR N63A. Like SNR N49, SNR N63A is located in a part of
the Blue Arm with SF activity in the recent past. The SFH in this
subcell, however, is different from that around SNR N49 in that
it is dominated by the most recent bin centered at 6.3 Myr. As a
result, 70% of the CC SN progenitors in this subcell are expected
to be stars more massive than 21.5 M⊙. With a Salpeter IMF,
roughly 40% of these stars will be in turn more massive than
40 M⊙, which makes a Type Ib/c origin for SNR N63 plausible,

as suggested by the properties of the SNR. If this were true, SNR
63A would be one of the youngest nearby Type Ib/c SNRs, and
a closer examination of this object to locate the elusive compact
object and study the ejecta emission in greater detail would be
of the highest interest.

SNR N158A. This object is also located in 30 Dor, but in a
region with even more vigorous recent SF than the neighborhood
of SN 1987A. According to our estimates, 24% of the CC SN
progenitors in this subcell should be stars more massive than
21.5 M⊙. Again, this is compatible with the relatively massive
progenitor suggested by the SNR properties (see Section 3.2),
but unfortunately the temporal resolution of the SFH does not
allow us to discriminate between a Type IIP progenitor with
20–25 M⊙ (Williams et al. 2008) and a Type Ib/c progenitor
with > 40 M⊙ (Chevalier 2005). From the point of view of
the stellar population around SNR 158A, both hypotheses are
equally plausible.

6.2. Type Ia SNRs

The local SFHs around the four Type Ia SNRs are displayed in
Figure 6. Since the age of the progenitors is not known a priori,
we also display the integrated SFHs in Figure 7 to provide a
more intuitive picture of the makeup of the stellar populations
in these locations and how they have evolved with time. With
one exception (SNR N103B, see below), these SFHs are very
different from those associated with the CC SNRs. The SFHs
of SNRs DEM L71, 0509 − 67.5, and 0519 − 69.0 show very
little (but nonzero) activity in the last 200 Myr, resulting in old
and metal-poor stellar populations, typical of the regions of the
LMC without ongoing SF. The SFHs of these three SNRs are
also punctuated by bursts of SF at 600 Myr and 2 Gyr whose
prominence varies from object to object, but this is probably
more related to the global properties of the LMC (see Figure 2)
than to the Type Ia SN progenitors.
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Figure 4. Local SFHs around the four target core collapse SNRs. See Figure 2 for an explanation of the plots.
(A color version of this figure is available in the online journal.)
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Figure 5. Details of the recent SFH around the four target CC SNRs. The
lifetimes of isolated stars of LMC metallicity with different masses are displayed
on the ruler on top of the plot.
(A color version of this figure is available in the online journal.)

SNRs. The interval cuts are the stellar masses whose lifetimes
correspond to the upper edges of the first and second age bins
in the SFHs: 9.4 and 18.9 Myr. We remind the reader that these
values of fCCSN are calculated using isolated star models that
do not take into account the potentially large effects of binarity
on stellar evolution. An entirely different but also potentially
serious problem comes from the fact that massive stars are
notoriously difficult to study using photometry alone (Massey
et al. 1995). Because StarFISH uses all the stars (not just the
massive ones) in each subcell to calculate the SFR at each age,
the values of fCCSN might not be severely affected by this, but to
this date there has been no systematic calibration of the StarFISH
results for young stellar populations. To reflect these and other
caveats, we do not list error bars on the fCCSN values, which
should only be regarded as approximate.

SNR N49. The integrated SFH for the North Blue Arm
region that contains SNR N49 and SNR N63A is dominated
by a coherent episode of low-metallicity SF 100 Myr ago (see
Section 5.1.3 and Figure 16 in HZ09), which is apparent in the
corresponding panels of Figure 4. This is the reason why the
values of Z̄∗ and t̄∗ for SNRs N49 and N63A are lower than
those of the other SNRs. Many parts of the North Blue Arm
have also had noticeable SF activity in the last 40 Myr, although
not as intense as in the more prominent star-forming regions
of the LMC, 30 Dor and Constellation III. SNR N49 is in one
such region, which had a moderately intense SF burst 12 Myr
ago, but very little SF activity in the most recent bin centered
at 6.3 Myr (see Figure 5). From these properties of the SFH,
the expectation is that the majority of the CC SN progenitors
in this subcell should be stars between 12.5 and 21.5 M⊙ (see
Table 2). Even taking the upper limit of the SFR in the most
recent bin and the lower limit on the bin at 12 Myr, the fraction of
CC SN progenitors with masses above 21.5 M⊙ remains below
1%, with all the caveats associated with the calculated values of
fCCSN. This is in good agreement with the properties of the SNR
discussed in Section 3.3, and it has interesting implications for
the association of SNR N49 with SGR 0526 − 66. Magnetars
are thought to be originated by very massive (> 30 M⊙) stars
(Gaensler et al. 2005; Figer et al. 2005; Muno et al. 2008),
but such stars appear to be very scarce around SNR N49. One
possibility is that the magnetar was formed elsewhere and the
association is coincidental. Gaensler et al. (2001) examined this
issue in detail, and came to the conclusion that the link between
SNR N49 and SGR 0526 − 66 is considerably less convincing
than those of other magnetars in SNRs. More recently, Klose
et al. (2004) performed a NIR survey of the area around SNR
N49 and identified a young stellar cluster (SL 463) at a projected
distance of ∼ 30 pc northeast of SGR 0526 − 66 that could

LMC core collapse SNRs

LMC Type Ia SNRs

Study by Badenes, Harris, Zaritsky, 
Prieto, 2009
●Core collapse SNRs in regions with 
recent star formation

●Type Ia SNRs, more diverse



New territory: Manganese and Chromium
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Tamagawa+ ’08
Tycho with Suzaku

Badenes+ ‘08

●Several SNRs show evidence for Mn and Cr line emission
●Mn/Cr ratio and Mn abundance inform us about:

●progenitor metalicity (Z higher, more neutrons more Mn)
●simmering: nuclear reactions in WD core prior to explosion -> more neutrons
●made during explosion if density high -> need WDs close to Chandrasekhar mass

●Conclusion: 
●for 3C397 and W49B we need near Chandrasekhar mass
●best explained by single degenerate scenario



Mass loss around SNe Ia: SD scenario?
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RCW 86: large cavity
(e.g. Badenes 08/Broersen+ 14)
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Figure 9.9:
fig:w49b

An image of the Galactic supernova remnant W49B, composed from
images taken in the radio (purple), near infrared (orange) and X-rays (silicon in green
and iron in blue) bands. The near infrared band contains emission from molecular
hydrogen (H2). (Credit: X-ray: NASA/CXC/MIT/L.Lopez et al.; Infrared: Palomar;
Radio: NSF/NRAO/VLA)

An alternative explanation for the Fe-rich spectrum is that W49B is a Type Ia su-
pernova remnant [452, 110, 983]. Indeed, its abundance pattern fits very well with
the multi-ignition models in [795], and the high abundance of manganese is another
clear indication that W49B is a Type Ia remnant (see § 9.2.2). Finally, W49B is con-
fined inside a molecular shell as indicated by near infrared emission (from H2) seen in
Fig. 9.9. This suggest that W49B is evolving in a wind-blow bubble, with the molecu-
lar emission coming from the shell surrounding the wind bubble [494]. Now if W49B
had a very massive progenitor, as might be expected for a massive star that creates a
hypernova and leaves behind a black hole [572] one would expect a wind bubble that
is much larger in size (§ 5.8) than the shell around W49B ( r ⇠ 6 pc).

Accepting now that W49B is a Type Ia remnant, we do have a peculiar Type Ia rem-
nant, in that there is evidence for a windbubble, it is located in a high density region in
the Galaxy (more appropriate for a core-collapse supernova remnant) its morphology
is far removed from the smooth spherical appearances of many other Type Ia rem-
nants (see W49B’s location in Fig. 9.2), and its iron distribution is highly asymmetrical
[983]. However, W49B is not unique as a Type Ia supernova remnant in some of these
aspects, as it share its complex morphology and the high iron and manganese content
with 3C397 [964, see § 9.2.2]. Clearly, if W49B (and 3C397) are indeed Type Ia su-
pernova remnants they provide evidence for asymmetric explosions of Chandrasekhar
mass white dwarfs, and support the SD channel for Type Ia supernovae.

9.2.4 The implication of the lack of surviving donor stars in Type
Ia supernova remnants

Although in several cases the circumstellar medium of Type Ia supernova remnants,
and the overabundance of manganese, provide important evidence in favour of the SD

W49B (e.g. Zhou & Vink 18):
small cavity
dense CSM
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Figure 9.8:
fig:tycho_zhou

The expanding molecular shell around Tycho’s SNR as detected in 12CO
J = 2� 1 [982]. Left: intensity map integrated over the channels from -69.1 to -54.1
km s�1. The contours are VLA 1.4 GHz radio contours. Middle and right: two position
velocity diagrams corresponding to the lines a and d in the left panel. (Figure adapted.
from Zhou et al. (2016) [982].)

Tycho’s SNR:
Recently also evidence for wind bubbles for Tycho’s SNR (SN 1572) has been found
using observation of carbon-monoxide [982]. The morphology and dynamics of the
remnant already suggest that there is a density enhancement on the (north)eastern side
[481, 947]. The CO observations, however, show a molecular cloud of about 220 M�
surrounding the remnant with an expansion velocity of vb ⇡ 4.5 km s�1(FIg. 9.8), cor-
responding to a kinetic energy of 4.5⇥ 1046 erg. In some regions there is evidence
for enhanced heating of the molecular cloud. The wind bubble itself has a radius of
rb ⇡ 3 pc (for a distance of 2.5 kpc), and its density ahead of the shock has been esti-
mated to be nH = 0.1�0.2 cm�3 [944]. These values can be used to estimate a approx-
imate wind properties. The size and expansion of the shell suggest a wind-interaction
time of tw ⇡ (3/5)R/v ⇡ 5 ⇥ 105 yr, which of the same order of magnitude as for
Kepler’s SNR. However, the size of the wind bubble and the ambient density of the
supernova remnant, suggest a wind velocity of vw & 250 km s�1 and a mass loss rate
of Ṁ ⇠ 10�6 M� yr�1, based on the wind dynamics model in [? ] (§ 5.8). The wind
velocity is higher than what seems appropriate for Kepler’s SNR (for which the wind
density must have been high), whereas the mass loss rate seems to have been lower.
The wind-parameter estimates for the progenitor of SN 1572 suggest not so much an
AGB wind, but more an accretion wind, as has been hypothesised for the SD Type Ia
model advocated in [387, 388]. In this model the accretion flow is self-regulating, with
some material transferred to the white dwarf and the rest is blown away with a high
wind speed of several hundred to 1000 km s�1.

N103B:
The close proximity of this LMC supernova remnant (see Fig. 9.4) to an HII region has
cast some doubt on the Type Ia nature of this remnant [888], but its X-ray spectrum and
compositional structure clearly identifies it as a Type Ia remnant [559]. Its environment
is indeed not what was traditionally expected for Type Ia remnants, as it it has a dust-
rich ambient medium and a location near a star-forming region. The dust composition
reveals silicate-rich dust, reminiscent of the ambient medium of Kepler’s SNR [946].
Even more interestingly, recent ALMA observations of the CO J = 1�0 transition re-
veal a giant molecular cloud southeast of the remnant, whose morphology suggest that
a region was carved out at the location of N103B. At this location the velocity structure
is very similar to the molecular cloud surrounding Tycho’s SNR: it shows a semicircu-

Tycho’s SNR ( Zhou+ ’16): molecular expanding sphere

142 J. Vink

Fig. 1 Kepler’s SNR at different wavelengths: (a) Radio VLA (4.85GHz) map (Delaney and
Rudnick 2003); (b) 24!m dust emission as observed by the Spitzer PACS instrument (Blair et al.
2007); (c) optical image (H˛, [NII], and [OIII]) obtained by the Hubble Space Telescope/ACS
instrument (Credit: ESA/NASA, The Hubble Heritage Team (STScI/AURA)); (d) Chandra X-ray
image in the iron-rich 0.7–1.0 keV band (Reynolds et al. 2007). Intensity scaling of Fig. 1a, b, and
d are square root scalings, bringing out fainter details

et al. 2012, see Sect. 3 for details). Radio absorption measurements toward the SNR
are consistent with a distance in the range 4.8–6.4 kpc (Reynoso and Goss 1999).

The galactic latitude of Kepler’s SNR (b D 6:8ı) implies a large height above
the galactic plane of z D 594d5 pc (with d5 the distance in units of 5 kpc). The
large separation from active star-forming regions suggests that SN 1604 was type Ia
supernova, in agreement with the reconstructed supernova light curve, as already
pointed out by Baade (1943). However, the large amounts of nitrogen present
in the optical nebula can only have come from material processed by the CNO
nucleosynthesis cycle, suggesting a stellar wind origin for the optical nebula. This
lead Bandiera (1987) to suggest that the progenitor was a massive star, which
escaped the galactic plane with a high velocity. The high proper motion of the
progenitor is in agreement with observations of the kinematics of the optical nebula
(Sect. 3). Given the historical light curve, a Type II origin of SN 1604 was excluded,

Kepler (e.g. Vink ’08/ Blair+ ’07):
nitrogen-rich shell/Si-rich dust
500 pc above Gal. plane
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Cosmic rays
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Figure 11.1: The cosmic-ray flux spectrum as measured by various experiments, based
on the compilation of [607], and [76, 73, 79, 3]. The flux points below ⇠ 1014 eV are
based on proton cosmic rays only, and have been multiplied by a factor 3, in order to
match the all-species cosmic-ray spectra at higher energies. Left: The spectrum in flux
units, showing that the spectrum is nearly a power law from 1010 eV to 1019 eV. Right:
The spectrum multiplied by E2.7, which brings out features like the ”Knee” and the
”Ankle”.

fig:cr_spectrum

and other accelerated atomic nuclei are also present. These results also suggested that
the particle acceleration probably took place in the supernova remnant rather than dur-
ing the supernova explosion itself.

Since the 1950ies there has been a lot of progress in understanding particle ac-
celeration in supernova remnants. This progress has been caused by the tremendous
advances in multiwavelength, observational capabilities, which now includes detecting
charged particles with energies in excess of 10 TeV with g-ray and X-ray telescopes. In
addition, our theoretical understanding of particle acceleration by supernova remnant
shocks has greatly advanced. This does not mean that we are absolutely certain that
most cosmic rays bombarding Earth are originating from supernova remnants. As will
be explained in this chapter, there are two main requirements for supernova remnants
to be the primary source of Galactic cosmic rays:

1. supernova remnants have to be able to convert 5-20% of the explosion energy to
cosmic-ray energy (i.e. about 1050 erg per supernova remnant), and

2. supernova remnants have to be capable of accelerating protons to energies of at
least 3⇥1015 eV (3 PeV).

Accelerators that accelerate particles beyond 1 PeV are sometimes called PeVa-
trons. So the second requirement is sometimes rephrased as ”Are supernova remnants
cosmic PeVatrons?”.

In this chapter and the next we will explain where these two requirements come
from and what theoretical considerations and observational data tell us about whether
supernova remnants can indeed be the primary sources of Galactic cosmic rays.



Gamma-ray and X-ray evidence
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RX J1713

H.E.S.S. Collaboration: Observations of RX J1713.7�3946

Fig. 1. H.E.S.S. gamma-ray excess count images of RX J1713.7�3946, corrected for the reconstruction acceptance. On the left, the image is made
from all events above the analysis energy threshold of 250 GeV. On the right, an additional energy requirement of E > 2 TeV is applied to improve
the angular resolution. Both images are smoothed with a two-dimensional Gaussian of width 0.03�, i.e. smaller than the 68% containment radius
of the PSF of the two images (0.048� and 0.036�, respectively). The PSFs are indicated by the white circles in the bottom left corner of the images.
The linear colour scale is in units of excess counts per area, integrated in a circle of radius 0.03�, and adapted to the width of the Gaussian function
used for the image smoothing.

ies of the SNR, a smaller data set of 116 h is used as explained
below.

The data analysis is performed with an air-shower tem-
plate technique (de Naurois & Rolland 2009), which is called
the primary analysis chain below. This reconstruction method is
based on simulated gamma-ray image templates that are fit to the
measured images to derive the gamma-ray properties. Goodness-
of-fit selection criteria are applied to reject background events
that are not likely to be from gamma rays. All results shown
here were cross-checked using an independent calibration and
data analysis chain (Ohm et al. 2009; Parsons & Hinton 2014).

3. Morphology studies

The new H.E.S.S. image of RX J1713.7�3946 is shown in Fig. 1:
on the left, the complete data set above an energy threshold of
250 GeV (about 31 000 gamma-ray excess events from the SNR
region) and, on the right, only data above energies of 2 TeV.
For both images an analysis optimised for angular resolution
is used (the hires analysis in de Naurois & Rolland 2009) for
the reconstruction of the gamma-ray directions, placing tighter
constraints on the quality of the reconstructed event geome-
try at the expense of gamma-ray e�ciency. This increased en-
ergy requirement (E > 2 TeV) leads to a superior angular res-
olution of 0.036� (68% containment radius of the point-spread
function; PSF) compared to 0.048� for the complete data set
with E > 250 GeV. These PSF radii are obtained from simu-
lations of the H.E.S.S. PSF for this data set, where the PSF is
broadened by 20% to account for systematic di↵erences found
in comparisons of simulations with data for extragalactic point-
like sources such as PKS 2155–304 (Abramowski et al. 2010).
This broadening is carried out by smoothing the PSF with a
Gaussian such that the 68% containment radius increases by
20%. To investigate the morphology of the SNR, a gamma-
ray excess image is produced employing the ring background
model (Berge et al. 2007), excluding all known gamma-ray emit-
ting source regions found in the latest H.E.S.S. Galactic Plane

Table 1. Overview of the H.E.S.S. observation campaigns.

Year Mean o↵set1 Mean zenith angle Livetime
(degrees) (degrees) (h)

2004 0.74 30 42.7
2005 0.77 48 42.1
2011 0.73 42 65.3
2012 0.90 28 13.4

Notes. The livetime given in hours corresponds to the data fulfilling
quality requirements. (1) Mean angular distance between the H.E.S.S.
observation position and the nominal centre of the SNR taken to be at
RA: 17h13m33.6s, Dec: �39d45m36s.

Survey catalogue (H.E.S.S. Collaboration 2018b) from the back-
ground ring.

The overall good correlation between the gamma-ray and
X-ray image of RX J1713.7�3946, which was previously found
by H.E.S.S. (Aharonian et al. 2006b), is again clearly visible
in Fig. 2 (top left) from the hard X-ray contours (XMM-

Newton data, 1–10 keV, described further below) overlaid on
the H.E.S.S. gamma-ray excess image. For a quantitative com-
parison that also allows us to determine the radial extent of the
SNR shell both in gamma rays and X-rays, radial profiles are
extracted from five regions across the SNR as indicated in the
top left plot in Fig. 2. To determine the optimum central posi-
tion for such profiles, a three-dimensional spherical shell model,
matched to the morphology of RX J1713.7�3946, is fit to the
H.E.S.S. image. This toy model of a thick shell fits five param-
eters to the data as follows: the normalisation, the x and y co-
ordinates of the centre, and the inner and outer radius of the
thick shell. The resulting centre point is RA: 17h13m25.2s, Dec:
�39d46m15.6s. As seen from the figure, regions 1 and 2 cover the
fainter parts of RX J1713.7�3946, while regions 3 and 4 con-
tain the brightest parts of the SNR shell, closer to the Galactic
plane, including the prominent X-ray hotspots and the densest

A6, page 3 of 25

●Last two decades: growing evidence for fast acceleration
●Detection of X-ray synchrotron emission
●Gamma-ray detection > 1 TeV

●RX J1713: 
●Brightest TeV gamma-ray SNR
●X-ray: totally dominated by synchrotron emission (Acero, Katsuda+ ’17)

XMM



X-ray synchrotron from young SNRs
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Cas A SN1604/Kepler SN1572/Tycho

SN185/RCW86SN1006 RX J1713



Loss-limited synchrotron cut-off
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●Synchrotron loss-time

●Diffusive acceleration time (depends on diffusion coeff. D, compression X)

●Equating gives expected cut-off for loss-limited case 

●NB in loss limited case, frequency cut-off independent of B!!



Implications
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●Synchrotron emissivity profile broad: gradual steepening beyond break
●Fact that young SNRs are synchrotron emitters: acceleration must proceed close to 
Bohm-diffusion limit!

●The higher the B-field -> faster acceleration, but for electrons: Emax lower!
●For B=10-100 μG: presence of 1013-1014 eV electrons
●Loss times are:

X-ray synchrotron emission tells us that
- electrons can be accelerated fast
- that acceleration is still ongoing (loss times ~10-100 yr)
- that particles can be accelerated at least up to 1014 eV 

�syn =
E

dE/dt
= 12.5

⇣ E

100 TeV

⌘�1⇣ Be�

100µG

⌘�2
yr.

1 < ⌘ < 20



Narrow X-ray synchrotron filaments
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SN1572

Chandra
●In many cases X-ray synchrotron filaments 
appear very narrow (1-4”)

●Including deprojections implies l≈1017cm

Vink & Laming 03



Explanation narrow synchrotron rims
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●Two possible ways of reasoning:
- length scale associated with synchrotron loss time & advections:

- length scale corresponds to diffusion length scale of 10-100 TeV electrons:
   

•Turns out the two are more or less equivalent

•So near break frequency:
•So we can use either system provided we are near the break frequency
•In reality the width is combination from advection and diffusion

ladv = Δvτsyn =
Vs

χ
τsyn → τsyn =

χladv

Vs

ldiff =
D2

Δv
≈

χ2D1

Vs

τacc ≈
κD1

V2
s

=
κldiff

χ2Vs

τacc ≈ τsyn ↔ ldiff ≈
χ3

κ
ladv ≈ 0.25ladv



Explanation narrow synchrotron rims
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●Combining diffusion and advection:

●Rim width can be used to measure B-field: 
B ≈ 110 (L/1017cm)-2/3 μG

●Cas A/Tycho/Kepler: ~100-500 μG (e.g. Vink&Laming ‘03, 
Völk et al. 03, Bamba+ ’04, Warren+ ’05, Parizot+ ’06)

●High B ⇒fast acceleration ⇒ protons beyond 1015eV?

•High B-field likely induced by cosmic rays (e.g. Bell ‘04)
•High B-fields are a signature of efficient acceleration

Vink&Laming ‘03

B2 ⇡ 26
⇣ ladv

1.0⇥ 1018cm

⌘�2/3
⌘1/3

⇣
�4 �

1
4

⌘�1/3
µG



X-ray synchrotron profiles
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Helder, JV, et al. 2012

●Model: sudden increase at shock + exponential fall off (projected)
●Models do generally not fit very (exception Vela jr)



Magnetic Field Amplification
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●There is a clear correlation between ρ, V and B, in rough agreement 
with theoretical predictions (e.g. Bell 2004)

●Relation may even extend to supernovae (B2∝ρVs3 ?)
(Völk et al. ’05, Vink ‘08)



A possible history for Cas A

�103

Maximum energy 
for Fe

•Acceleration most efficient early on in supernovae in red supergiant winds (Type II/
Type IIb) (e.g. Cas A, SN1993J)

•Highest energy CRs may escape first (Ptuskin & Zirakashvili ‘05)



Acceleration @ Cas A reverse shock
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●Spectral index: 2 regions of hard emission: X-ray synchrotron emission
●Deprojection: Most X-ray synchrotron from reverse shock!
●Prominence of West: No expansion ⇒ ejecta shocked with V>6000 km/s
●Reverse shock: metal-rich -> more electrons -> bright radio

Deprojection

Γ= -3.2

B-field amplification is not very sensitive to initial B-field!

Helder&Vink ‘08

4-6keV



Young SNRs detect in TeV gamma-rays
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Cas A (HEGRA,MAGIC, Veritas) Tycho (Veritas) RCW 86 (HESS)

RX J1713 (HESS)

RCW 86 (HESS)
RCW 86 (HESS)

Vela Jr (HESS)SN 1006 (HESS)



Emission: hadronic or leptonic?
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Hinton & Hofmann 2008

ANRV385-AA47-13 ARI 22 July 2009 4:12
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Figure 2
(a) SEDs for radiation of mono-energetic 1/100 TeV electrons (red/blue curves): Synchrotron and IC (solid
curves) and Bremsstrahlung (dashed curves). Three IC curves are shown for each primary energy (from low to
high) on the CMB (kT = 2.35 × 10−4 eV, b ≈ 4 × 10−3/0.4), on dust-emitted FIR (kT = 0.02 eV,
b ≈ 0.3/30), and on visible (star) light (kT = 1.5 eV, b ≈ 20/2000). Note that for 100 TeV electrons
scattering on optical photons the IC energy distribution is effectively a delta function at 100 TeV. The curve
normalizations are appropriate for a total particle energy of 1048 erg at 1 kpc distance in a magnetic field of
3 µG, a matter density of 100 hydrogen atoms cm−3 and radiation fields of density 0.26 eV cm−3 (CMB and
FIR) and 1 eV cm−3 (starlight). (b) SEDs for γ rays and synchrotron radiation of secondary electrons from
strong interactions of mono-energetic protons. The magnetic field is increased to 30 µG to illustrate the
effects of cooling and steady injection over 104 years (dashed curves 105 years) is assumed. (c) and (d ) As for
(a) and (b) but for cutoff power-law distributions of particles: d N/d E ∝ E−2 exp −E/Ec with Ec = 1 TeV
(red ) and 100 TeV (blue).

2.2.2. Radiation spectra. scattering of mono-energetic electrons on a black-body distribution
of target photons of temperature T results in a broad spectral energy distribution (SED) of the
resulting γ rays (Figure 2). In the Thomson regime, energy losses are gradual, and the γ -ray SED
peaks at

Eγ ,TeV ≈ 33E2
e,TeVkTeV, (8)
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• Inverse Compton: harder spectra
• Pion decay: pion bump
• Relative emission ratio depends on density:
• high density: target for protons -> large pion production
• Electrons produce both 

• synchrotron radiation (scales with B2/8π)
• inverse compton emission (scales with Urad)
• can be used to constrain B



Emission RX J1713: hadronic or leptonic?
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Figure 12.18:
fig:rxj1713_fermi

Top: The supernova remnant RX J1713.7-3946 was the first supernova
remnant whose g-ray emission was spatially resolved [57]. This map shows the excess
counts above 2 TeV. Reproduced from [416]. Bottom: The spectral energy distribution
of RX J1713.7-3946 as measured by the Fermi-LAT instrument and H.E.S.S.. Left:
The data compared to the various inverse Compton scattering dominated spectral mod-
els. Right: The data compared to various pion decay dominated spectral models. The
SEDs are reproduced from [20].

dominated by X-ray synchrotron radiation [524, 204, 30, 479], and its radius is large,
⇠ 300(10 pc at a distance of 1 kpc), like RX J0852.0-4622,. The VHE g-ray spectrum
extends up to at least 30 TeV [416], implying the presence of particles with energies
beyond 100 TeV. However, the g-ray spectrum has an exponential cut-off energy around
13 TeV, suggesting a maximum primary particle energy around 90 TeV (either for
electrons or protons).

It has been argued that the VHE g-ray emission from this source is of hadronic ori-
gin [139, 140, 645], as the high photon energies (> 10 TeV) are more difficult to pro-
duce through inverse Compton scattering due to Klein-Nishina effects (14.1.2). Based
on detected rapid X-ray synchrotron variations, magnetic fields as high as 1 mG have
been inferred for this remnant [880], which is inconsistent with inverse Compton mod-
els for the g-ray emission. In addition, potential interaction of the supernova remnant
with molecular clouds seem to reinforce the idea that the g-ray emission could be of
hadronic origin [325].

Abdo et al 2011

●Spectral hardness suggests inverse Compton emission
●Alternative: emission from clumps irradiated by hadronic cosmic rays

(Inoue+ ’13, Gabici & Aharonian ’15)

The Astrophysical Journal, 744:71 (15pp), 2012 January 1 Inoue et al.

massive star

stellar wind

wind bubble

wind shell
diffuse intercloud

clumps

dense clumps survive against wind

n ~1 cm-3

n ~102-4 cm-3

n >103 cm-3

n ~0.01 cm-3

~

Figure 9. Schematic view of wind bubble expanding in a cloudy ISM. Diffuse
intercloud gas is swept by the stellar wind, while dense cloud cores and clumps
can survive in the wind. Density in the wind bubble is much smaller than the
intercloud gas density that is determined by the evaporation of the wind shell
by thermal conduction.

The requirement for the density of the diffuse gas can be
achieved if the progenitor of RX J1713.7−3946 is a massive
star as is widely believed (Slane et al. 1999). This is because the
stellar wind from the massive star would sweep up preexisting
intercloud gas rarefying the intercloud gas significantly, while
dense clumps are not swept off owing to their high density
(e.g., Gritschneder et al. 2009). The situation is illustrated
schematically in Figure 9. According to Weaver et al. (1977),
who studied the expansion of a bubble formed by stellar wind
from O-type stars, the resulting gas density in the wind bubble
is n ∼ 0.01 cm−3 (see, e.g., Figure 3 of Weaver et al. 1977).
Note that the density in the wind bubble is not determined by the
density of wind gas but by the evaporation of the wind shell into
the cavity. The radius of stellar wind bubble Rw is described
using the mechanical luminosity of the wind Lw, density of
interstellar gas n0, and lifetime of the wind tlife as Rw = 27 pc
(Lw/1036 erg s−1)1/5 (n0/1 cm−3)−1/5 (tlife/1 Myr)3/5 (Castor
et al. 1975). According to this expansion law, in order for the
dense gas to stay within the cavity of the wind bubble, the
density should be at least larger than

n0 ! 103 cm−3
(

Lw

1036 erg s−1

)(
Rw

10 pc

)−5 (
tlife

1 Myr

)3

, (8)

where we have adopted a distance of 1 kpc and thus the radius
of RX J1713.7−3946 ∼10 pc (Fukui et al. 2003).

Recently, Sano et al. (2010) have shown by using the
NANTEN telescope that the “peak C” of a CO molecular cloud
core associated with the region in RX J1713.7−3946 seems to
be embedded in the SNR. Since the density of the molecular
cloud core is approximately 104 cm−3, it is reasonable for such
a dense object to stay in the SNR. Equation (8) suggests that less
dense molecular cloud cores or molecular clumps with density
on the order of 103 cm−3 depending on Lw and tage would also
be embedded in RX J1713.7−3946, although these may not be
observed by CO line-emission surveys due to the dissociation
of molecules by UV radiations from the progenitor massive star.
We conclude that if we take into account the effect of the stellar
wind from the massive progenitor, the diffuse intercloud gas
density becomes on the order of n ∼ 0.01 cm−3, which does

not conflict the lack of the thermal X-ray line emission, while
dense molecular clumps/cores can be left in the wind bubble.

The remaining issue for the X-ray line emission from the
shocked clouds is resolved easily as follows. The temperature of
protons in the shocked gas, which corresponds to the maximum
temperature of electrons, is given by

kB T = 3
16

mp v2
sh = 18

( vsh

3000 km s−1

)2
keV, (9)

where vsh is the shock velocity that is supposed to be
3000 km s−1 in the diffuse gas (gas in the wind cavity with
the density nd ∼ 0.01 cm−3). In the cloudy ISM, the shock is
stalled when it hits a cloud. As we show in Section 3.1 and the
Appendix in more detail, the velocity ratio of the shock wave in
the diffuse gas and the cloud is proportional to the square root of
their density ratio: vsh,d/vsh,c ≃ (nc/nd)1/2. From this relation,
we can estimate the proton temperature (corresponding to the
upper bound of the electron temperature) of the shocked cloud
as

kB Tc = 3
16

mp v2
sh,c

= 2 × 10−4
( vsh,d

3000 km s−1

)2 ( nd

0.01 cm−3

)

×
( nc

103 cm−3

)−1
keV. (10)

Therefore, even after the passage of the shock wave in the
clouds, bright thermal X-ray line emission from the clouds is
not expected.

4.4. Spectrum of Hadronic Gamma Rays

Recently, using a one-dimensional model assuming a uniform
ISM, Ellison et al. (2010) claimed that if we reduce the ambient
density to reconcile the absence of the thermal X-ray line emis-
sion from RX J1713.7−3946, the hadronic gamma-ray emission
becomes dim owing to the low target gas density for π0 creation.
The reason is as follows. According to Aharonian et al. (2006),
the total gamma-ray energy measured from 0.2 to 40 TeV in
RX J1713.7−3946 is W ≃ 6 × 1049 (d/1 kpc)2 (ntg/1 cm−3)−1

erg, where d is a distance and ntg is a mean target gas density.
Thus, supposing the low-density ISM, the efficiency of parti-
cle acceleration becomes 100 (ntg/0.06 cm−3) (E/1051 erg)%,
indicating that the hadronic gamma-ray emission cannot be as
bright as observed even if the acceleration is extremely efficient.

However, in our shock–cloud interaction model, the hadronic
emission from the clouds embedded in the SNR can be ex-
pected, because the high-density shocked clouds do not emit
thermal X-ray lines owing to the low-temperature as shown
in Equation (10). If we assume a typical density of clumps
ncl ∼ 103 cm−3 and their volume filling factor f ∼ 10−3, the
effective mean target density can be rewritten as ntg ≃ ncl f

and thus the efficiency becomes 6 (ncl/103 cm−3) (f/10−3)%.
Although precise evaluation of the filling factor f is beyond
the scope of this paper, our model can reproduce the hadronic
gamma-ray emission that is compatible with the canonical ac-
celeration efficiency ∼10%.

In the case of a uniform ISM model, the spectral energy
distribution of the hadronic gamma rays directly reflects that
of the accelerated nuclei roughly above the critical energy
of the π0 creation (∼0.1 GeV), i.e., the photon index of the
hadronic gamma-ray emission is p = 2 for the standard DSA

10



Magnetic field map RX J1713
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Figure 12.21:
fig:rxj1713_bfield

Top row: maps of the estimated magnetic field strenghth (left) and elec-
tron cut-off energy (right) in RX J1713.7-3946 based on the assumption of an inverse
Compton scattering origin for the VHE g-rayemission as measured by H.E.S.S. [416].
The contours indicate the 3, 5, 7 and 9s H.E.S.S. detection confidence limits. The mea-
surements are based on combining H.E.S.S. g-ray and Suzaku X-ray data. (Reproduced
from [416].) Bottom: a scatter diagram of the estimated electron cut-off energy versus
the magnetic field strength, as shown in the maps. The blue lines indicate the expected
relation between B and Ec under the assumption of a loss-limited electron population,
and the red lines under the assumption of an age-limited electron population.
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tron cut-off energy (right) in RX J1713.7-3946 based on the assumption of an inverse
Compton scattering origin for the VHE g-rayemission as measured by H.E.S.S. [416].
The contours indicate the 3, 5, 7 and 9s H.E.S.S. detection confidence limits. The mea-
surements are based on combining H.E.S.S. g-ray and Suzaku X-ray data. (Reproduced
from [416].) Bottom: a scatter diagram of the estimated electron cut-off energy versus
the magnetic field strength, as shown in the maps. The blue lines indicate the expected
relation between B and Ec under the assumption of a loss-limited electron population,
and the red lines under the assumption of an age-limited electron population.

●Assumes leptonic emission
●Cut-off consistent with B-
field and age

HESS collaboration 2018



Escape of cosmic rays?

�109

12.3. GAMMA-RAYS OBSERVATIONS 267

Figure 12.23:
fig:rxj1713_escape

The X-ray (XMM-Newton,red) and VHE g-ray (H.E.S.S., data points)
surface brightness profiles of the southeastern region of RX J1713.7-3946, showing
evidence for a population of accelerated particles well upstream of the shock. (Repro-
duced from [416].)

escape of cosmic rays, rather than definitely proving cosmic-ray escape. Nevertheless,
the impression is that of a population of escaping cosmic rays that have been ”caught
in the act”.

The extent of the precursor/escaping population can be used to constrain the dif-
fusion properties of the particles. Given that the g-ray photons have energies around
1 TeV, the primary particles, whether hadrons or electrons, are likely to have energies of
order 10 TeV. Using the expression for the diffusion length scale, either (11.27) or the
more generic ldiff ⇡

p
2Dt can now be used to constrain the combination of magnetic

field strength and magnetic turbulence, which gives according to (11.27)

B1

h
⇡ 0.36

✓
E

10 TeV

◆✓
Vsh

3000 km s�1

◆�1✓ Dr
1 pc

◆
µG. (12.42)

This value is surprisingly low, and more consistent with an inverse Compton origin for
the VHE g-ray emission from RX J1713.7-3946 than hadronic emission. Even for the
case of inverse Compton emission it indicates that h should be much larger than 1,
given that the Galactic magnetic field is ⇠ 5 µG.

In § 12.2 we showed that the detection of X-ray synchrotron radiation from super-
nova remnants implies that h . 10, so a large value of h is a priori inconsistent with the
fact that the X-ray emission from RX J1713.7-3946 is dominated by X-ray synchrotron
emission. However, an increase in h over a time scale of the order of the synchrotron
loss time scale for 10 TeV electrons does can result both in a large value of h upstream
of the shock, whereas the downstream region will still emit X-ray synchrotron radiation
for some time. Finally, one should consider what might cause the particles from RX
J1713.7-3946 to escape. One idea was already implicitly mentioned: there may have
been a relatively recent increase in the diffusion coefficient, i.e. an increase in the value
for h . Another reason may be that the shock encountered recently a positive density
gradient, causing it to rapidly decelerate.

A&A 612, A6 (2018)

Fig. 2. Gamma-ray excess map and radial profiles. Top left: the H.E.S.S. gamma-ray count map (E > 250 GeV) is shown with XMM-Newton X-ray
contours (1–10 keV, smoothed with the H.E.S.S. PSF) overlaid. The five regions used to compare the gamma-ray and X-ray data are indicated
along with concentric circles (dashed grey lines) with radii of 0.2� to 0.8� and centred at RA: 17h13m25.2s, Dec: �39d46m15.6s. The Galactic plane
is also drawn. The other five panels show the radial profiles from these regions. The profiles are extracted from the H.E.S.S. maps (black crosses)
and from an XMM-Newton map convolved with the H.E.S.S. PSF (red line). The relative normalisation between the H.E.S.S. and XMM-Newton

profiles is chosen such that for regions 1, 2, 4 the integral in [0.3�, 0.7�] is the same, for regions 3, 5 in [0.2�, 0.7�]. The grey shaded area shows
the combined statistical and systematic uncertainty band of the radial gamma-ray extension, determined as described in the main text. The vertical
dashed red line is the radial X-ray extension. For the X-ray data, the statistical uncertainties are well below 1% and are not shown.
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●Gamma-ray emission ahead of X-ray emission:
●Population of particles ahead of shock

● Escape: i.e. particles will not be over run by shock?
● Cosmic-ray precursor? (i.e. particles still being accelerated)

●Either way: requires a low value of B/η
●Slowing down of shock in region 3? Drop in B turbulence?

H.E.S.S. Collaboration: Observations of RX J1713.7�3946

Here, ushock is the shock velocity, and �t is the escape time. D(E)
is the energy dependent di↵usion coe�cient, which we parame-
terise as

D(E) = ⌘(E)
1
3

cE

eB
· (6)

⌘ is the ratio between the mean free path of the particles and
their gyroradius. In general, ⌘ is an energy dependent parameter
that expresses the deviation from Bohm di↵usion, which itself
is thus defined as ⌘ = 1. Its value in regions associated with the
SNR should in any case be close to ⌘ = 1 for particle energies of
10�100 TeV in order to explain the fact that RX J1713.7�3946
is a source of X-synchrotron emission (see Aharonian & Atoyan
1999).

Assuming that the di↵usion length scale in both cases is
equal to the measured parameter �r we arrive at

B

⌘
⇡ 0.36

✓
E

10 TeV

◆  
ushock

3000 km s�1

!�1  
�r

pc

!�1

µG (7)

for the precursor scenario. For the escape scenario we should
take into account that the shock itself will also have displaced
during a time �t. So we have �r = `e � ushock�t. However, for
escape it holds that `e > ushock�t, since escape implies that dif-
fusion is more important than advection, and even more so since
during the time �t the shock slows down and hence ushock de-
creases. Dropping terms with u

2
shock�t

2/�r
2 we find that

B

⌘
⇡ 1.1

✓
E

10 TeV

◆  
�t

500 yr

!  
�r

pc

!�2 "
1 +

ushock�t

�r

#�1

µG, (8)

with B the magnetic field upstream of the shock and ⌘ again
the mean free path of the particles in units of the gyrora-
dius. The factor in square brackets is .1.5. For the shock ve-
locity of RX J1713.7�3946, an upper limit of 4500 km s�1

has been derived from Chandra data (Uchiyama et al. 2007)
and from Suzaku data the velocity is estimated to be
3300⌘1/2 km s�1 (Tanaka et al. 2008). For particles in the shock
or shock precursor region, RX J1713.7�3946 therefore operates
at or close to the Bohm regime since the synchrotron X-ray data
require ⌘ = 1�1.8 for shock velocities of 3300–4500 km s�1.
Taking this into account, for ⌘ = 2, we obtain for region 3: B =
0.8 µG in the precursor scenario. In the escape scenario where
the particles have left the shock region, ⌘ is not constrained by
the X-ray emission any more and in particular it can be larger
(⌘ > 1). We therefore derive in more general terms B . ⌘ 2.8 µG
in the escape scenario. In the standard DSA paradigm, and in the
absence of further magnetic field amplification through turbu-
lences (discussed for example in Giacalone & Jokipii 2007), the
expected magnetic field compression at the shock would result
in downstream magnetic fields a factor of RB = 3�4 higher than
those upstream, that is, up to B = 3.2 µG and B = ⌘ 11.2 µG for
region 3 in the precursor and escape scenario, respectively.

Whilst the escape scenario is compatible with our broad-
band leptonic fits, in the precursor scenario the downstream mag-
netic field value is lower than the values obtained with these
fits (see Fig. 7 and Table 6). In particular, B = 3.2 µG down-
stream is somewhat lower than expected in the DSA paradigm,
unless we invoke a recent sudden increase of ⌘ to values well
above 2 or a decrease of ushock to well below 3300 km s�1 to
recover higher downstream magnetic field values. Such sudden
changes must occur on timescales smaller than the synchrotron
radiation loss time of the downstream electrons, since ⌘ . 5 is
needed to explain X-ray synchrotron radiation from the shell in

these regions (Tanaka et al. 2008). We therefore require that the
timescale for substantial changes in the upstream di↵usion prop-
erties, �t, must satisfy

⌧loss =
634
B2E

s > �t, (9)

with ⌧loss = |E/(dE/dt)| (Ginzburg & Syrovatskii 1965). The
typical X-ray synchrotron photon energy is given by ✏ =
7.4E

2
B keV (Ginzburg & Syrovatskii 1965), so that the condi-

tion for the presence of X-ray emission from the shell at 1 keV
for a given timescale �t is

B . 23
 
�t

500 yr

!�2/3

µG. (10)

This condition is fully consistent with the leptonic emission sce-
nario, but requires for the hadronic emission scenario timescales
shorter than �t = 500 yr.

To summarise, the significant extension of the gamma-ray
emission beyond the X-ray defined shock in some regions of
RX J1713.7�3946 requires either low magnetic fields or di↵u-
sion length scales much larger than for Bohm di↵usion, irrespec-
tive of whether the gamma rays are from particles originating in
the shock precursor or escaping the remnant di↵usively. In both
cases, the length scales are in fact governed by di↵usion.

The relative length scale of the gamma-ray emission mea-
sured beyond the shock is rather large, �r/rSNR ⇡ 13%, for a
precursor scenario. One can estimate the typical relative length
scale of a shock precursor by starting from Eq. (3.39) of Drury
(1983) for the particle acceleration time ⌧acc:

⌧acc =
3

u1 � u2

 
D1

u1
+

D2

u2

!
, (11)

with the subscript 1 and 2 referring to the di↵usion coe�cients
and velocities of the upstream and downstream regions, respec-
tively. We note that ushock = u1. With the compression ratio at
the shock R = u1/u2, we obtain

⌧acc =
3
u

2
1

R
R � 1

D1

 
1 +

D2

D1
R
!
. (12)

Assuming Bohm di↵usion for D1 and D2, their ratio is D2/D1 =
1 for a parallel shock and D2/D1 = 1/R for a perpendicular
shock. With this, and a compression ratio of R = 4, we get

⌧acc = 
D1

u
2
1
, (13)

with  = 8 for a perpendicular and  = 20 for a parallel shock.
The following relation connects the shock velocity of SNRs
with their radius over long stretches of time (Chevalier 1982;
Truelove & McKee 1999):

r / t
m

age ) ushock = m
r

tage
, (14)

where m = 0.4 for the Sedov-Taylor phase and m = 0.5�0.7
for younger remnants like RX J1713.7�3946. Since the age of
the SNR tage corresponds to the maximum possible acceleration
time of particles, and hence ⌧acc < tage, the maximum precursor
length scale can now be calculated as

`p =
D1(E)
ushock

=
⌧accushock


<

tageushock


=

m


r = 0.0875 r, (15)
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Detection of the pion bump
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Figure 12.19:
fig:w44_ic443_fermi

Spectral-energy disitribution of the supernova remnants W44 and IC
443 as measured by Fermi-LAT and AGILE. (Reproduced from [37].)

However, like in the case of RX J0852.0-4622, the lack of thermal X-ray emis-
sion suggests that the ambient density is low, disfavouring the hadronic scenario [489].
X-ray synchrotron radiation requires shock velocities & 3000 km s�1 (11.50), in agree-
ment with measured proper motions for RX J1713.7-3946 of ⇠ 3500 km s�1[32, 870].
Only with a low ambient density can one explain such a high shock velocity at a ra-
dius of 10 pc. Finally, although there is some narrow spatial substructure in the X-ray
synchrotron emission from RX J1713.7-3946 [879], the X-ray synchrotron emitting
shell of the supernova remnant is quite broad (Fig. ??) resulting in a magnetic field
estimate that is much lower than 1 mG and more consistent with 35 µG [405] (see
Table 12.3). Full modelling of the hydrodynamics of the remnant, coupled with calcu-
lations of particle acceleration and X-ray emission, also favours a leptonic model for
the g-ray emission from RX J1713.7-3946 [294].

One would assume that the discussion could be put to rest by measuring the LE
g-ray emission with the Fermi-LAT instrument, as this would establish whether the
spectrum has a spectral slope G < 2, and establish the presence or absence of a pion
bump. The measurement in fact does exist [20], see Fig. 12.18. And on the face of it,
the Fermi data favour the leptonic scenario: the spectrum is clearly harder than can be
accounted for by simple hadronic models, and there is no indication for a pion bump.
But none of the inverse Compton scattering models provide a perfect fit, in particular
above 1 TeV. In addition, more complex hadronic models, in which the hadronic emis-
sion comes from interstellar medium dense clumps that survived the passage of the
supernova remnant shocks, cannot be excluded [985, 327]. The idea is that the higher
the energy of the cosmic-ray proton, the more deeply the protons can penetrate the
highest density regions of the clumps. As a result the g-ray spectral no longer reflects
the intrinsic power-law slope of the cosmic-rays, but is a combination of spectral slope
of the protons modulated with the energy-dependent penetration depths.

Although the case for pion decay emission from RX J1713.7-3946 is controversial,
very strong evidence for pion-decay emission from supernova remnants does exists:
the pion-bump has been detected in the HE spectra of the mature supernova remnants
IC 443 and W44 [355, 37] (Fig. 12.19). However, what is also clear from these But
the SEDs of these remnants also display spectral breaks at relatively low energies: ⇠
20 GeV for IC 443 and 2 GeV for W44 [37]. Apparently the highest energy cosmic
rays have already largely diffused away from the supernova remnants. Note that several
other g-ray spectra are also consistent with hadronic emission, including Cas A [58],
HESS J1640-465 [23, 553] and W49B [417], the latter also with a break at low energies
(⇠8 GeV).

●Clear detection by Fermi of “pion bump”
●SNRs IC 443 & W44: mature SNRs, interacting with molecular 
cloud

Ackermann+ ‘13



Future developments
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●High resolution X-ray spectroscopy (XRISM & Athena)
●XRISM: launch 2022; Athena: 2030+
●XMM/Chandra gratings, not ideal for extended sources
●Get: accurate line ratios and kinematic/thermal Doppler shifts/widths

●X-ray polarisation:
●characterise magnetic field turbulence near shocks

●Cherenkov Telescope Array
●10x better sensitivity than H.E.S.S./Veritas/MAGIC: new SNRs/PWNe
●broader energy range
●evidence for PeVatrons?
●Detecting supernovae



Supernova remnants: summary
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●Supernova remnants interesting for three reasons
●Interesting shock physics: 

● collisionless heating: electrons cooler than ions
● ionisation: non-equilibrium ionisation
● CR acceleration:

●evidence for hadronic particles (pion bump)
●evidence for fast acceleration, B-field amplification and turbulence
●evidence for escape

●Probe the supernova explosion products/geometry:
● Abundance patterns: SN Ia -> Fe-group; CC: O, Ne, Mg
● (a)symmetries: jets and rings in Cas A 
● link with neutron stars: no apparent pattern (yet)

●Probe the circumstellar medium:
● Clues to SNe Ia progenitors: evidence for shells around SNe Ia


