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NS mergers 
as multi-messenger sources
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with specific stellar populations). Because merger counterparts
are predicted to be faint, obtaining a spectroscopic redshift
is challenging (cf. Rowlinson et al. 2010), in which case
spectroscopy of the host galaxy is the most promising means
of obtaining the event redshift.

It is important to distinguish two general strategies for con-
necting EM and GW events. One approach is to search for a
GW signal following an EM trigger, either in real time or at
a post-processing stage (e.g., Finn et al. 1999; Mohanty et al.
2004). This is particularly promising for counterparts predicted
to occur in temporal coincidence with the GW chirp, such as
short-duration gamma-ray bursts (SGRBs). Unfortunately, most
other promising counterparts (none of which have yet been
independently identified) occur hours to months after coales-
cence.6 Thus, the predicted arrival time of the GW signal will
remain uncertain, in which case the additional sensitivity gained
from this information is significantly reduced. For instance, if
the time of merger is known only to within an uncertainty of
∼ hours (weeks), as we will show is the case for optical (radio)
counterparts, then the number of trial GW templates that must
be searched is larger by a factor ∼104–106 than if the merger
time is known to within seconds, as in the case of SGRBs.

A second approach, which is the primary focus of this paper,
is EM follow-up of GW triggers. A potential advantage in this
case is that counterpart searches are restricted to the nearby
universe, as determined by the ALIGO/Virgo sensitivity range
(redshift z ! 0.05–0.1). On the other hand, the large error
regions are a significant challenge, which are estimated to be
tens of square degrees even for optimistic configurations of GW
detectors (e.g., Gürsel & Tinto 1989; Fairhurst 2009; Wen &
Chen 2010; Nissanke et al. 2011). Although it has been argued
that this difficulty may be alleviated if the search is restricted
to galaxies within 200 Mpc (Nuttall & Sutton 2010), we stress
that the number of galaxies with L " 0.1 L∗ (typical of SGRB
host galaxies; Berger 2009, 2011) within an expected GW error
region is ∼400, large enough to negate this advantage for most
search strategies. In principle the number of candidate galaxies
could be reduced if the distance can be constrained from the
GW signal; however, distance estimates for individual events
are rather uncertain, especially at that low of S/Ns that will
characterize most detections (Nissanke et al. 2010). Moreover,
current galaxy catalogs are incomplete within the ALIGO/Virgo
volume, especially at lower luminosities. Finally, some mergers
may also occur outside of their host galaxies (Berger 2010;
Kelley et al. 2010). Although restricting counterpart searches to
nearby galaxies is unlikely to reduce the number of telescope
pointings necessary in follow-up searches, it nevertheless can
substantially reduce the effective sky region to be searched,
thereby allowing for more effective vetoes of false positive
events (Kulkarni & Kasliwal 2009).

At the present there are no optical or radio facilities that can
provide all-sky coverage at a cadence and depth matched to
the expected light curves of EM counterparts. As we show in
this paper, even the Large Synoptic Survey Telescope (LSST),
with a planned all-sky cadence of four days and a depth of
r ≈ 24.7 mag, is unlikely to effectively capture the range of
expected EM counterparts. Thus, targeted follow-up of GW

6 Predicted EM counterparts that may instead precede the GW signal include
emission powered by the magnetosphere of the NS (e.g., Hansen & Lyutikov
2001; McWilliams & Levin 2011; Lyutikov 2011a, 2011b), or cracking of the
NS crust due to tidal interactions (e.g., Troja et al. 2010; Tsang et al. 2011),
during the final inspiral. However, given the current uncertainties in these
models, we do not discuss them further.
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Figure 1. Summary of potential electromagnetic counterparts of NS–NS/
NS–BH mergers discussed in this paper, as a function of the observer angle,
θobs. Following the merger a centrifugally supported disk (blue) remains around
the central compact object (usually a BH). Rapid accretion lasting !1 s
powers a collimated relativistic jet, which produces a short-duration gamma-
ray burst (Section 2). Due to relativistic beaming, the gamma-ray emission
is restricted to observers with θobs ! θj , the half-opening angle of the jet.
Non-thermal afterglow emission results from the interaction of the jet with
the surrounding circumburst medium (pink). Optical afterglow emission is
observable on timescales up to ∼ days–weeks by observers with viewing angles
of θobs ! 2θj (Section 3.1). Radio afterglow emission is observable from all
viewing angles (isotropic) once the jet decelerates to mildly relativistic speeds
on a timescale of weeks–months, and can also be produced on timescales of
years from sub-relativistic ejecta (Section 3.2). Short-lived isotropic optical
emission lasting ∼few days (kilonova; yellow) can also accompany the merger,
powered by the radioactive decay of heavy elements synthesized in the ejecta
(Section 4).
(A color version of this figure is available in the online journal.)

error regions is required, whether the aim is to detect optical
or radio counterparts. Even with this approach, the follow-
up observations will still require large field-of-view (FOV)
telescopes to cover tens of square degrees; targeted observations
of galaxies are unlikely to substantially reduce the large amount
of time to scan the full error region.

Our investigation of EM counterparts is organized as follows.
We begin by comparing various types of EM counterparts, each
illustrated by the schematic diagram in Figure 1. The first is an
SGRB, powered by accretion following the merger (Section 2).
Even if no SGRB is produced or detected, the merger may still
be accompanied by relativistic ejecta, which will power non-
thermal afterglow emission as it interacts with the surrounding
medium. In Section 3 we explore the properties of such “or-
phan afterglows” from bursts with jets nearly aligned toward
Earth (optical afterglows; Section 3.1) and for larger viewing
angles (late radio afterglows; Section 3.2). We constrain our
models using the existing observations of SGRB afterglows,
coupled with off-axis afterglow models. We also provide a re-
alistic assessment of the required observing time and achiev-
able depths in the optical and radio bands. In Section 4 we
consider isotropic optical transients powered by the radioac-
tive decay of heavy elements synthesized in the ejecta (referred
to here as “kilonovae,” since their peak luminosities are pre-
dicted to be roughly one thousand times brighter than those
of standard novae). In Section 5 we compare and contrast the
potential counterparts in the context of our four Cardinal Virtues.
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• Inspiral to merger:  
GW emission

• Progenitor of SGRBs: 
—> γ-ray, X-ray, neutrino

• Kilonova/Macronova  
—> Infrared, opt

• Afterglow  
—> Radio, X-ray, cosmic-rays

Metzger & Berger 2012
Gravitational Wave
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• Bright burst of gamma-rays at cosmological distance
• Liso ~ 1050—1052 erg/s, Tdur ~ 1 sec, Epk ~ 0.1–1 MeV
• Central engine (BH or NS) produces jets  

—> internal dissipation produces X-rays and γ-rays 
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Fig. 20. Sample lightcurves of GRBs.
Source: [5].

Fig. 23 gives an example of GRB 990123 whose time integrated spectrum is well fit by the Band function [432].
The Ep distribution of GRBs iswide.While bright BATSEGRBs (a sample of 156 burstswith 5500 spectra) have Ep clustered

around 200–300 keV range [433], lower Ep bursts are found by softer detectors such as HETE-2 and Swift. The distribution
of Ep seems to form a continuum from several keV to the MeV range, e.g. [434]. From hard to soft, bursts are sometimes
also vaguely classified as gamma-ray bursts (GRBs, Ep > 50 keV), X-ray rich GRBs (XRGRBs, 30 keV < Ep < 50 keV), and
X-ray flashes (XRFs, Ep < 30 keV), with no clear boundaries in between [435]. For the bright BATSE sample, the two spectral
indices have a distribution of ↵ ⇠ �1 ± 1 and � ⇠ �2+1

�2 [433]. Such a distribution is also confirmed for the Fermi and
INTEGRAL bursts [103,436,434].

Spectra for some GRBs can be fitted with a cutoff power-law spectrum, in the form

N(E) = A
✓

E
100 keV

◆

��̂

exp
✓

�

E
Ec

◆

(100)

This is essentially the first portion of the Band-function, with ↵ replaced by ��̂ (�̂ is positive). This function has been used
to fit the prompt spectrum of many HETE-2, Swift, and GBM GRBs [437,411,413]. However, this is mainly due to the narrow
bandpass of the detectors, so that the high energy photon index � of the Band-function is not well-constrained. In fact,
in most cases when a Swift burst was co-detected by another detector with high-energy band coverage (e.g. Konus-Wind,
Fermi-GBM), the global spectrum can be still fit by a Band function.

0.5 sec

Gravitational Wave
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Afterglows of SGRBs

• Prompt emission is followed by afterglows 
• Standard afterglow: Forward shock model, power-law decay
• Extended Emission, plateau emission, X-ray flares have  

similar features to prompt bursts —>   Late-time engine activity?
• Late time activities have comparable total energy to prompt burst

6

Dashed line: 
Standard classical afterglow
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GRB Neutrinos

• Photomeson production (pγ)

7

IV. PRODUCTION OF
ELECTRON-POSITRON PAIRS

At energies below the photomeson production, the main
channel of inelastic interactions for protons with ambient
photons proceeds through the direct production of
electron-positron pairs. In the rest frame of the proton,
this process is described by the so-called Bethe-Heitler
cross section. In astrophysical environments, the process

is more often realized when ultrarelativistic protons collide
with low energy photons,

pþ ! ! eþ þ e" þ p: (44)

The process is energetically allowed when

!p">mec
2; (45)

where !p ¼ Ep=mpc
2 is the proton Lorentz factor, " is the

soft photon energy, and me is the mass of electron. The
maximum energy of the electron (positron) is determined
by the kinematics of the process

Eemax ¼
!p

1þ 4!p"=ðmpc
2Þ ð

ffiffiffiffiffiffiffiffiffi
!p"

p þ
ffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffiffi
!p""mec

2
q

Þ2:

(46)

This equation is valid when !p & 1 and " ' mp!pc
2. In

the interval

mec
2 ' !p" ' mpc

2; (47)

the maximum electron energy is

Eemax ¼ 4!2
p": (48)

This applies for Eemax ' Ep. In the limit of !p" & mpc
2

Eemax ¼ mpc
2!p ¼ Ep; (49)

i.e., the whole energy of the proton is transferred to one of
the electrons.
Let us denote by d# the differential cross section of the

process. The interaction rate is

dw ¼ c3
ðk ( pÞ
"Ep

d# ¼ c2
ðk ( upÞ
"!p

d#; (50)

where k and p are four-momenta of the photon and proton,
up ¼ p=mpc is the four-velocity of the proton, ðk ( pÞ ¼
"Ep=c

2 " kp is the scalar product of four-vectors. Let us
assume that in a unit volume we have fphð"Þd"d!=4$
photons between the energy interval ð"; "þ d"Þ and mov-
ing within the solid angle d!. Then the number of inter-
actions per unit of time is

N ¼ c2
Z
d"
d!

4$
fphð"Þ

ðk ( upÞ
"!p

Z
d#; (51)

where the integration is performed over all variables.
Below we perform calculations based on the following

approach. If we are interested in a distribution of some
variable %, which is a function ’ of particle momenta, this
distribution can be found introducing an additional
& function under the integral in Eq. (51):

dN

d%
¼ c2

Z
d"
d!

4$
fphð"Þ

ðk ( upÞ
"!p

Z
&ð%" ’Þd#: (52)

In particular, the energy distribution of electrons in the
laboratory frame can be calculated using the following

FIG. 9. The total cross sections of production of $þ and
$0 mesons as a function of energy of the incident gamma ray
in the rest frame of a proton. The experimental points are taken
from http://wwwppds.ihep.su:8001.

FIG. 8. The multiplicity of photons and leptons produced in
one interaction of a relativistic proton with 2.7 CMBR.
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Macronova/Kilonova

• NS merger creates ejecta 
consisting of neutron-rich 
nuclei

• Decay of n-rich nuclei powers  
opt/IR transient for days

• a few macronova candidates 
are observed in afterglows of 
SGRBs as an excess in IR

8
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Figure 3. Predicted light curves for NS–NS and BH–NS models. Left panel: NS–NS models. The dashed, solid, and dot-dashed curves show the H-band light curves
for the models: SLy (Q = 1.0,Mej = 0.02 M⊙), H4 (Q = 1.25,Mej = 4 × 10−3 M⊙), respectively. The total mass of the progenitor is fixed to be 2.7 M⊙. The upper,
middle, and lower curves for each model correspond to the high-, fiducial- and low-heating models. Right panel: BH–NS models. The dashed, solid, and dot-dashed
curves show the models MS1 (Mej = 0.07 M⊙), H4 (Mej = 0.05 M⊙), and APR4 (Mej = 0.01 M⊙), respectively. Here only the fiducial-heating models are shown.
The thin and thick lines denote the r and H-band light curves. Here we set (Q,χ ) = (3, 0.75). The observed data (filled circles), upper limits (triangles), and the light
curves (dashed lines) of the afterglow model of GRB 130603B in r and H-band are plotted (Tanvir et al. 2013; de Ugarte Postigo et al. 2013). The observed point
in the r-band at 1 days after the GRB is consistent with the afterglow model. The key observations for an electromagnetic transient are the observed H-band data at
7 days after the GRB, which exceed the H-band light curve of the afterglow model, and the upper limit in H-band at 22 days after the GRB. These data suggest the
existence of an electromagnetic transient associated with GRB 130603B.
(A color version of this figure is available in the online journal.)

(Q = 1.0, Mej = 0.02 M⊙) and H4 (Q = 1.25, Mej =
4 × 10−3 M⊙) for reference. Here the total mass of the progen-
itor is chosen to be Mtot = 2.7 M⊙. We plot three light curves
derived with the fiducial- (the middle curves), high- (the upper
curves), and low-heating models (the lower curves). We expect
that the realistic light curves may lie within the shaded regions.
For the NS–NS models, the computed r-band light curves are
fainter than 30 mag. The right panel of Figure 3 shows the light
curves of the BH–NS merger models, MS1 (Mej = 0.07 M⊙),
H4 (Mej = 0.05 M⊙), and APR4 (Mej = 0.01 M⊙) with
(Q,χ ) = (3, 0.75). For these cases, we employ the fiducial-
heating model. Note that the r-band light curves of the BH–NS
models reach ∼27 mag, which implies that the light curves of
the BH–NS models are bluer than those of the NS–NS models.
This is because the energy from radioactive decay is deposited
into a small volume for the BH–NS models (see Tanaka et al.
2013 in details). As shown in Figure 6 of Kasen et al. (2013, see
also Figure 15 of Tanaka & Hotokezaka 2013), the opacity of
r-process elements depends strongly on the temperature, and
thus the time after the merger. The small bumps in the
H-band light curves of BH–NS models are caused by this time-
dependent opacity.

Uncertainties are expected to be associated with the difference
in the morphology between the models of the same progenitor
type but different masses and spins. Moreover, the light curves
may depend on the viewing angle. However, these uncertainties
are not large enough to significantly affect our results (see
Tanaka & Hotokezaka 2013; Tanaka et al. 2013 for details).

We now translate these results into the progenitor models as
Q, χ , and EOS.

NS–NS models. The NS–NS models for GRB 130603B should
have ejecta of mass !0.02 M⊙. This is consistent with that

derived by Berger et al. (2013). This value strongly constrains
the NS–NS models because the amount of ejecta is at most
∼0.02 M⊙ for an NS–NS merger within the plausible mass range
of the observed NS–NS systems (Özel et al. 2012). Specifically,
as shown in Figure 2, such a large amount of ejecta can be
obtained only for the soft EOS models in which a hypermassive
neutron star with a lifetime of !10 ms is formed after the
merger. For the stiff EOS models, the amount of ejecta is at
most 4 × 10−3 M⊙. Thus we conclude that the ejecta of the
NS–NS models with soft EOSs (R1.35 " 12 km) are favored as
the progenitor of GRB 130603B.

BH–NS models. The observed data in the H-band is consistent
with the BH–NS models which produce the ejecta of ∼0.05 M⊙
in our fiducial-heating model. Such a large amount of ejecta can
only be obtained with the stiff EOSs (R1.35 ! 13.5 km) for the
case of χ = 0.75 and 3 # Q # 7 as shown in Figure 2. For
the soft EOS models, the total amount of ejecta reaches only
0.01 M⊙ as long as χ # 0.75, which hardly reproduces the
observed near-infrared excess. Thus the models with stiff EOSs
are favored for the BH–NS merger models as the progenitor
model of GRB 130603B as long as the parameters satisfy
0.5 # χ # 0.75 and 3 # Q # 7. It is worth noting that
any BH–NS models with χ # 0.5 and Q $ 7 are unlikely to
reproduce the observed near-infrared excess.

5. DISCUSSION AND CONCLUSION

We explored possible progenitor models of the electromag-
netic transient associated with the Swift short GRB 130603B.
This electromagnetic transient may have been powered by the
radioactive decay of r-process elements, a so called kilonova/
macronova. We analyzed the dynamical ejecta of NS–NS and
BH–NS mergers for the progenitor models of this event. To

4
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Figure 1. Rest-mass density profiles on the meridional plane for the NS–NS (SLy, Mtot = 2.7M⊙,Q = 1.0) (left) and BH–NS (H4, Q = 3, χ = 0.75) (right) models
at 8.8 ms after the onset of the merger. The red arrows show the velocity profiles of the ejecta.
(A color version of this figure is available in the online journal.)

simulation using SACRA code (Yamamoto et al. 2008). We
follow the dynamical ejecta with the numerical-relativity simu-
lation until the head of the ejecta reaches ≃1000 km (see Ho-
tokezaka et al. 2013 and Kyutoku et al. 2013 for details). After
that, the density and velocity structures of the ejecta are mod-
eled assuming homologous expansion (Rosswog et al. 2013a).
For the simulations, we employ a piecewise polytropic EOS with
which the cold EOSs of neutron-star matter are well fitted (Read
et al. 2009). For systematic studies of the dependence of mass
ejection on the cold EOSs of neutron-star matter, we consider
five cold EOSs: APR4 (Akmal et al. 1998) and SLy (Douchin &
Haensel 2001) as soft EOSs, ALF2 (Alford et al. 2005) as a mod-
erate EOS, and H4 (Glendenning & Moszkowski 1991; Lackey
et al. 2006) and MS1 (Müller & Serot 1996) as stiff EOSs.7
To take into account the effects of shock heating, we add the
thermal pressure as a Γ-law ideal gas EOS. The ejecta masses
obtained with this approximation of thermal effects agree with
those obtained with tabulated finite-temperature EOSs within
errors of several tens of percent for NS–NS mergers (Bauswein
et al. 2013).

For NS–NS mergers, we choose the total gravitational mass
of the binary Mtot = 2.6 M⊙–2.8 M⊙ and the mass ratio8

Q = 1.0–1.25. For BH–NS mergers, the gravitational mass of
the neutron star MNS is fixed to be 1.35 M⊙ and the mass ratio
is chosen to be Q = 3–7. The nondimensional spin parameter
of the black hole χ is chosen as χ = 0.75. We also perform
the simulations for Q = 7 and χ = 0.5. These parameters,
ejecta masses Mej, and averaged ejecta velocities ⟨vej⟩/c of the
progenitor models are summarized in Table 1.

The morphologies of the ejecta for NS–NS and BH–NS
mergers are compared in Figure 1. This figure plots the profiles
of the density and velocity fields at 8.8 ms after the onset of
the merger. Note that the ejecta velocities are in the small range
between ∼0.1c and ∼0.3c irrespective of the progenitor model.
However, the ejecta mass and morphology depend sensitively
on the progenitor models. In Table 1, we summarize these
properties of the NS–NS and BH–NS ejecta.

NS–NS ejecta. As shown in Figure 1, the NS–NS ejecta have
a spheroidal shape, rather than a torus or a disk, irrespective of
Q and EOS as long as a hypermassive neutron star is formed
after the merger. The reason is as follows. The origin of the

7 In this Letter, “soft” and “stiff” EOSs mean those which reproduce the radii
R1.35 ! 12 km and R1.35 " 13.5 km, respectively. Here R1.35 is the radius of a
cold, spherical neutron star with the gravitational mass 1.35 M⊙. For all the
EOSs, the maximum masses of spherical neutron stars are larger than ≃2 M⊙.
8 The mass ratio is defined by Q = m1/m2 with m1 " m2, where m1 and m2
are the component masses of a binary.

Table 1
Parameters of the Progenitor Models and Their Ejecta Properties

EOS Type R1.35 Mtot/M⊙ Q χ Mej/10−2 M⊙ ⟨vej⟩/c
APR4 NS–NS 11.1 2.6–2.9 1.0–1.25 · · · 0.01–1.4 0.22–0.27
SLy NS–NS 11.4 2.6–2.8 1.0–1.25 · · · 0.8–2.0 0.20–0.26
ALF2 NS–NS 12.4 2.6–2.8 1.0–1.25 · · · 0.15–0.55 0.22–0.24
H4 NS–NS 13.6 2.6–2.8 1.0–1.25 · · · 0.03–0.40 0.18–0.26
MS1 NS–NS 14.4 2.6–2.8 1.0–1.25 · · · 0.06–0.35 0.18–0.20

APR4 BH–NS 11.1 5.4–10.8 3.0–7.0 0.75 0.05–1.0 0.23–0.27
ALF2 BH–NS 12.4 5.4–10.8 3.0–7.0 0.75 2.0–4.0 0.25–0.29
H4 BH–NS 13.6 5.4–10.8 3.0–7.0 0.75 4.0–5.0 0.24–0.29
MS1 BH–NS 14.4 5.4–10.8 3.0–7.0 0.75 6.5–8.0 0.25–0.30

APR4 BH–NS 11.1 10.8 7.0 0.5 #10−4 · · ·
ALF2 BH–NS 12.4 10.8 7.0 0.5 0.02 0.27
H4 BH–NS 13.6 10.8 7.0 0.5 0.3 0.29
MS1 BH–NS 14.4 10.8 7.0 0.5 1.7 0.30

ejecta for NS–NS mergers can be divided into two parts: the
contact interface of two neutron stars at the collision and the tidal
tails formed during an early stage of the merger. At the contact
interface, the kinetic energy of the approaching velocities of the
two stars is converted into thermal energy through shock heating.
The heated matter at the contact interface expands into the
low-density region. As a result, the shocked matter can escape
even toward the rotational axis and the ejecta shape becomes
spheroidal. By contrast, the tidal tail component is asymmetric
and the ejecta is distributed near the equatorial plane.

Numerical simulations of NS–NS mergers show that the total
amount of ejecta is in the range 10−4–10−2 M⊙ depending on
Mtot, Q, and the EOS (see Figure 2). The more compact neutron
star models with soft EOSs produce a larger amount of ejecta,
because the impact velocities and subsequent shock heating
effects at merger are larger. More specifically, the amount of
ejecta is

10−4 ! Mej/M⊙ ! 2 × 10−2 (soft EOSs),

10−4 ! Mej/M⊙ ! 5 × 10−3 (stiff EOSs). (1)

Bauswein et al. (2013) show a similar dependence of the
ejecta masses on the EOSs and Mej ! 0.01 M⊙ for stiff EOS
models. According to these results, it is worth noting that the
ejecta masses of the stiff EOS models are likely to be at most
0.01 M⊙.

The dependence of the ejecta mass on the total mass of
the binary is rather complicated as shown in Figure 2. The
ejecta mass increases basically with increasing Mtot as long

2

IR excess

くく

Hotokezaka et al. 2013
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GW170817
• The first detection of  

NS-NS merger event 
by GW, radio, IR/opt/UV, X-
ray, MeV γ-ray

10

Figure 2. Timeline of the discovery of GW170817, GRB 170817A, SSS17a/AT 2017gfo, and the follow-up observations are shown by messenger and wavelength
relative to the time tc of the gravitational-wave event. Two types of information are shown for each band/messenger. First, the shaded dashes represent the times when
information was reported in a GCN Circular. The names of the relevant instruments, facilities, or observing teams are collected at the beginning of the row. Second,
representative observations (see Table 1) in each band are shown as solid circles with their areas approximately scaled by brightness; the solid lines indicate when the
source was detectable by at least one telescope. Magnification insets give a picture of the first detections in the gravitational-wave, gamma-ray, optical, X-ray, and
radio bands. They are respectively illustrated by the combined spectrogram of the signals received by LIGO-Hanford and LIGO-Livingston (see Section 2.1), the
Fermi-GBM and INTEGRAL/SPI-ACS lightcurves matched in time resolution and phase (see Section 2.2), 1 5×1 5 postage stamps extracted from the initial six
observations of SSS17a/AT 2017gfo and four early spectra taken with the SALT (at tc+1.2 days; Buckley et al. 2017; McCully et al. 2017b), ESO-NTT (at
tc+1.4 days; Smartt et al. 2017), the SOAR 4 m telescope (at tc+1.4 days; Nicholl et al. 2017d), and ESO-VLT-XShooter (at tc+2.4 days; Smartt et al. 2017) as
described in Section 2.3, and the first X-ray and radio detections of the same source by Chandra (see Section 3.3) and JVLA (see Section 3.4). In order to show
representative spectral energy distributions, each spectrum is normalized to its maximum and shifted arbitrarily along the linear y-axis (no absolute scale). The high
background in the SALT spectrum below 4500Å prevents the identification of spectral features in this band (for details McCully et al. 2017b).

4

The Astrophysical Journal Letters, 848:L12 (59pp), 2017 October 20 Abbott et al.

LIGO 2017 (Multi-messenger paper)

vv

~1day opt. 
macronova

1

1

X/Radio 
afterglow

Merger
ejecta

Cocoon

Jet

Jet-ISM shock

~10day IR 
macronova

Ejecta-ISM 
shock

X/Radio
flare

v~0.03-0.2c
(dynamical/
shock/wind)

v~0.2-0.4c

~100

Disk

Off-axis
sGRB

Mer
ejec

C

Ejecta
shock

v~0.03-0
(dynami
shock/w

v~

weeks
~months

~sec >years

Fig. 1 Schematic figure of our unified picture.

we discuss alternative models, and also implications for the future observations of the radio

flares and X-ray remnants. § 7 is devoted to the summary.

2. sGRB 170817A from an off-axis jet

The observed sGRB 170817A [2, 22, 23] constrains the properties of a jet associated with

GW170817. Emission from the jet is beamed into a narrow (half-)angle ∼ 1/Γ where Γ is the

Lorentz factor of the jet, while de-beamed off-axis emission is also inevitable outside ∼ 1/Γ

as a consequence of the relativistic effect (see Fig. 1). To begin with, we consider the most

simple top-hat jet with uniform brightness and a sharp edge (see § 6.1 for the other cases).

For a top-hat jet, we can easily calculate the isotropic energy Eiso(θv) as a function of the

viewing angle θv by using the formulation of Ioka & Nakamura [47] and Appendix A. Even

if the observed sGRB is not the off-axis emission from a top-hat jet, we can put the most

robust upper limit on the on-axis isotropic energy Eiso(0) of a jet, whatever the jet structure

and the emission mechanism is.

The emission from a top-hat jet is well approximated by that from a uniform thin shell

with an opening angle ∆θ. We can analytically obtain the observed spectral flux in Eqs. (A1)

and (A2) [47] as

Fν(T ) =
2r0cA0

D2

∆φ(T )f{νΓ[1− β cos θ(T )]}

Γ2[1− β cos θ(T )]2
. (1)

The isotropic energy is obtained by numerically integrating the above equation with time

and frequency as Eiso(θv) ∝
∫ Tend

Tstart

dT
∫ νmax

νmin

dν Fν(T ) in Eq. (A4). If the emission comes from

4/22

Ioka & Nakamura 2018



Prompt emission
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Lu et al. 2017

– 34 –

Fig. 10.— Eiso as a function of Ep in the burst frame for a sample of sGRB taken from
Zhang et al. (2009). The red star is GRB 170817A. The solid line is the Spearman linear fit

together with its 2σ confidence level.

SGRBGW170817

• tlag ~ 2 sec;  tdur ~ 2 sec; 
• Faint prompt gamma ray:  

Lγ ~ 1046 erg/s 

The 90% credible intervals(Veitch et al. 2015; Abbott et al.
2017e) for the component masses (in the m m1 2. convention)
are m M1.36, 2.261 Î :( ) and m M0.86, 1.362 Î :( ) , with total
mass M2.82 0.09

0.47
-
+

:, when considering dimensionless spins with

magnitudes up to 0.89 (high-spin prior, hereafter). When the
dimensionless spin prior is restricted to 0.05- (low-spin prior,
hereafter), the measured component masses are m 1.36,1 Î (

M1.60 :) and m M1.17, 1.362 Î :( ) , and the total mass is

Figure 2. Joint, multi-messenger detection of GW170817 and GRB170817A. Top: the summed GBM lightcurve for sodium iodide (NaI) detectors 1, 2, and 5 for
GRB170817A between 10 and 50 keV, matching the 100 ms time bins of the SPI-ACS data. The background estimate from Goldstein et al. (2016) is overlaid in red.
Second: the same as the top panel but in the 50–300 keV energy range. Third: the SPI-ACS lightcurve with the energy range starting approximately at 100 keV and
with a high energy limit of least 80 MeV. Bottom: the time-frequency map of GW170817 was obtained by coherently combining LIGO-Hanford and LIGO-
Livingston data. All times here are referenced to the GW170817 trigger time T0

GW.
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  unusually faint SGRBs



Kilonova/Macronova

• Identify host galaxy: NGC 4993 @ 40 Mpc 
• Powered by radioactive decay of neutron-rich nuclei
• Requires Multi-component model:  

Fast-Blue (~0.3c) and Slow-Red (~0.1c)

12

In the mid-1960s, gamma-ray bursts (GRBs) were discovered
by the Vela satellites, and their cosmic origin was first established
by Klebesadel et al. (1973). GRBs are classified as long or short,
based on their duration and spectral hardness(Dezalay et al. 1992;
Kouveliotou et al. 1993). Uncovering the progenitors of GRBs
has been one of the key challenges in high-energy astrophysics
ever since(Lee & Ramirez-Ruiz 2007). It has long been
suggested that short GRBs might be related to neutron star
mergers (Goodman 1986; Paczynski 1986; Eichler et al. 1989;
Narayan et al. 1992).

In 2005, the field of short gamma-ray burst (sGRB) studies
experienced a breakthrough (for reviews see Nakar 2007; Berger
2014) with the identification of the first host galaxies of sGRBs
and multi-wavelength observation (from X-ray to optical and
radio) of their afterglows (Berger et al. 2005; Fox et al. 2005;
Gehrels et al. 2005; Hjorth et al. 2005b; Villasenor et al. 2005).
These observations provided strong hints that sGRBs might be
associated with mergers of neutron stars with other neutron stars
or with black holes. These hints included: (i) their association with
both elliptical and star-forming galaxies (Barthelmy et al. 2005;
Prochaska et al. 2006; Berger et al. 2007; Ofek et al. 2007; Troja
et al. 2008; D’Avanzo et al. 2009; Fong et al. 2013), due to a very
wide range of delay times, as predicted theoretically(Bagot et al.
1998; Fryer et al. 1999; Belczynski et al. 2002); (ii) a broad
distribution of spatial offsets from host-galaxy centers(Berger
2010; Fong & Berger 2013; Tunnicliffe et al. 2014), which was
predicted to arise from supernova kicks(Narayan et al. 1992;
Bloom et al. 1999); and (iii) the absence of associated
supernovae(Fox et al. 2005; Hjorth et al. 2005c, 2005a;
Soderberg et al. 2006; Kocevski et al. 2010; Berger et al.
2013a). Despite these strong hints, proof that sGRBs were
powered by neutron star mergers remained elusive, and interest
intensified in following up gravitational-wave detections electro-
magnetically(Metzger & Berger 2012; Nissanke et al. 2013).

Evidence of beaming in some sGRBs was initially found by
Soderberg et al. (2006) and Burrows et al. (2006) and confirmed

by subsequent sGRB discoveries (see the compilation and
analysis by Fong et al. 2015 and also Troja et al. 2016). Neutron
star binary mergers are also expected, however, to produce
isotropic electromagnetic signals, which include (i) early optical
and infrared emission, a so-called kilonova/macronova (hereafter
kilonova; Li & Paczyński 1998; Kulkarni 2005; Rosswog 2005;
Metzger et al. 2010; Roberts et al. 2011; Barnes & Kasen 2013;
Kasen et al. 2013; Tanaka & Hotokezaka 2013; Grossman et al.
2014; Barnes et al. 2016; Tanaka 2016; Metzger 2017) due to
radioactive decay of rapid neutron-capture process (r-process)
nuclei(Lattimer & Schramm 1974, 1976) synthesized in
dynamical and accretion-disk-wind ejecta during the merger;
and (ii) delayed radio emission from the interaction of the merger
ejecta with the ambient medium (Nakar & Piran 2011; Piran et al.
2013; Hotokezaka & Piran 2015; Hotokezaka et al. 2016). The
late-time infrared excess associated with GRB 130603B was
interpreted as the signature of r-process nucleosynthesis (Berger
et al. 2013b; Tanvir et al. 2013), and more candidates were
identified later (for a compilation see Jin et al. 2016).
Here, we report on the global effort958 that led to the first joint

detection of gravitational and electromagnetic radiation from a
single source. An ∼ 100 s long gravitational-wave signal
(GW170817) was followed by an sGRB (GRB 170817A) and
an optical transient (SSS17a/AT 2017gfo) found in the host
galaxy NGC 4993. The source was detected across the
electromagnetic spectrum—in the X-ray, ultraviolet, optical,
infrared, and radio bands—over hours, days, and weeks. These
observations support the hypothesis that GW170817 was
produced by the merger of two neutron stars in NGC4993,
followed by an sGRB and a kilonova powered by the radioactive
decay of r-process nuclei synthesized in the ejecta.

Figure 1. Localization of the gravitational-wave, gamma-ray, and optical signals. The left panel shows an orthographic projection of the 90% credible regions from
LIGO (190 deg2; light green), the initial LIGO-Virgo localization (31 deg2; dark green), IPN triangulation from the time delay between Fermi and INTEGRAL (light
blue), and Fermi-GBM (dark blue). The inset shows the location of the apparent host galaxy NGC 4993 in the Swope optical discovery image at 10.9 hr after the
merger (top right) and the DLT40 pre-discovery image from 20.5 days prior to merger (bottom right). The reticle marks the position of the transient in both images.

958 A follow-up program established during initial LIGO-Virgo observations
(Abadie et al. 2012) was greatly expanded in preparation for Advanced LIGO-
Virgo observations. Partners have followed up binary black hole detections,
starting with GW150914 (Abbott et al. 2016a), but have discovered no firm
electromagnetic counterparts to those events.
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Figure 3. Visible (left) and near-IR (right) light curves obtained for the best fit models reported in Table 1: BF (solid), BF
c

(dashed), BF
c,✏

(dotted).

ative to the disk mass) obtained for BF
c

is significantly
above the results reported in Martin et al. (2015) for
pure neutrino-driven winds, suggesting a non-negligible
role of magnetically-driven winds, while the amount of
secular ejecta is in agreement with the results reported
in Just et al. (2015), Fernández & Metzger (2013) and
Siegel & Metzger (2017). In Figure 4, we explore the
sensitivity of our model by varying independently a sin-
gle parameters with respect to the BF

c

set. The different
panels show that the most relevant light curve features
(e.g., peak strength and time, decline behavior) are pri-
marily influenced by the total amount of emitting matter
and by the time when matter becomes transparent.

For both BF and BF
c

, the observed brightness re-
quires a heating rate larger than the heating rate pre-
dicted by theoretically nuclear mass models, even within
presently nuclear uncertainties (e.g. Rosswog et al.
2017). To explore this uncertainty, we search for the
minimum �2 imposing an additional constraint on the
nuclear heating rate, ✏

0

 1.2 ⇥ 10

19

erg g

�1

s

�1, still
compatible with nuclear mass models (Duflo & Zuker
1995). The result is reported in Table 1 as BF

c,✏ and
in Figure 3 as dotted lines. The agreement with the
observations further reduces and �2 increases by ⇠15%.
Most of the model parameters remain the same as for
BF

c

, while the reduced heating rate is compensated by
an increase in the fraction of the disk ejected as wind or
secular ejecta.

For all best-fit MKN models, the emission is produced
by a substantial amount of ejecta: m

ej

⌘ (m
ej,d+m

ej,w+

m
ej,s) = 0.0421, 0.04 M�, and 0.077M� for the BF, BF

c

and BF
c,✏, respectively. Our models favor a viewing an-

gle ⇡/12  ✓
obs

 7⇡/36, with the lower bound (more
consistent with GW170917) characterized by the pres-
ence of a smaller amount of mass ejected along the po-

lar direction. Variations of ✓
lim,d(w)

between ⇡/6 and
⇡/4 have a minor impact on our results, but more colli-
mated wind outflows are more compatible with smaller
✓
obs

. Finally, the presence of a larger nuclear heating
rate for the high-Y

e

, polar ejecta at t . t✏ increases the
light curves by half a magnitude during the first day.
Thus, this correction is potentially relevant to explain
the early behavior of the UV and visible light curves of
a MKN.

4. CONCLUSION

In this Letter, we have interpreted AT2017gfo, the EM
counterpart of GW170817, as the MKN emission pro-
duced by a multi-component and anisotropic distribu-
tion of the ejecta from a BNS merger.

The emission brightness requires a high nuclear heat-
ing rate in combination with an ejected mass in excess
of 0.04 M�. A heating rate compatible with present nu-
clear uncertainties implies an even larger mass ejection,
0.077 M�. The amount of dynamic ejecta predicted by
our models (⇠ 0.005 � 0.01 M�) is consistent (within
present uncertainties) with typical values provided by
GRHD simulations. Secular and wind ejecta play a
central role and demand the presence of a disk with
M

disk

& 0.08 M�. The formation of such disks, com-
patible with numerical results, excludes that the merger
outcome is a prompt collapse to a BH.

The presence of a BC in the MKN light curve is a
signature of fast expanding, low opacity ejecta close to
the polar region. However, reproducing its properties in
combination with the ones of the RC requires the pres-
ence of matter with an opacity lower than 10 cm

2

g

�1

and a more isotropic distribution, in addition to very
opaque ejecta expected from the equatorial dynamic
ejecta. These results indicate that weak processes are
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BNS merger produces r-process elements
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FIG. 5. Schematic picture of the ejecta profile for the case
of a soft EOS in which a black hole is formed in ⇠ 10ms
after the onset of merger. The largest anisotropic-shell com-
ponent (red color) denote the dynamical ejecta. The smaller
anisotropic-shell (red) and polar components (orange) denote
the viscous/MHD ejecta from the torus, respectively. The
“Low Ye” implies that it contains neutron-rich matter with
Ye . 0.2, which synthesizes an appreciable amount of lan-
thanide elements and contributes to enhancing the opacity
to  ⇠ 10 cm2/g. The polar component could have ejecta
of Ye = 0.3–0.4 but it is a minor component. The black
filled circle and neighbouring (yellow) ellipsoids in the cen-
tral region denote a spinning black hole and accretion torus
surrounding the black hole, respectively. Since the opacity is
entirely high for all the major ejecta components, it is di�cult
to describe the observational results (in particular early peak
time) for the electromagnetic counterparts of GW170817 by
this model.

viscosity-driven mass ejection). As described in Sec. II B,
the degree of di↵erential rotation of the remnant neutron
star decreases with time and it approaches to a rigidly
rotating state on a time scale of ⇠ 10–20ms with a rea-
sonable value of ↵

vis

(see Eq. (2.3)). During the transi-
tion of this rotating state, matter is likely to be ejected.
This mass ejection occurs in a fairly anisotropic man-
ner and the typical ejecta velocity is v̄

ej

= 0.15–0.20c,
i.e., slightly smaller than that of the dynamical ejecta.
The neutron richness of this ejecta component is mildly
high, i.e., Ye ⇡ 0.2–0.5 [61]. What is nice in this ejection
is that for the high latitude (✓ . 45�), the fraction of
neutron-rich matter is small (see Figs. 3 and 6). If the
turbulent state of the remnant massive star is su�ciently
enhanced and the resulting e↵ective viscous parameter is
su�ciently large as ↵

vis

& 0.02, the ejecta mass in this
mechanism could be > 0.01M�.

FIG. 6. Schematic picture of the ejecta profile for the case
of a sti↵ EOS in which a long-lived massive neutron star is
formed as a remnant. The largest anisotropic-shell component
(red color) denotes the neutron-rich dynamical ejecta. The
smaller anisotropic-shell component (blue color) denotes the
early viscosity-driven ejecta and long-term viscosity-driven
ejecta from the torus. The polar spheroid component (dark
blue color) denotes the viscosity-driven ejecta from the torus
influenced by neutrino irradiation from the massive neutron
star. The “Low Ye” implies that it contains neutron-rich mat-
ter with Ye . 0.2, which contributes to enhancing the opac-
ity through the nucleosynthesis of lanthanide elements. The
“Medium Ye” and “High Ye” imply that it does not contain
such neutron-rich matter because Ye & 0.25 and Ye & 0.35,
respectively. The filled (yellow) circle and neighbouring small
(orange) ellipsoids in the central region denote a massive neu-
tron star and accretion torus surrounding it. We note that the
“Low Ye” component has high average expansion velocity of
v̄
ej

⇠ 0.2c while the “Medium” and “High” components have
slower velocity, 0.1–0.2c. Note that the gravitational-wave
observation indicates that we observe the merger remnant of
GW170817 along the direction of ✓ ⇠ (20 ± 10)� from the
rotation axis.

Since the torus surrounding the central massive neu-
tron star is also di↵erentially rotating, the viscosity-
driven mass ejection from the torus occurs for a long
time scale of ⇠ 1–10 s following the early viscosity-driven
ejection. For 100ms . t . 1 s, this mass ejection pro-
ceeds primarily toward the polar direction because of the
strong neutrino heating near the remnant massive neu-
tron star (viscosity-driven mass ejection with neutrino
irradiation) [61]. The typical ejecta velocity is v̄

ej

= 0.1–
0.2c depending weakly on the value of ↵

vis

. The neutron
richness of this ejecta component is not high, Ye & 0.35,
because of the strong neutrino irradiation from the rem-
nant neutron star, and hence, the heating rate is sensi-
tive to the elemental abundance pattern, as already men-
tioned in Sec. II B.



Afterglow
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Choked Jet model Successful Jet model

Figure 4.  Radio light curves arising from quasi-spherical ejecta with a velocity gradient

compared with the 3 GHz light curve (ref. 12 and Extended Data Table 1). Two light curves

(red solid and blue dashed) show single power law models with a maximum Lorentz factor

=3.5,  and  with  a  maximum velocity  =v/c=0.8.  The  former  and  latter  approximatelyɣ β

correspond to the cocoon and dynamical ejecta, respectively. The shallow rise of the radio

data is consistent with a profile of E(> )  ( )βɣ ∝ βɣ -5 . For n~0.03 cm-3, the observed radio

flux at 93 days is produced by an ejecta component with a velocity of ~0.6c and kinetic

energy of  ~1049 erg.  For  a  lower ISM density  ~10-4 cm-3,  the radio flux at  93 days is

produced by a component with a velocity of 0.9c and energy 1050 erg. ⇥e=0.1 and p=2.2

are used for both models. Also shown as a black dotted curve is the light curve of a

cocoon model taken from ref. 14, where n=1.3x10-4 cm-3, ⇥B=0.01, ⇥e=0.1 and p=2.1 are

used.

Mooley et al. 2018; Lazzati et al. 2018; Margutti et al. 2018

• Flux ~ t0.7  
top-hat model is ruled out  
two models are proposed

slowly brightening emission requires structure

• Weak γ-rays for 
on-axis observer

• quasi-isotropic 
cocoon with 
radial structure

• strong γ-rays for 
on-axis observer

• Polar structure  
with collimated jet



• Superluminal motion  
—> collimated relativistic jet

•  Eiso  ~ 1052 erg, Θj ~ 0.05 rad  
—> consistent with canonical SGRBs
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Figure 1: Proper motion of the radio counterpart of GW170817. The centroid offset posi-

tions (shown by 1� errorbars) and 3�-12� contours of the radio source detected 75 d (black)

and 230 d (red) post-merger with Very Long Baseline Interferometry (VLBI) at 4.5 GHz. The

two VLBI epochs have image RMS noise of 5.0 µJy beam�1 and 5.6 µJy beam�1 (natural-

weighting) respectively, and the peak flux densities of GW170817 are 58 µJy beam�1 and 48 µJy

beam�1 respectively. The radio source is consistent with being unresolved at both epochs. The

shape of the synthesized beam for the images from both epochs are shown as dotted ellipses to the

lower right corner. The proper motion vector of the radio source has a magnitude of 2.7± 0.3 mas

and a position angle of 86o ± 18o, over 155 d.

βapp ~ 4

  

≤5o

15o–25o

n ≈ 10-4 – 5x10-3 cm-3

E ≈ 1049 – 1050 erg

θ
jet

θ
obs

Mosley et al. 2018
see also Ghirlanda et al. 2018

VLBI Observation



Summary of GW170817
• First NS-NS merger event seen by GWs and EMs
• Opt/UV/IR counterparts  

—> r-process element production
• Radio & X-ray afterglows 

—> consistent with SGRBs seen by off-axis observer

15

NS mergers trigger SGRBs
NS mergers produce heavy elements



Questions after GW170817
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• Estimate Neutrino Emissions including  
late-time activity and choked events

• Discuss CR production by NS mergers

• Can we detect HE neutrinos from NS mergers?
• What happens if they have late time activities?
• What is expected for Choked jet events?
• Hadronic CR production by NS mergers?



High-Energy Neutrinos 
from  

Neutron Star mergers

17

1.  High-Energy Neutrino from successful SGRBs
SSK, Murase, Meszaros, Kiuchi, 2017, ApJL, 848, L4 
(This work was done before the detection of GW170817)

2. Trans-Ejecta Neutrinos from Choked Jets
SSK, Murase, Bartos et al. 2018, PRD, 98, 043020



Neutrino emissions  
from BNS mergers

• Successful jets with late time activity  
(canonical SGRBs)
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High-Energy Neutrinos 
from  

Neutron Star mergers
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1.  High-Energy Neutrino from successful SGRBs
SSK, Murase, Meszaros, Kiuchi, 2017, ApJL, 848, L4 
(This work was done before the detection of GW170817)

2. Trans-Ejecta Neutrinos from Choked Jets
SSK, Murase, Bartos et al. 2018, PRD, 98, 043020



Multi-component One-zone model

20

Neutrino oscillation
Observer

Central 
Engine Lorentz factor  Γ

Dissipation Region @ R=Rdis

p

γ

νe

νμ

νμ

p

γ
π+

μ+

• Calculate ν fluence from each component by one-zone model
• Power-law proton injection with index 2: 

Ep2dNp/dEp ~ ξp Eγ,iso /ln(Ep,max/Ep,min)
• Proton cooling processes: synchrotron & adiabatic coolings
• μ and π also cool down by synchrotron & adiabatic coolings

SGRBs, including late-time emissions such as EE and plateau
emission, and we discuss the detectability of high-energy
neutrino events, assuming that SGRBs happen within the
design sensitivity range of current GW experiments (aLIGO/
aVIRGO/KAGRA).

2. High-energy Neutrinos from SGRBs

High-energy neutrino emission from GRBs has been studied
with detailed numerical simulations, taking into account the
multi-pion production and various cooling processes (e.g.,
Murase & Nagataki 2006a; Baerwald et al. 2011). Effects of
multi-zone have been studied in the context of prompt emission
from long GRBs, which shows highly variable light
curves (Bustamante et al. 2015). In this work, we take the
simplified approach as used in He et al. (2012), which is
sufficient for our purpose of comparing various phases of
SGRB neutrino emission. We use ei for energy of particle
species i in the fluid-rest frame and Ei in the observer frame.

The photon density in a dissipation region is described by
a broken power-law function: e e eµg g g g

a-( )dn d ,pk for
e e<g g,pk and e e eµg g g g

b-( )dn d ,pk for e e>g g,pk. The
normalization is determined by the isotropic equivalent luminosity,

p= Gg gL c r U4,iso
2

diss
2 , and ò e e e=g e

e
g g g g

g

g ( )U d dn d
m

M

,

, , respec-

tively, where eg m, (eg M, ) is the comoving minimum (maximum)
photon energy. We use e =g 0.1 eVm, and e =g 10 eVM,

6 , as in
Murase & Nagataki (2006b). The luminosity measured in the
observed energy band, *gL ,iso, depends on detectors, and gL ,iso is
several times higher than *gL ,iso.

For cosmic rays, we use a canonical power-law spectrum,
µ -dN dE Ep p p

2. The total energy of non-thermal protons is
normalized by E Ex= gp p,iso ,iso, where Eg,iso is the isotropic
equivalent photon energy and x = 10p is the cosmic-ray
loading factor (Murase & Nagataki 2006a). Note that neutrino
observations of long GRBs suggest 1x –3 300p , depending on
emission radii (Bustamante et al. 2015; Aartsen et al. 2017).
We use e= G = G( )E m c10p m p m p, ,

2 . The maximum energy is
determined by the balance between the acceleration and
cooling processes:
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The acceleration time is estimated to be e= ( )t ceBpacc , where

x= G( )B L c r2 Biso
2

diss
2 is the comoving magnetic field

strength (where xB is the energy fraction of the magnetic field
compared to the radiation energy). For the cooling processes,
we consider adiabatic cooling, synchrotron cooling, and
photomeson production. The adiabatic cooling time is similar
to the dynamical time: = G( )t r cdyn diss . The synchrotron time
for particle species i is p s e= ( )t m c m B6i i e T i,syn

4 3 2 2 , where sT

is the Thomson cross-section. The photomeson cooling rate is
evaluated by
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where g e= ( )m cp p p
2 , e � 145 MeVth is the threshold energy

for the photomeson production, eg is the photon energy in the
proton rest frame, and s gp and k gp are the cross-section and
inelasticity for photomeson production, respectively. To take
into account the energy dependences of s gp and k gp , we use the

fitting formulae based on GEANT4 (see Murase &
Nagataki 2006a).
Pions generated through the photomeson production decay

into muons and muon neutrinos. Using the meson production
efficiency, ºg gf t tp p p,cool (which always satisfies <gf 1p in
this definition5), the muon neutrino spectrum produced by pion
decay is estimated to be
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where »nmE E0.05 p and = - -p p p( )f t t1 expsup ,cool ,dec is the
suppression factor due to the cooling of pions. Here,

g t=p p pt ,dec is the decay time of pions (g e=p p p( )m c2 and
t = ´p

-2.6 10 8 s) and = +p p
- - -t t t,cool

1
,syn
1

dyn
1 is the cooling

time for pions. This cooling makes a spectral break in the

neutrino spectrum around p s t= Gn p p p( )E m c m B3 8 e T,
5 5 2 2 2 .

The muons produced by the pions decay into neutrinos and
positrons. The spectra of these neutrinos (ne and nm) are
estimated to be
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where » »n nmE E E0.05 pe and mfsup is the suppression factor
for muons. The break for neutrino spectrum by muon cooling

appears around p s t= Gn m m m( )E m c m B3 8 e T,
5 5 2 2 2 . The neu-

trino spectrum measured at the Earth is different from that at
the sources due to neutrino mixing. Using the tri-bimaximal
mixing matrix, the fluences are calculated via(e.g., Harrison
et al. 2002)
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where f p= ( ) ( )dN dE d4i i i L
0 2 is the neutrino fluence at the

source and dL is the luminosity distance.
We calculate fn from EEs (two cases), a prompt emission, a

flare, and a plateau, whose parameters are tabulated in Table 1.
The observations of SGRBs give us typical values for several
parameters (see, e.g., Nava et al. 2011; Fong et al. 2015; Lien
et al. 2016 for prompt emissions, Sakamoto et al. 2011;
Kagawa et al. 2015; Kaneko et al. 2015; Kisaka et al. 2017 for
EEs, Chincarini et al. 2010; Margutti et al. 2011 for flares, and
Evans et al. 2009; Rowlinson et al. 2013; Kisaka et al. 2017 for
plateaus), but we should note the substantial uncertainties. The
parameters that are not tabulated in the table are set to a = 0.5,
b = 2.0, x = 10p , x = 0.1B , and dL=300Mpc. This dL
corresponds to the declination-averaged design sensitivity
range of aLIGO for NS–NS mergers in face-on inclina-
tion(Schutz 2011). In Table 1, we also tabulate the resultant
physical quantities; B, gL ,iso, Eg,iso, Ep M, , n mE , , and n pE , .
Figure 1 shows fnm for the models tabulated in Table 1. We

see that EEs achieve much higher fluences than the others. The
meson production efficiency reaches almost unity at ∼10PeV
(∼10 TeV) for EE-mod (EE-opt), owing to their high photon

5 Note that g[ ]fmin 1, p should be used if the photomeson production optical
depth is given by »g gf t tp pdyn .
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Note that the temperature and radiation energy density
in the collimation jet is independent of both Liso and Γj .

In the collimation jet, np ≈ ncj and B ≈
√

8πξBaT 4,
where ξB is the ratio of the magnetic field energy density
to the radiation energy density.

We plot the timescales for the collimation shock in the
upper panel of Figure 2, and tabulate the parameters in
Table I. We do not show other relevant timescales, such
as the advection time tadv = Rh/(cΓcj) and tp,syn be-
cause they are much longer. We can see that the Bethe-
Heigler process suppresses the pion production for 0.01
TeV ! εp ! 1 TeV, while the pion production efficiency is
almost unity above εp "1 TeV. The maximum energy of
the protons εp ≃ 3.1× 102 TeV. However, the pion cool-
ings are significant for επ " 0.1 TeV due to the high den-
sity and the strong magnetic field in the collimation jet.
The critical energies at which synchrotron and hadronic
processes become important are estimated to be επ,syn ≃
0.062θ−1

j,0.3M
−1/2
ej,−2β

1/2
ej,0.33t

3/2
dur,2χ

1/2
lag,1.5ξ

−1/2
B,−1 TeV (ξB,−1 =

ξB/0.1) and εpπ ≃ 0.50θ−1
j,0.3Γj,300βj,0.33M

−1
ej,−2t

3
dur,2 TeV,

respectively. Since the Lorentz factor of the emission re-
gion is small, Γcj ∼ 3.3, we cannot expect high-energy
neutrinos of Eν > 10 TeV. This makes it difficult to
detect the high-energy neutrinos from the collimation
shocks near future.

2. Internal shocks

In the internal shocks, we expect two types of the tar-
get photons. One is the leakage photons from the col-
limation jet, and the other is the prompt photons from
the non-thermal electrons produced at the internal shock.
For the leakage photons, we assume that the escape frac-
tion is τ−1

cj ∼ Γcj/(ncjσTRcs). Then, the leakage pho-
ton density is Γj/(2Γcjτcj) times the photon density in
the collimation jet, where the factor Γj/(2Γcj) represents
the Lorentz boost. The energy of the leakage photons
is also boosted by Γj/(2Γcj). For the prompt photons,
we assume that a fraction ϵe of the thermal energy in
the downstream is converted to the non-thermal pho-
ton energy, Uγ ≈ ϵe(Γrel − 1)njmpc2, and use the bro-
ken power-law spectrum, dnγ/dεγ ∝ ε−α1

γ (ε−α2
γ ) for

εγ < εγ,pk (εγ > εγ,pk). The magnetic field at the in-
ternal shock is estimated to be B =

√
8πξBUγ .

In the bottom panel of Figure 2, we plot the inverse of
timescales for model A whose parameters are tabulated
in Table I. The photomeson production is the dominant
cooling process in the energy range of our interest, where
the contribution from the leakage photons is more impor-
tant than the prompt photons. Note that these leakage
photons have typically higher photon energy, εγ ∼ 1−10
MeV, than the prompt photons, resulting in the high
neutrino flux around 1–100 TeV range. The maximum
comoving proton energy is 30 TeV. The pions cooling is
not essential in this parameter set. The adiabatic cool-
ing is the most efficient for pions, and the critical energy

FIG. 3. The muon neutrino fluences from the internal shock
models for optimistic (model A: solid line) and conservative
(model B: dashed line) cases.

is επ,dyn ≃ 5.0tvar,−4Γj,300Γ
−2
rel,4 TeV. For low Γj case,

the hadronic cooling can be important due to their very
strong Γj dependence: εpπ ≃ 16L−1

iso,51t
2
var,−4Γ

6
j,300Γ

−4
rel,4

TeV. Since the Lorentz factor at the emission region for
the internal shock case is high, we can expect much higher
neutrino fluence at Eν > 10 TeV.

B. Neutrinos from the internal shocks

Since the collimation shock cannot produce the neu-
trinos of Eν > 10 TeV efficiently, we focus on the neu-
trino emissions from the internal shocks. For cosmic
rays at the internal shock, we consider that all the ther-
mal energy at the downstream is deposited on the non-
thermal protons. Assuming the canonical shock accel-
eration spectrum with an exponential cutoff, dN/dEp ∝
E−2

p exp(−Ep/Ep,max), the non-thermal proton spectrum
is approximated to be

E2
p
dN

dEp
≈ (Γrel − 1)Eiso

ln(Ep,max/Ep,min)
exp

(
− Ep

Ep,max

)
, (13)

where Eiso ≈ Lisotdur is the isotropic equivalent kinetic
energy, Ep,max and Ep,min are the maximum and mini-
mum energy of the non-thermal protons at the observer
frame, respectively. We use Ep,min ≈ ΓjΓrelmpc2 and
Ep,max = Γjεp,max is obtained by the balance between
the acceleration and cooling, i.e., tp,acc ≈ tp,cl.
These protons produce pions that decay to muons and

muon neutrinos. The muon neutrino spectrum by pion
decay is expressed as

E2
π−νµ

dNπ−νµ

dEπ−νµ

≈
(
1

8
fpγ +

1

6
fpp

)
fπ,supE

2
p
dNp

dEp
., (14)

where fpγ = t−1
pγ /t

−1
p,cl and fpp = t−1

pp /t
−1
p,cl are the neu-

trino production efficiency through photomeson produc-

SGRBs, including late-time emissions such as EE and plateau
emission, and we discuss the detectability of high-energy
neutrino events, assuming that SGRBs happen within the
design sensitivity range of current GW experiments (aLIGO/
aVIRGO/KAGRA).

2. High-energy Neutrinos from SGRBs

High-energy neutrino emission from GRBs has been studied
with detailed numerical simulations, taking into account the
multi-pion production and various cooling processes (e.g.,
Murase & Nagataki 2006a; Baerwald et al. 2011). Effects of
multi-zone have been studied in the context of prompt emission
from long GRBs, which shows highly variable light
curves (Bustamante et al. 2015). In this work, we take the
simplified approach as used in He et al. (2012), which is
sufficient for our purpose of comparing various phases of
SGRB neutrino emission. We use ei for energy of particle
species i in the fluid-rest frame and Ei in the observer frame.

The photon density in a dissipation region is described by
a broken power-law function: e e eµg g g g

a-( )dn d ,pk for
e e<g g,pk and e e eµg g g g

b-( )dn d ,pk for e e>g g,pk. The
normalization is determined by the isotropic equivalent luminosity,

p= Gg gL c r U4,iso
2

diss
2 , and ò e e e=g e

e
g g g g

g

g ( )U d dn d
m

M

,

, , respec-

tively, where eg m, (eg M, ) is the comoving minimum (maximum)
photon energy. We use e =g 0.1 eVm, and e =g 10 eVM,

6 , as in
Murase & Nagataki (2006b). The luminosity measured in the
observed energy band, *gL ,iso, depends on detectors, and gL ,iso is
several times higher than *gL ,iso.

For cosmic rays, we use a canonical power-law spectrum,
µ -dN dE Ep p p

2. The total energy of non-thermal protons is
normalized by E Ex= gp p,iso ,iso, where Eg,iso is the isotropic
equivalent photon energy and x = 10p is the cosmic-ray
loading factor (Murase & Nagataki 2006a). Note that neutrino
observations of long GRBs suggest 1x –3 300p , depending on
emission radii (Bustamante et al. 2015; Aartsen et al. 2017).
We use e= G = G( )E m c10p m p m p, ,

2 . The maximum energy is
determined by the balance between the acceleration and
cooling processes:
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The acceleration time is estimated to be e= ( )t ceBpacc , where

x= G( )B L c r2 Biso
2

diss
2 is the comoving magnetic field

strength (where xB is the energy fraction of the magnetic field
compared to the radiation energy). For the cooling processes,
we consider adiabatic cooling, synchrotron cooling, and
photomeson production. The adiabatic cooling time is similar
to the dynamical time: = G( )t r cdyn diss . The synchrotron time
for particle species i is p s e= ( )t m c m B6i i e T i,syn

4 3 2 2 , where sT

is the Thomson cross-section. The photomeson cooling rate is
evaluated by
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where g e= ( )m cp p p
2 , e � 145 MeVth is the threshold energy

for the photomeson production, eg is the photon energy in the
proton rest frame, and s gp and k gp are the cross-section and
inelasticity for photomeson production, respectively. To take
into account the energy dependences of s gp and k gp , we use the

fitting formulae based on GEANT4 (see Murase &
Nagataki 2006a).
Pions generated through the photomeson production decay

into muons and muon neutrinos. Using the meson production
efficiency, ºg gf t tp p p,cool (which always satisfies <gf 1p in
this definition5), the muon neutrino spectrum produced by pion
decay is estimated to be
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where »nmE E0.05 p and = - -p p p( )f t t1 expsup ,cool ,dec is the
suppression factor due to the cooling of pions. Here,

g t=p p pt ,dec is the decay time of pions (g e=p p p( )m c2 and
t = ´p

-2.6 10 8 s) and = +p p
- - -t t t,cool
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1 is the cooling

time for pions. This cooling makes a spectral break in the

neutrino spectrum around p s t= Gn p p p( )E m c m B3 8 e T,
5 5 2 2 2 .

The muons produced by the pions decay into neutrinos and
positrons. The spectra of these neutrinos (ne and nm) are
estimated to be
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where » »n nmE E E0.05 pe and mfsup is the suppression factor
for muons. The break for neutrino spectrum by muon cooling

appears around p s t= Gn m m m( )E m c m B3 8 e T,
5 5 2 2 2 . The neu-

trino spectrum measured at the Earth is different from that at
the sources due to neutrino mixing. Using the tri-bimaximal
mixing matrix, the fluences are calculated via(e.g., Harrison
et al. 2002)
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where f p= ( ) ( )dN dE d4i i i L
0 2 is the neutrino fluence at the

source and dL is the luminosity distance.
We calculate fn from EEs (two cases), a prompt emission, a

flare, and a plateau, whose parameters are tabulated in Table 1.
The observations of SGRBs give us typical values for several
parameters (see, e.g., Nava et al. 2011; Fong et al. 2015; Lien
et al. 2016 for prompt emissions, Sakamoto et al. 2011;
Kagawa et al. 2015; Kaneko et al. 2015; Kisaka et al. 2017 for
EEs, Chincarini et al. 2010; Margutti et al. 2011 for flares, and
Evans et al. 2009; Rowlinson et al. 2013; Kisaka et al. 2017 for
plateaus), but we should note the substantial uncertainties. The
parameters that are not tabulated in the table are set to a = 0.5,
b = 2.0, x = 10p , x = 0.1B , and dL=300Mpc. This dL
corresponds to the declination-averaged design sensitivity
range of aLIGO for NS–NS mergers in face-on inclina-
tion(Schutz 2011). In Table 1, we also tabulate the resultant
physical quantities; B, gL ,iso, Eg,iso, Ep M, , n mE , , and n pE , .
Figure 1 shows fnm for the models tabulated in Table 1. We

see that EEs achieve much higher fluences than the others. The
meson production efficiency reaches almost unity at ∼10PeV
(∼10 TeV) for EE-mod (EE-opt), owing to their high photon

5 Note that g[ ]fmin 1, p should be used if the photomeson production optical
depth is given by »g gf t tp pdyn .
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number density. This makes EEs more luminous than the
others. The magnetic fields are so strong that spectral breaks
due to both the muon and pion cooling supressions are seen in
Figure 1. The proton maximum energy is determined by the
photomeson production, leading to relatively lower values of
Ep M, . For the other three models, <gf 1p is satisfied and the
lower fluences are obtained. The magnetic fields are so weak
that pion cooling is not important in these models. The
maximum energy is determined by adiabatic losses for prompt
and plateau emissions, and by photomeson production for
flares.

For flares and plateaus, G ~ 10 and ~r 10diss
13 cm are also

possible(e.g., Nagakura et al. 2014; Kisaka et al. 2015), and
then they can be as bright as EEs owing to the high pion
production efficiency. Also, neutrino fluences from prompt
emission can be higher than the plateau and flares if 1G 300 is
realized.

3. Probability of Neutrino Detection

The expected number of nm-induced events is estimated to be

& ò f d=m n n n( ) ( )A E dE, , 7eff

where Aeff is the effective area. The effective areas of upgoing
+horizontal and downgoing tracks for IceCube is shown in
Aartsen et al. (2017) as a function of Eν. For upgoing

+horizontal muon neutrino events (d > - n5 ), the atmospheric
muons are shielded by the Earth. For IceCube-Gen2, we use
102 3 times larger effective areas than those of both upgoing
+horizontal and downgoing events for IceCube. The effective
area of downgoing muon neutrino events in IceCube-Gen2 may
not be simply scaled, but the simple scaling is sufficient for the
demonstrative purpose of this work. We set the threshold
energy for neutrino detection to 100GeV for IceCube and
1TeV for IceCube-Gen2.
The probability of detecting k neutrino events, pk, is

described by the Poisson distribution. The detection probability
of more than k neutrinos is represented as & . =m( )p k
- å < p1 i k i. We find that for EE-mod (G = 30), the prob-

ability for upgoing+horizontal events, & .m( )p 1 , is 0.04 and
0.16 with IceCube and IceCube-Gen2, respectively. For EE-opt
(G = 10), &m � 1.7 and 7.9 with IceCube and IceCube-Gen2,
respectively. It is possible for IceCube to detect neutrinos from
EEs, while detections with IceCube-Gen2 are more promising.
However, for dL=300 Mpc, the neutrino detection for the
prompt, flare, and plateau neutrino emissions may still be
challenging even with IceCube-Gen2, since & .m( )p 1 for
them is less than 0.01.
The neutrino fluence of GRBs is sensitive to the Lorentz

factor. To take this effect into account in a reasonable manner,
we consider the distribution of Γ to calculate the detection
probability of EEs by current and future neutrino experiments.
The Lorentz factor distribution is assumed to be lognormal:

s
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where F0 is the normalization factor (ò G G =
G

¥ ( )F d ln 1
min

), G0

is the mean Lorentz factor, and sG is the dispersion in
logarithmic space.6 Here, we introduce the minimum Lorentz
factor G » 2min , below which we assume that such a slow jet
does not exist. We calculate &m for EEs with various Γ, and we
estimate the detection probabilities ò= G GP d F pk k and
& . = - åm <( )P k P1 i k i. Note that pk is a function of Γ

and δ through fn and Aeff , respectively. We calculate Pk for
upgoing+horizontal and downgoing events separately, and we
consider a covering-factor-weighted average as the all-sky

Table 1
Used Parameters (Top Section) and Resultant Quantities (Bottom Section)

Parameters Γ *gL ,iso
-( )erg s 1 E*g,iso (erg) rdiss (cm) gE ,pk (keV) Energy Band (keV)

EE-mod 30 3×1048 1051 1014 1 0.3–10
EE-opt 10 3×1048 1051 3×1013 10 0.3–10
Prompt 103 1051 1051 3×1013 500 10–103

Flare 30 1048 3×1050 3×1014 0.3 0.3–10
Plateau 30 1047 3×1050 3×1014 0.1 0.3–10

Quantities B (G) gL ,iso (erg s−1) Eg,iso (erg) Ep M, (EeV) n mE , (EeV) n pE , (EeV)

EE-mod 2.9×103 1.2×1049 3.8×1051 21 0.020 0.28
EE-opt 5.0×104 3.4×1049 1.1×1052 6.0 3.9×10−4 5.4×10−3

Prompt 6.7×103 6.1×1051 6.1×1051 60 0.29 4.0
Flare 5.3×102 3.5×1048 1.0×1051 25 0.11 1.5
Plateau 1.8×102 3.8×1047 1.1×1051 13 0.33 4.6

Figure 1. Neutrino fluences from the EE-mod, EE-opt, prompt emission, flare,
and plateau for dL=300 Mpc.

6 Although the exact shape of G( )F is uncertain, the results of some analyses
look lognormal, rather than Gaussian (Guetta et al. 2004; Liang et al. 2010).
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Model EE Plateau Prompt Flare

Γ 10–30 30 1000 30

Rdis [cm] 1013–1014 3x1014 3x1013 3x1014

Eγ,pk 
[keV] 1—10 0.1 500 0.3

Eγiso 
[erg] 1051 3x1050 1051 3x1050

ν
ν

ν

π

μ

• Two breaks: soft photon spectrum & pion cooling
• Extended emission (EE) can produce neutrinos efficiently
• Γ ↓ or Rdis↓ —> photon density ↑ —> fluence φ↑

dL=300 Mpc



• Assume that all the NS mergers within 300 Mpc are detected by GW
• RSGRB~ 4 —10 Gpc-3 yr-3  & half of SGRBs have EE 

—> N ~ 2-5 for NS-NS (10 yr) within GW horizon (300 Mpc)
• For optimistic case, simultaneous detection with GW  

is highly probable even with IceCube
• Fore moderate case, IceCube-Gen2 is likely to detect neutrinos
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Coincident Detection Probability 
with Gravitational Waves
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operation. The estimated values of (DT are tabulated in Table 3.
We find that the simultaneous detection of gamma-rays,
neutrinos, and GWs is possible in the era of IceCube-Gen2
and aLIGO/aVirgo/KAGRA, assuming a cosmic-ray loading
factor, x ~ 10p . This will allow us to probe the physical
conditions during EEs, including the cosmic-ray loading factor
and the Lorentz factor (see Section 4).

In the near future, KM3NeT will be in operation. While
IceCube is more suitable to observe the northern sky, KM3NeT
will achieve a better sensitivity for the southern sky, helping us
improve the possibility of detections.

In reality, not only Γ but also the other parameters for EEs
(rdiss, L iso

obs, Eiso
obs, α, β, gE ,pk, xB, dL) should be distributed in

certain ranges. However, their distribution functions are quite
uncertain, and detailed discussion of the parameter depen-
dences is beyond the scope of this Letter. Systematic studies
are required to obtain more solid conclusions.

4. Summary and Discussion

We have discussed the detectability of high-energy neutrinos
from SGRBs that occur within the sensitivity range of GW
detectors. We have calculated the neutrino fluences from
SGRBs including prompt emission and late-time emissions
(EEs, flares, plateaus) and shown that EEs may be accom-
panied by more efficient production of high-energy neutrinos
than the other components. Assuming that the distribution
function of the jet Lorentz factor is lognormal, the detection
probability of high-energy neutrinos from EEs with IceCube
and IceCube-Gen2 have been estimated as a function of dL.
Using the expected distance of GW detection from face-on NS–
NS binaries (∼300Mpc), IceCube can detect neutrinos from
less than 10% of EEs in the moderate case and around half of
EEs in the optimistic case, while IceCube-Gen2 can detect
around one-fourth of EEs in the moderate case and around
more than three-fourth of EEs in the optimistic case,
respectively. With several years of operation of IceCube-
Gen2, one may expect a high probability for the quasi-
simultaneous detections of gamma-rays, neutrinos, and GWs
from X-ray bright SGRBs.

The sky position and timing information of an SGRB are
obtained from electromagnetic waves and GWs, which
allow us to reduce the atmospheric background. The intensity
of the atmospheric neutrinos above TeV is around ´6

- - - -10 erg s sr cm8 1 1 2 (e.g., Abbasi et al. 2011). Within the
angular resolution of track-like events (~ n1 ) and the time

window of EEs (∼102 s), the atmospheric neutrino fluence can
ideally be as small as ~ ´ - -2 10 erg cm9 2. Although the
localization accuracy can be much worse, e.g., ∼5°–15° for
Fermi GBM (depending on the burst duration) or a few degrees
for the GW detector network (aLIGO/VIRGO/KAGRA)
without electromagnetic wave counterparts(e.g., Schutz 2011),
the atmospheric neutrino background is still much lower than
the signal in many cases. Therefore, we can safely neglect the
atmospheric backgrounds.
In the 2030s, third-generation GW detectors, such as

Einstein Telescope (ET) and LIGO cosmic explorer (LIGO-
CE), might be realized. ET and LIGO-CE can detect NS–NS
mergers even around ~z 2 and ~z 6, respectively(Sathya-
prakash et al. 2012; Abbott et al. 2017). Next-generation MeV
gamma-ray satellites such as e-ASTROGAM and AMEGO are
also being planned, which would be able to detect SGRBs at
2z 1 with an angular resolution of less than a few degrees.

Since GW data can tell us a redshift of each event for given
cosmological parameters,7 the redshift distribution of NS–NS
mergers and SGRBs will be obtained. In the IceCube-Gen2 era,
stacking analyses are expected to be powerful. For simplicity,
we assume all of the EEs have the same parameters as in the
EE-mod or EE-opt model, except for dL=5.8 Gpc (corresp-
onding to ~z 0.9). At this typical redshift of SGRBs(Wander-
man & Piran 2015), the SGRB rate is increased to
~ - -45 Gpc yr3 1, but the atmospheric neutrinos are still
negligible partially because the signal fluxes expected in this
work typically have peak energies of >10 TeV.8 Under the
assumption that half of the SGRBs are accompanied by EEs,
we expect ∼1300 EEs per year in the northern sky. The
expected number of nm-induced upgoing tracks in IceCube-
Gen2 is & ´m

-� 4.6 10 4 and &m � 0.021 for the EE-mod
and EE-opt models, respectively. We find that the detection
probability for a three-month operation, (0.25yr, is �0.14 for
EE-mod and�0.999 for EE-opt. Two years of operation would
be enough to increase ( � 0.691yr for EE-mod. Detailed
discussion, including the effect of cosmological evolution and
parameter dependence, is left for future work. We encourage
stacking analyses specialized on not only long GRBs but also
SGRBs with longer time windows in order to constrain high-
energy neutrino emission associated with the late-time
activities.
High-energy neutrinos can serve as a powerful probe of

cosmic-ray acceleration in SGRBs and physics of SGRB jets
associated with NS–NS mergers. They can provide important
clues to an outflow associated with late-time activities, whose
mechanisms are highly uncertain. Several scenarios for late-
time activities have been proposed to explain EEs, flares, and
plateaus. For example, the fragmentation of the accretion disk
(Perna et al. 2006) and its magnetic barrier (Liu et al. 2012)
may lead to a considerable amount of baryons around the
central engine, which may result in a high baryon loading
factor. On the other hand, baryon loading factors can be very
low if the outflow is largely Poynting-dominated. This could
be realized by not only Blandford–Znajek jets from a BH
(Nakamura et al. 2014; Kisaka et al. 2015) but also a long-lived

Table 3
The Detection Probabilities within a Given Time Interval, (DT

NS–NS (D =T 10 years) IC (all) Gen2 (all)

EE-mod-dist-A 0.11–0.25 0.37–0.69
EE-mod-dist-B 0.16–0.35 0.44–0.77
EE-opt-dist-A 0.76–0.97 0.98–1.00
EE-opt-dist-B 0.65–0.93 0.93–1.00

NS–BH (D =T 5 years) IC (all) Gen2 (all)

EE-mod-dist-A 0.12–0.28 0.45–0.88
EE-mod-dist-B 0.18–0.39 0.57–0.88
EE-opt-dist-A 0.85–0.99 1.00–1.00
EE-opt-dist-B 0.77–0.97 0.99–1.00

Note. The SGRB rate is assumed to be -- - - -4 Gpc yr 10 Gpc yr3 1 3 1.

7 The GW data can give the redshift and cosmological parameters
independently of electromagnetic signals if the tidal effect is taken into
account (Messenger & Read 2012).
8 The temporal information of gamma-ray light curves is also useful to reduce
the atmospheric background(Bartos & Márka 2014). See also Bustamante
et al. (2015).
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Implications for GW170817

• The jet is off-axis —> the flux is considerably lower
• This event is in southern sky 

—> atmospheric noise is strong for lower energy 
• Extended emission is not observed from this event 

—> neutrinos from EE should not be observed
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to attenuation by the ejecta, we compare our neutrino con-
straints to neutrino emission expected for typical GRB pa-
rameters. For the prompt and extended emissions, we use the
results of Kimura et al. (2017) and compare these to our con-
straints for the relevant ±500 s time window. For extended
emission we consider source parameters corresponding to
both optimistic and moderate scenarios in Table 1 of Kimura
et al. (2017). For emission on even longer timescales, we
compare our constraints for the 14-day time window with
the relevant results of Fang & Metzger (2017), namely emis-
sion from approximately 0.3 to 3 days and from 3 to 30 days
following the merger. Predictions based on fiducial emis-
sion models and neutrino constraints are shown in Fig. 2. We
find that our limits would constrain the optimistic extended-
emission scenario for a typical GRB at ⇠ 40Mpc, viewed at
zero viewing angle.

4. CONCLUSION

We searched for high-energy neutrinos from the first bi-
nary neutron star merger detected through GWs, GW170817,
in the energy band of [⇠ 1011 eV, ⇠ 1020 eV] using the
ANTARES, IceCube, and Pierre Auger Observatories, as well
as for MeV neutrinos with IceCube. This marks an unprece-
dented joint effort of experiments sensitive to high-energy
neutrinos. We have observed no significant neutrino counter-
part within a ±500 s window, nor in the subsequent 14 days.
The three detectors complement each other in the energy
bands in which they are most sensitive (see Fig. 2).

This non-detection is consistent with our expectations from
a typical GRB observed off-axis, or with a low-luminosity
GRB. Possible gamma-ray attenuation in the ejecta from the
merger remnant could also account for the low gamma-ray
luminosity, which could mean stronger neutrino emission.
Optimistic scenarios for such on-axis gamma-attenuated
emission are constrained by the present non-detection.

While the location of this source was nearly ideal for
Auger, it was well above the horizon for IceCube and
ANTARES for prompt observations. This limited the sensitiv-
ity of the latter two detectors, particularly below ⇠ 100TeV.
For source locations near, or below the horizon, a factor of
⇠ 10 increase in fluence sensitivity to prompt emission from
an E�2 neutrino spectrum is expected.

With the discovery of a nearby binary neutron star merger,
the ongoing enhancement of detector sensitivity (Abbott
et al. 2016) and the growing network of GW detectors (Aso
et al. 2013; Iyer et al. 2011), we can expect that several binary
neutron star mergers will be observed in the near future. Not
only will this allow stacking analyses of neutrino emission,
but it will also bring about sources with favorable orientation
and direction.

The ANTARES, IceCube, and Pierre Auger Collaborations
are planning to continue the rapid search for neutrino can-

Figure 2. Upper limits (at 90% confidence level) on the neutrino
spectral fluence from GW170817 during a ±500 s window centered
on the GW trigger time (top panel), and a 14-day window follow-
ing the GW trigger (bottom panel). For each experiment, limits are
calculated separately for each energy decade, assuming a spectral
fluence F (E) = F

up

⇥ [E/GeV]�2 in that decade only. Also
shown are predictions by neutrino emission models. In the upper
plot, models from Kimura et al. (2017) for both extended emission
(EE) and prompt emission are scaled to a distance of 40 Mpc, and
shown for the case of on-axis viewing angle (0�) and selected off-
axis angles to indicate the dependence on this parameter. GW data
and the redshift of the host-galaxy constrain the viewing angle to
⇥ 2 [0�, 36�] (see Section 3). In the lower plot, models from Fang
& Metzger (2017) are scaled to a distance of 40 Mpc. All fluences
are shown as the per flavor sum of neutrino and anti-neutrino flu-
ence, assuming equal fluence in all flavors, as expected for standard
neutrino oscillation parameters.

didates from identified GW sources. A coincident neutrino,
with a typical position uncertainty of ⇠ 1 deg2 could signifi-
cantly improve the fast localization of joint events compared
to the GW-only case. In addition, the first joint GW and high-
energy neutrino discovery might thereby be known to the
wider astronomy community within minutes after the event,
opening a rich field of multimessenger astronomy with parti-
cle, electromagnetic, and gravitational waves combined.
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1.  High-Energy Neutrino from successful SGRBs
SSK, Murase, Meszaros, Kiuchi, 2017, ApJL, 848, L4 
(This work was done before the detection of GW170817)

2. Trans-Ejecta Neutrinos from Choked Jets
SSK, Murase, Bartos et al. 2018, PRD, 98, 043020



• swept-up ejecta forms cocoon surrounding the jet 
—> push the jet inward —> form collimation shocks

• Velocity fluctuations —> internal shocks 
• Jet head cannot accelerate particles due to high density
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Critical Energies
• High-photon density —> Calorimetric system
• Both shock can accelerate CRs up to a few PeV
• Collimation shock: pion synchrotron + low Γ (~3) 

Eπ,syn ~ 0.2 TeV  —> Eν < TeV 
• Internal Shock: adiabatic cooling + high Γ (~300) 

Eπ,ad ~ 1 PeV  —> Eν ~ 100 TeV
• We focus on Internal Shock neutrinos with E > TeV
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Neutrino Fluence  
from Choked Jets

• Neutrino spectrum is flat for ~1-100 TeV
• Bethe-Heitler process suppresses νs for GeV-TeV
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ergy range of our interest, where the contribution from
the leakage photons is more important than the prompt
photons. Note that these leakage photons have typically
higher photon energy, "

�

⇠ 1�10 MeV, than the prompt
photons, resulting in the high neutrino flux around 1–100
TeV range. The maximum comoving proton energy is es-
timated to be 30 TeV for model A.

The pion cooling timescales are shown in the lower
panel of the figure. The adiabatic cooling is the most
e�cient for pions, and the critical energy is

"
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Since the Lorentz factor at the emission region for the
internal shock case is high, �

j

⇠ 300, we can expect a
high neutrino fluence at E

⌫

> 10 TeV.

IV. TRANS-EJECTA NEUTRINOS FROM THE
INTERNAL SHOCKS

A. Neutrino fluences

Since the collimation shocks produce lower energy
neutrinos that are not suitable for detection by Ice-
Cube, we focus on the neutrino emissions from the in-
ternal shocks. For cosmic rays at the internal shock,
we use the approximation that a fraction ✏
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of the ther-
mal energy at the downstream is deposited on the non-
thermal protons. Assuming the canonical shock acceler-
ation spectrum with an exponential cuto↵, dN iso
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k,isotdur is the isotropic equivalent ki-

netic energy, ⇠acc is the barion loading factor, E iso
rad is

the isotropic equivalent radiation energy, E
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FIG. 5. The muon neutrino fluences from the internal shock
models for optimistic (model A: solid line) and moderate
(model B: dashed line) cases for an on-axis observer with
dL = 300 Mpc. The precursor neutrino fluence from the suc-
cessful jet (model C: dotted line) is also shown.

the balance between the acceleration and cooling, i.e.,
t
p,acc ⇡ t

p,cl. In this work, we set ✏
p

= 0.3, �rel-is = 4,
and E iso

rad ⇡ E iso
k

, which results in ⇠acc ⇠ 1. This value of
✏
p

is consistent with previous particle-in-cell (PIC) sim-
ulations (e.g. [70]). To explain ultrahigh-energy cosmic
rays (UHECRs) by long GRBs, ⇠acc & 10 is required (e.g.,
[71]). However, this value may be too optimistic for sub-
photospheric emission, and ⇠acc ⇠ 1�3 has also been used
in the literature (e.g., [36, 39, 42]). Note that we cannot
constrain ✏

p

by the observations, since the normalization
of the signals also depends on �rel-is and ✏rad.
These protons produce pions that decay to muons and

muon neutrinos. The muon neutrino spectrum by pion
decay is expressed as
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dL = 300 Mpc. The precursor neutrino fluence from the suc-
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FIG. 1. Schematic picture of the jet-cocoon system of BNS
mergers, where “p” and “γ” represent the production site of
cosmic-ray protons and target photons.

the slow-red (∼ 0.1 − 0.2c) components (see e.g., Refs
[9, 23, 66]). When the HMNS loses its angular momen-
tum through GW emission and viscosity, it collapses to
a black hole, which may lead to the launch of relativistic
jets through Blandford-Znajek mechanism [67–70]. The
velocity fluctuations of jets make the internal shocks [71],
where the high-energy neutrinos are expected to be pro-
duced [72, 73]. The jets sweep up the ejecta material
during the propagation, forming a cocoon surrounding
the jet [30, 74–78]. If the cocoon pressure is high, it
pushes the jet inward, forming a collimation shock. This
shock is also likely to produce the high-energy neutri-
nos [50]. In this study, following Ref. [50] for massive
stellar collapses, we discuss the neutrino emission from
these two sites. Note that we cannot expect particle ac-
celeration at the reverse and forward shocks of the jet
head, because the radiation constraint is satisfied there
(see Section II B). Figure 1 is the schematic picture of
this system.

A. Structures of the ejecta and the jet

We consider a jet propagating in the ejecta of mass
Mej and velocity βej. We assume a time lag between the
ejecta production and the jet launching, tlag ∼ 1 s, and a
duration of the jet production similar to that of typical
SGRBs, tdur ∼ 2 s. At the time when the jet production
stops, the ejecta radius is estimated to be

Rej = cβej(tdur + tlag) (1)

≃ 3.0× 1010βej,−0.48χlag,0.18tdur,0.3 cm,

where we use χlag = 1+ tlag/tdur and notation Qx = 10x

in appropriate unit [βej,−0.48 = βej/(0.33), χlag,0.18 =
χlag/1.5, and tdur,0.3 = tdur/(2 s)]. Since the fast-blue
component is expected to be located in the polar region,
we use βej ≃ 0.33. This component may originate from

the outflow from the HMNS, so we assume the wind-like
density profile of the ejecta:

ρej =
Mej

4πR3
ej

(

R

Rej

)−2

. (2)

The dynamical ejecta can have a steeper density pro-
file, ρej ∝ R−3, and we do not discuss it for simplicity.
We consider the propagation of the jet whose isotropic
equivalent kinetic luminosity Lk,iso, Lorentz factor Γj ,
and opening angle θj , which leads to the intrinsic jet
kinetic luminosity Lk,jet = θ2jLk,iso/2 (the one-side jet
luminosity used in e.g. Refs. [76, 77, 79] is Lk,jet/2). At
the downstream of the collimation shock, the jet moves
along the jet axis with the Lorentz factor Γcj ∼ θ−1

j ∼
3.3θ−1

j,−0.52 (θj,−0.52 = θj/0.3), which makes the shock
Lorentz factor Γrel-cs ≈ Γj/(2Γcj) ≃ 45Γj,2.48θj,−0.52

(Γj,2.48 = Γj/300). Taking into account the fact that
Rej ∝ t, the jet head position is estimated to be

Rh = 2.2× 1010L1/3
k,iso,51θ

−2/3
j,−0.52M

−1/3
ej,−2 (3)

×β1/3
ej,−0.48t

4/3
dur,0.3χ

1/3
lag,0.18 cm,

where Lk,iso,51 = Lk,iso/(1051 erg s−1), Mej,−2 =
Mej/(0.01 M⊙) and we use the fitting formula of Ref.
[79] (see also Ref [77]). This estimate of Rh is at the
time of the jet quenching, i.e., t = tdur, where t = 0 is
the time when the jet starts being launched. The colli-
mation shock forms at

Rcs = 9.9× 109L1/2
k,iso,51M

−1/2
ej,−2β

1/2
ej,−0.48t

3/2
dur,0.3χ

1/2
lag,0.18 cm,

(4)
where we use the formula in Ref. [79] again. Note that
the pressure gradient that may exist in more realistic sit-
uations leads to a collimation shock radius smaller than
the estimate above, especially if Rcs ≪ Rh [77], although
this formula is calibrated to match the results of numer-
ical simulations. In this sense, our setup could be op-
timistic, since we require that the high-energy neutrino
production occurs at radii smaller than Rcs as we see
later.
For the reference parameter set shown above, Rh < Rej

is satisfied at t = tdur. This means that the jet is choked
before it breaks out from the ejecta, resulting in a dimmer
event than the classical SGRBs. The critical luminosity
that satisfy Rh(tdur) = Rej is given as

Lk,iso,crit ≃ 2.4× 1051θ2j,−0.52Mej,−2β
2
ej,−0.48 (5)

×t−1
dur,0.3χ

2
lag,0.18 erg s−1.

For Lk,iso > Liso,crit, the jet and the cocoon break out
from the ejecta at breakout time t = tbo < tdur, resulting
in a classical SGRB with a successful jet. For t < tbo,
the situation is basically the same with the choked jet
system, where we can discuss the neutrino emission with
the same procedure (see Section V). For t > tbo, our es-
timate of Rcs is no longer valid, so we avoid discussion in
detail. Note that these estimates assume a wind-like den-
sity profile. For the cases with a steeper density profile of

dL=300 Mpc
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TABLE II. Detection probability of neutrinos by IceCube and
IceCube-Gen2

Number of detected neutrinos from single event at 40Mpc

model IceCube (up+hor) IceCube (down) Gen2 (up+hor)
A 2.0 0.16 8.7
B 0.11 7.0⇥10�3 0.46

Number of detected neutrinos from single event at 300Mpc

model IceCube (up+hor) IceCube (down) Gen2 (up+hor)
A 0.035 2.9⇥10�3 0.15
B 1.9⇥10�3 1.3⇥10�4 8.1⇥10�3

GW+neutrino detection rate [yr�1]

model IceCube (up+hor+down) Gen2 (up+hor)
A 0.38 1.2
B 0.024 0.091

change their flavor during the propagation to the Earth.
The electron neutrinos and muon neutrino fluences at the
Earth are estimated to be [e.g., 72]

�
⌫e+⌫e =

10

18
�0
⌫e+⌫e

+
4

18
(�0

⌫µ+⌫µ
+ �0

⌫⌧+⌫⌧
), (19)

�
⌫µ+⌫µ =

4

18
�0
⌫e+⌫e

+
7

18
(�0

⌫µ+⌫µ
+ �0

⌫⌧+⌫⌧
), (20)

where �0
i

= (dN iso
i

/dE
i

)/(4⇡d2
L

) is the neutrino fluence
without the oscillation and d

L

is the luminosity distance.
We set d

L

= 300 Mpc as a reference value, which is
the declination-averaged horizon distance for face-on NS-
NS merger events for the design sensitivity of the second
generation detectors [73].

The resultant muon neutrino fluences are shown in Fig-
ure 5 for optimistic (model A) and moderate (model B)
sets of parameters tabulated in Table I. These models
are di↵erent in L

k,iso and �
j

, which mainly a↵ect the
normalization of the fluence and the cuto↵ energy, re-
spectively. For model A, the neutrino spectrum has a
cuto↵ around E

⌫

⇠ 200 TeV, while for model B, the
spectrum break appears at lower energy, E

⌫

⇠ 50 TeV,
due to the lower �

j

. The pion cooling causes the cuto↵
and the spectral break. The combination of the muon
cooling and the neutrino oscillation causes a slightly soft
spectrum at 3 TeV . E

⌫

. 200 TeV for model A and at
1 TeV . E

⌫

. 50 TeV for model B.

B. Detection rates

These neutrinos can be detected by IceCube or
IceCube-Gen2 as ⌫

µ

-induced track events, whose ex-
pected event number is estimated to be

N
µ

=

Z
�
⌫

Ae↵(�, E
⌫

)dE
⌫

, (21)

where Ae↵ is the e↵ective area. IceCube and IceCube-
Gen2 can also detect ⌫

e

s and ⌫
⌧

s as shower events (or

cascade events). The angular resolution of shower events
is much worse than that of track events. Also, the e↵ec-
tive area for the shower events is smaller than the upgoing
track events. Thus, we focus on the detectability of ⌫

µ

-
induced track events, although the shower events may be
important for the merger events in the southern sky.
We use the e↵ective area shown in Ref. [74] for Ice-

Cube. For IceCube-Gen2, the e↵ective volume can be 10
times larger than that of IceCube [75]. Hence, we use
102/3 times larger Ae↵ than that for IceCube, although
it depends on the specific configurations. The thresh-
old energy for the neutrino detection is set to 0.1TeV
for IceCube and 1 TeV for IceCube-Gen2. The down-
going events su↵er from the atmospheric background.
Although the downgoing events can be used to discuss
the detectability with IceCube, Ae↵ for the downgoing
events with IceCube-Gen2 is quite uncertain. Thus, we
focus on the upgoing+horizontal events that have decli-
nation � > �5� for IceCube-Gen2. KM3NeT will observe
the events in the southern sky [76], which will help make
coincident detections in the near future. Note that the
atmospheric neutrinos are negligible owing to the short
duration of tdur ⇠ 2 s.
We calculate the expected number of detected neutri-

nos for models A and B for a single event located at
40Mpc, which are tabulated in the upper part of Table
II. IceCube is likely to detect a coincident neutrino signal
for our model A if the source is located on the northern
sky (� > �5�). For our model B, detection for a source
in the northern sky is also possible, but not guaranteed.
For IceCube-Gen2, detection is probable for the northern
sky events. If we put the source at 300 Mpc, neutrino
detection from a single event is unlikely with IceCube,
while it is possible with IceCube-Gen2 if the optimistic
event (model A) occurs at the northern sky.
We now calculate the joint GW+neutrino detection

rate for a population of sources, which we assume to be
uniformly distributed in the local universe. Using the
neutron star merger rate obtained by LIGO, R ⇠ 1.5 ⇥
103 Gpc�3 yr�1 [1], around 170 merger events happen
within 300Mpc every year. The fraction of on-axis events
is f

b

⇠ 0.045✓2
j,�0.52, leading to an on-axis merger rate

R0 '4.1 yr�1 within the upgoing+horizontal coverage
area.

Supposing that all merger events have the same neu-
trino luminosity, and assuming that all binary neutron
star mergers within 300Mpc are detected by GW owing
to amplification of GW emission to the face-on direc-
tion, we estimate the joint GW+neutrino detection rate
for IceCube and IceCube-Gen2. The resultant values are
tabulated in the lower part of Table II. For model A,
neutrino detection is highly probable already after a few
years of operation even with IceCube. For model B, it
is not easy to make a coincident detection with IceCube,
while the detection is probable with IceCube-Gen2 for
several years of operation. Note that we do not consider
downgoing events with IceCube-Gen2 to avoid the uncer-
tainty of its e↵ective area.

• At 40 Mpc, detection is possible even with IceCube  
—> neutrino obs. can put a limit on physical quantities

• At 300 Mpc, detection is challenging even with Gen2  
—> stacking technic is important
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FIG. 1. Schematic picture of the jet-cocoon system of BNS
mergers, where “p” and “γ” represent the production site of
cosmic-ray protons and target photons.

the slow-red (∼ 0.1 − 0.2c) components (see e.g., Refs
[9, 23, 66]). When the HMNS loses its angular momen-
tum through GW emission and viscosity, it collapses to
a black hole, which may lead to the launch of relativistic
jets through Blandford-Znajek mechanism [67–70]. The
velocity fluctuations of jets make the internal shocks [71],
where the high-energy neutrinos are expected to be pro-
duced [72, 73]. The jets sweep up the ejecta material
during the propagation, forming a cocoon surrounding
the jet [30, 74–78]. If the cocoon pressure is high, it
pushes the jet inward, forming a collimation shock. This
shock is also likely to produce the high-energy neutri-
nos [50]. In this study, following Ref. [50] for massive
stellar collapses, we discuss the neutrino emission from
these two sites. Note that we cannot expect particle ac-
celeration at the reverse and forward shocks of the jet
head, because the radiation constraint is satisfied there
(see Section II B). Figure 1 is the schematic picture of
this system.

A. Structures of the ejecta and the jet

We consider a jet propagating in the ejecta of mass
Mej and velocity βej. We assume a time lag between the
ejecta production and the jet launching, tlag ∼ 1 s, and a
duration of the jet production similar to that of typical
SGRBs, tdur ∼ 2 s. At the time when the jet production
stops, the ejecta radius is estimated to be

Rej = cβej(tdur + tlag) (1)

≃ 3.0× 1010βej,−0.48χlag,0.18tdur,0.3 cm,

where we use χlag = 1+ tlag/tdur and notation Qx = 10x

in appropriate unit [βej,−0.48 = βej/(0.33), χlag,0.18 =
χlag/1.5, and tdur,0.3 = tdur/(2 s)]. Since the fast-blue
component is expected to be located in the polar region,
we use βej ≃ 0.33. This component may originate from

the outflow from the HMNS, so we assume the wind-like
density profile of the ejecta:

ρej =
Mej

4πR3
ej

(

R

Rej

)−2

. (2)

The dynamical ejecta can have a steeper density pro-
file, ρej ∝ R−3, and we do not discuss it for simplicity.
We consider the propagation of the jet whose isotropic
equivalent kinetic luminosity Lk,iso, Lorentz factor Γj ,
and opening angle θj , which leads to the intrinsic jet
kinetic luminosity Lk,jet = θ2jLk,iso/2 (the one-side jet
luminosity used in e.g. Refs. [76, 77, 79] is Lk,jet/2). At
the downstream of the collimation shock, the jet moves
along the jet axis with the Lorentz factor Γcj ∼ θ−1

j ∼
3.3θ−1

j,−0.52 (θj,−0.52 = θj/0.3), which makes the shock
Lorentz factor Γrel-cs ≈ Γj/(2Γcj) ≃ 45Γj,2.48θj,−0.52

(Γj,2.48 = Γj/300). Taking into account the fact that
Rej ∝ t, the jet head position is estimated to be

Rh = 2.2× 1010L1/3
k,iso,51θ

−2/3
j,−0.52M

−1/3
ej,−2 (3)

×β1/3
ej,−0.48t

4/3
dur,0.3χ

1/3
lag,0.18 cm,

where Lk,iso,51 = Lk,iso/(1051 erg s−1), Mej,−2 =
Mej/(0.01 M⊙) and we use the fitting formula of Ref.
[79] (see also Ref [77]). This estimate of Rh is at the
time of the jet quenching, i.e., t = tdur, where t = 0 is
the time when the jet starts being launched. The colli-
mation shock forms at

Rcs = 9.9× 109L1/2
k,iso,51M

−1/2
ej,−2β

1/2
ej,−0.48t

3/2
dur,0.3χ

1/2
lag,0.18 cm,

(4)
where we use the formula in Ref. [79] again. Note that
the pressure gradient that may exist in more realistic sit-
uations leads to a collimation shock radius smaller than
the estimate above, especially if Rcs ≪ Rh [77], although
this formula is calibrated to match the results of numer-
ical simulations. In this sense, our setup could be op-
timistic, since we require that the high-energy neutrino
production occurs at radii smaller than Rcs as we see
later.
For the reference parameter set shown above, Rh < Rej

is satisfied at t = tdur. This means that the jet is choked
before it breaks out from the ejecta, resulting in a dimmer
event than the classical SGRBs. The critical luminosity
that satisfy Rh(tdur) = Rej is given as

Lk,iso,crit ≃ 2.4× 1051θ2j,−0.52Mej,−2β
2
ej,−0.48 (5)

×t−1
dur,0.3χ

2
lag,0.18 erg s−1.

For Lk,iso > Liso,crit, the jet and the cocoon break out
from the ejecta at breakout time t = tbo < tdur, resulting
in a classical SGRB with a successful jet. For t < tbo,
the situation is basically the same with the choked jet
system, where we can discuss the neutrino emission with
the same procedure (see Section V). For t > tbo, our es-
timate of Rcs is no longer valid, so we avoid discussion in
detail. Note that these estimates assume a wind-like den-
sity profile. For the cases with a steeper density profile of
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TABLE II. Detection probability of neutrinos by IceCube and
IceCube-Gen2

Number of detected neutrinos from single event at 40Mpc

model IceCube (up+hor) IceCube (down) Gen2 (up+hor)
A 2.0 0.16 8.7
B 0.11 7.0⇥10�3 0.46

Number of detected neutrinos from single event at 300Mpc

model IceCube (up+hor) IceCube (down) Gen2 (up+hor)
A 0.035 2.9⇥10�3 0.15
B 1.9⇥10�3 1.3⇥10�4 8.1⇥10�3

GW+neutrino detection rate [yr�1]

model IceCube (up+hor+down) Gen2 (up+hor)
A 0.38 1.2
B 0.024 0.091

change their flavor during the propagation to the Earth.
The electron neutrinos and muon neutrino fluences at the
Earth are estimated to be [e.g., 72]

�
⌫e+⌫e =

10

18
�0
⌫e+⌫e

+
4

18
(�0

⌫µ+⌫µ
+ �0

⌫⌧+⌫⌧
), (19)

�
⌫µ+⌫µ =

4

18
�0
⌫e+⌫e

+
7

18
(�0

⌫µ+⌫µ
+ �0

⌫⌧+⌫⌧
), (20)

where �0
i

= (dN iso
i

/dE
i

)/(4⇡d2
L

) is the neutrino fluence
without the oscillation and d

L

is the luminosity distance.
We set d

L

= 300 Mpc as a reference value, which is
the declination-averaged horizon distance for face-on NS-
NS merger events for the design sensitivity of the second
generation detectors [73].

The resultant muon neutrino fluences are shown in Fig-
ure 5 for optimistic (model A) and moderate (model B)
sets of parameters tabulated in Table I. These models
are di↵erent in L

k,iso and �
j

, which mainly a↵ect the
normalization of the fluence and the cuto↵ energy, re-
spectively. For model A, the neutrino spectrum has a
cuto↵ around E

⌫

⇠ 200 TeV, while for model B, the
spectrum break appears at lower energy, E

⌫

⇠ 50 TeV,
due to the lower �

j

. The pion cooling causes the cuto↵
and the spectral break. The combination of the muon
cooling and the neutrino oscillation causes a slightly soft
spectrum at 3 TeV . E

⌫

. 200 TeV for model A and at
1 TeV . E

⌫

. 50 TeV for model B.

B. Detection rates

These neutrinos can be detected by IceCube or
IceCube-Gen2 as ⌫

µ

-induced track events, whose ex-
pected event number is estimated to be

N
µ

=

Z
�
⌫

Ae↵(�, E
⌫

)dE
⌫

, (21)

where Ae↵ is the e↵ective area. IceCube and IceCube-
Gen2 can also detect ⌫

e

s and ⌫
⌧

s as shower events (or

cascade events). The angular resolution of shower events
is much worse than that of track events. Also, the e↵ec-
tive area for the shower events is smaller than the upgoing
track events. Thus, we focus on the detectability of ⌫

µ

-
induced track events, although the shower events may be
important for the merger events in the southern sky.
We use the e↵ective area shown in Ref. [74] for Ice-

Cube. For IceCube-Gen2, the e↵ective volume can be 10
times larger than that of IceCube [75]. Hence, we use
102/3 times larger Ae↵ than that for IceCube, although
it depends on the specific configurations. The thresh-
old energy for the neutrino detection is set to 0.1TeV
for IceCube and 1 TeV for IceCube-Gen2. The down-
going events su↵er from the atmospheric background.
Although the downgoing events can be used to discuss
the detectability with IceCube, Ae↵ for the downgoing
events with IceCube-Gen2 is quite uncertain. Thus, we
focus on the upgoing+horizontal events that have decli-
nation � > �5� for IceCube-Gen2. KM3NeT will observe
the events in the southern sky [76], which will help make
coincident detections in the near future. Note that the
atmospheric neutrinos are negligible owing to the short
duration of tdur ⇠ 2 s.
We calculate the expected number of detected neutri-

nos for models A and B for a single event located at
40Mpc, which are tabulated in the upper part of Table
II. IceCube is likely to detect a coincident neutrino signal
for our model A if the source is located on the northern
sky (� > �5�). For our model B, detection for a source
in the northern sky is also possible, but not guaranteed.
For IceCube-Gen2, detection is probable for the northern
sky events. If we put the source at 300 Mpc, neutrino
detection from a single event is unlikely with IceCube,
while it is possible with IceCube-Gen2 if the optimistic
event (model A) occurs at the northern sky.
We now calculate the joint GW+neutrino detection

rate for a population of sources, which we assume to be
uniformly distributed in the local universe. Using the
neutron star merger rate obtained by LIGO, R ⇠ 1.5 ⇥
103 Gpc�3 yr�1 [1], around 170 merger events happen
within 300Mpc every year. The fraction of on-axis events
is f

b

⇠ 0.045✓2
j,�0.52, leading to an on-axis merger rate

R0 '4.1 yr�1 within the upgoing+horizontal coverage
area.

Supposing that all merger events have the same neu-
trino luminosity, and assuming that all binary neutron
star mergers within 300Mpc are detected by GW owing
to amplification of GW emission to the face-on direc-
tion, we estimate the joint GW+neutrino detection rate
for IceCube and IceCube-Gen2. The resultant values are
tabulated in the lower part of Table II. For model A,
neutrino detection is highly probable already after a few
years of operation even with IceCube. For model B, it
is not easy to make a coincident detection with IceCube,
while the detection is probable with IceCube-Gen2 for
several years of operation. Note that we do not consider
downgoing events with IceCube-Gen2 to avoid the uncer-
tainty of its e↵ective area.
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FIG. 1. Schematic picture of the jet-cocoon system of BNS
mergers, where “p” and “γ” represent the production site of
cosmic-ray protons and target photons.

the slow-red (∼ 0.1 − 0.2c) components (see e.g., Refs
[9, 23, 66]). When the HMNS loses its angular momen-
tum through GW emission and viscosity, it collapses to
a black hole, which may lead to the launch of relativistic
jets through Blandford-Znajek mechanism [67–70]. The
velocity fluctuations of jets make the internal shocks [71],
where the high-energy neutrinos are expected to be pro-
duced [72, 73]. The jets sweep up the ejecta material
during the propagation, forming a cocoon surrounding
the jet [30, 74–78]. If the cocoon pressure is high, it
pushes the jet inward, forming a collimation shock. This
shock is also likely to produce the high-energy neutri-
nos [50]. In this study, following Ref. [50] for massive
stellar collapses, we discuss the neutrino emission from
these two sites. Note that we cannot expect particle ac-
celeration at the reverse and forward shocks of the jet
head, because the radiation constraint is satisfied there
(see Section II B). Figure 1 is the schematic picture of
this system.

A. Structures of the ejecta and the jet

We consider a jet propagating in the ejecta of mass
Mej and velocity βej. We assume a time lag between the
ejecta production and the jet launching, tlag ∼ 1 s, and a
duration of the jet production similar to that of typical
SGRBs, tdur ∼ 2 s. At the time when the jet production
stops, the ejecta radius is estimated to be

Rej = cβej(tdur + tlag) (1)

≃ 3.0× 1010βej,−0.48χlag,0.18tdur,0.3 cm,

where we use χlag = 1+ tlag/tdur and notation Qx = 10x

in appropriate unit [βej,−0.48 = βej/(0.33), χlag,0.18 =
χlag/1.5, and tdur,0.3 = tdur/(2 s)]. Since the fast-blue
component is expected to be located in the polar region,
we use βej ≃ 0.33. This component may originate from

the outflow from the HMNS, so we assume the wind-like
density profile of the ejecta:

ρej =
Mej

4πR3
ej

(

R

Rej

)−2

. (2)

The dynamical ejecta can have a steeper density pro-
file, ρej ∝ R−3, and we do not discuss it for simplicity.
We consider the propagation of the jet whose isotropic
equivalent kinetic luminosity Lk,iso, Lorentz factor Γj ,
and opening angle θj , which leads to the intrinsic jet
kinetic luminosity Lk,jet = θ2jLk,iso/2 (the one-side jet
luminosity used in e.g. Refs. [76, 77, 79] is Lk,jet/2). At
the downstream of the collimation shock, the jet moves
along the jet axis with the Lorentz factor Γcj ∼ θ−1

j ∼
3.3θ−1

j,−0.52 (θj,−0.52 = θj/0.3), which makes the shock
Lorentz factor Γrel-cs ≈ Γj/(2Γcj) ≃ 45Γj,2.48θj,−0.52

(Γj,2.48 = Γj/300). Taking into account the fact that
Rej ∝ t, the jet head position is estimated to be

Rh = 2.2× 1010L1/3
k,iso,51θ

−2/3
j,−0.52M

−1/3
ej,−2 (3)

×β1/3
ej,−0.48t

4/3
dur,0.3χ

1/3
lag,0.18 cm,

where Lk,iso,51 = Lk,iso/(1051 erg s−1), Mej,−2 =
Mej/(0.01 M⊙) and we use the fitting formula of Ref.
[79] (see also Ref [77]). This estimate of Rh is at the
time of the jet quenching, i.e., t = tdur, where t = 0 is
the time when the jet starts being launched. The colli-
mation shock forms at

Rcs = 9.9× 109L1/2
k,iso,51M

−1/2
ej,−2β

1/2
ej,−0.48t

3/2
dur,0.3χ

1/2
lag,0.18 cm,

(4)
where we use the formula in Ref. [79] again. Note that
the pressure gradient that may exist in more realistic sit-
uations leads to a collimation shock radius smaller than
the estimate above, especially if Rcs ≪ Rh [77], although
this formula is calibrated to match the results of numer-
ical simulations. In this sense, our setup could be op-
timistic, since we require that the high-energy neutrino
production occurs at radii smaller than Rcs as we see
later.
For the reference parameter set shown above, Rh < Rej

is satisfied at t = tdur. This means that the jet is choked
before it breaks out from the ejecta, resulting in a dimmer
event than the classical SGRBs. The critical luminosity
that satisfy Rh(tdur) = Rej is given as

Lk,iso,crit ≃ 2.4× 1051θ2j,−0.52Mej,−2β
2
ej,−0.48 (5)

×t−1
dur,0.3χ

2
lag,0.18 erg s−1.

For Lk,iso > Liso,crit, the jet and the cocoon break out
from the ejecta at breakout time t = tbo < tdur, resulting
in a classical SGRB with a successful jet. For t < tbo,
the situation is basically the same with the choked jet
system, where we can discuss the neutrino emission with
the same procedure (see Section V). For t > tbo, our es-
timate of Rcs is no longer valid, so we avoid discussion in
detail. Note that these estimates assume a wind-like den-
sity profile. For the cases with a steeper density profile of
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• Beaming factor: fb~ 0.045  
—> on axis event rate: Ron~ 4 yr-1  (d < 300 Mpc)

• IceCube can detect neutrinos with a few years of 
operation with the optimistic model

• Gen2 can detect a coincident neutrino with  
10-year operation even for the moderate model
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TABLE II. Detection probability of neutrinos by IceCube and
IceCube-Gen2

Number of detected neutrinos from single event at 40Mpc

model IceCube (up+hor) IceCube (down) Gen2 (up+hor)
A 2.0 0.16 8.7
B 0.11 7.0⇥10�3 0.46

Number of detected neutrinos from single event at 300Mpc

model IceCube (up+hor) IceCube (down) Gen2 (up+hor)
A 0.035 2.9⇥10�3 0.15
B 1.9⇥10�3 1.3⇥10�4 8.1⇥10�3

GW+neutrino detection rate [yr�1]

model IceCube (up+hor+down) Gen2 (up+hor)
A 0.38 1.2
B 0.024 0.091

change their flavor during the propagation to the Earth.
The electron neutrinos and muon neutrino fluences at the
Earth are estimated to be [e.g., 72]

�
⌫e+⌫e =

10

18
�0
⌫e+⌫e

+
4

18
(�0

⌫µ+⌫µ
+ �0

⌫⌧+⌫⌧
), (19)

�
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4

18
�0
⌫e+⌫e

+
7

18
(�0

⌫µ+⌫µ
+ �0

⌫⌧+⌫⌧
), (20)

where �0
i

= (dN iso
i

/dE
i

)/(4⇡d2
L

) is the neutrino fluence
without the oscillation and d

L

is the luminosity distance.
We set d

L

= 300 Mpc as a reference value, which is
the declination-averaged horizon distance for face-on NS-
NS merger events for the design sensitivity of the second
generation detectors [73].

The resultant muon neutrino fluences are shown in Fig-
ure 5 for optimistic (model A) and moderate (model B)
sets of parameters tabulated in Table I. These models
are di↵erent in L

k,iso and �
j

, which mainly a↵ect the
normalization of the fluence and the cuto↵ energy, re-
spectively. For model A, the neutrino spectrum has a
cuto↵ around E

⌫

⇠ 200 TeV, while for model B, the
spectrum break appears at lower energy, E

⌫

⇠ 50 TeV,
due to the lower �

j

. The pion cooling causes the cuto↵
and the spectral break. The combination of the muon
cooling and the neutrino oscillation causes a slightly soft
spectrum at 3 TeV . E

⌫

. 200 TeV for model A and at
1 TeV . E

⌫

. 50 TeV for model B.

B. Detection rates

These neutrinos can be detected by IceCube or
IceCube-Gen2 as ⌫

µ

-induced track events, whose ex-
pected event number is estimated to be

N
µ

=

Z
�
⌫

Ae↵(�, E
⌫

)dE
⌫

, (21)

where Ae↵ is the e↵ective area. IceCube and IceCube-
Gen2 can also detect ⌫

e

s and ⌫
⌧

s as shower events (or

cascade events). The angular resolution of shower events
is much worse than that of track events. Also, the e↵ec-
tive area for the shower events is smaller than the upgoing
track events. Thus, we focus on the detectability of ⌫

µ

-
induced track events, although the shower events may be
important for the merger events in the southern sky.
We use the e↵ective area shown in Ref. [74] for Ice-

Cube. For IceCube-Gen2, the e↵ective volume can be 10
times larger than that of IceCube [75]. Hence, we use
102/3 times larger Ae↵ than that for IceCube, although
it depends on the specific configurations. The thresh-
old energy for the neutrino detection is set to 0.1TeV
for IceCube and 1 TeV for IceCube-Gen2. The down-
going events su↵er from the atmospheric background.
Although the downgoing events can be used to discuss
the detectability with IceCube, Ae↵ for the downgoing
events with IceCube-Gen2 is quite uncertain. Thus, we
focus on the upgoing+horizontal events that have decli-
nation � > �5� for IceCube-Gen2. KM3NeT will observe
the events in the southern sky [76], which will help make
coincident detections in the near future. Note that the
atmospheric neutrinos are negligible owing to the short
duration of tdur ⇠ 2 s.
We calculate the expected number of detected neutri-

nos for models A and B for a single event located at
40Mpc, which are tabulated in the upper part of Table
II. IceCube is likely to detect a coincident neutrino signal
for our model A if the source is located on the northern
sky (� > �5�). For our model B, detection for a source
in the northern sky is also possible, but not guaranteed.
For IceCube-Gen2, detection is probable for the northern
sky events. If we put the source at 300 Mpc, neutrino
detection from a single event is unlikely with IceCube,
while it is possible with IceCube-Gen2 if the optimistic
event (model A) occurs at the northern sky.
We now calculate the joint GW+neutrino detection

rate for a population of sources, which we assume to be
uniformly distributed in the local universe. Using the
neutron star merger rate obtained by LIGO, R ⇠ 1.5 ⇥
103 Gpc�3 yr�1 [1], around 170 merger events happen
within 300Mpc every year. The fraction of on-axis events
is f

b

⇠ 0.045✓2
j,�0.52, leading to an on-axis merger rate

R0 '4.1 yr�1 within the upgoing+horizontal coverage
area.

Supposing that all merger events have the same neu-
trino luminosity, and assuming that all binary neutron
star mergers within 300Mpc are detected by GW owing
to amplification of GW emission to the face-on direc-
tion, we estimate the joint GW+neutrino detection rate
for IceCube and IceCube-Gen2. The resultant values are
tabulated in the lower part of Table II. For model A,
neutrino detection is highly probable already after a few
years of operation even with IceCube. For model B, it
is not easy to make a coincident detection with IceCube,
while the detection is probable with IceCube-Gen2 for
several years of operation. Note that we do not consider
downgoing events with IceCube-Gen2 to avoid the uncer-
tainty of its e↵ective area.

2

ejecta

Cocoon

Collimated 
jet

collimation 
shock

Internal 
shock

! !

"

"

1010 cm

Jet Head

FIG. 1. Schematic picture of the jet-cocoon system of BNS
mergers, where “p” and “γ” represent the production site of
cosmic-ray protons and target photons.

the slow-red (∼ 0.1 − 0.2c) components (see e.g., Refs
[9, 23, 66]). When the HMNS loses its angular momen-
tum through GW emission and viscosity, it collapses to
a black hole, which may lead to the launch of relativistic
jets through Blandford-Znajek mechanism [67–70]. The
velocity fluctuations of jets make the internal shocks [71],
where the high-energy neutrinos are expected to be pro-
duced [72, 73]. The jets sweep up the ejecta material
during the propagation, forming a cocoon surrounding
the jet [30, 74–78]. If the cocoon pressure is high, it
pushes the jet inward, forming a collimation shock. This
shock is also likely to produce the high-energy neutri-
nos [50]. In this study, following Ref. [50] for massive
stellar collapses, we discuss the neutrino emission from
these two sites. Note that we cannot expect particle ac-
celeration at the reverse and forward shocks of the jet
head, because the radiation constraint is satisfied there
(see Section II B). Figure 1 is the schematic picture of
this system.

A. Structures of the ejecta and the jet

We consider a jet propagating in the ejecta of mass
Mej and velocity βej. We assume a time lag between the
ejecta production and the jet launching, tlag ∼ 1 s, and a
duration of the jet production similar to that of typical
SGRBs, tdur ∼ 2 s. At the time when the jet production
stops, the ejecta radius is estimated to be

Rej = cβej(tdur + tlag) (1)

≃ 3.0× 1010βej,−0.48χlag,0.18tdur,0.3 cm,

where we use χlag = 1+ tlag/tdur and notation Qx = 10x

in appropriate unit [βej,−0.48 = βej/(0.33), χlag,0.18 =
χlag/1.5, and tdur,0.3 = tdur/(2 s)]. Since the fast-blue
component is expected to be located in the polar region,
we use βej ≃ 0.33. This component may originate from

the outflow from the HMNS, so we assume the wind-like
density profile of the ejecta:

ρej =
Mej

4πR3
ej

(

R

Rej

)−2

. (2)

The dynamical ejecta can have a steeper density pro-
file, ρej ∝ R−3, and we do not discuss it for simplicity.
We consider the propagation of the jet whose isotropic
equivalent kinetic luminosity Lk,iso, Lorentz factor Γj ,
and opening angle θj , which leads to the intrinsic jet
kinetic luminosity Lk,jet = θ2jLk,iso/2 (the one-side jet
luminosity used in e.g. Refs. [76, 77, 79] is Lk,jet/2). At
the downstream of the collimation shock, the jet moves
along the jet axis with the Lorentz factor Γcj ∼ θ−1

j ∼
3.3θ−1

j,−0.52 (θj,−0.52 = θj/0.3), which makes the shock
Lorentz factor Γrel-cs ≈ Γj/(2Γcj) ≃ 45Γj,2.48θj,−0.52

(Γj,2.48 = Γj/300). Taking into account the fact that
Rej ∝ t, the jet head position is estimated to be

Rh = 2.2× 1010L1/3
k,iso,51θ

−2/3
j,−0.52M

−1/3
ej,−2 (3)

×β1/3
ej,−0.48t

4/3
dur,0.3χ

1/3
lag,0.18 cm,

where Lk,iso,51 = Lk,iso/(1051 erg s−1), Mej,−2 =
Mej/(0.01 M⊙) and we use the fitting formula of Ref.
[79] (see also Ref [77]). This estimate of Rh is at the
time of the jet quenching, i.e., t = tdur, where t = 0 is
the time when the jet starts being launched. The colli-
mation shock forms at

Rcs = 9.9× 109L1/2
k,iso,51M

−1/2
ej,−2β

1/2
ej,−0.48t

3/2
dur,0.3χ

1/2
lag,0.18 cm,

(4)
where we use the formula in Ref. [79] again. Note that
the pressure gradient that may exist in more realistic sit-
uations leads to a collimation shock radius smaller than
the estimate above, especially if Rcs ≪ Rh [77], although
this formula is calibrated to match the results of numer-
ical simulations. In this sense, our setup could be op-
timistic, since we require that the high-energy neutrino
production occurs at radii smaller than Rcs as we see
later.
For the reference parameter set shown above, Rh < Rej

is satisfied at t = tdur. This means that the jet is choked
before it breaks out from the ejecta, resulting in a dimmer
event than the classical SGRBs. The critical luminosity
that satisfy Rh(tdur) = Rej is given as

Lk,iso,crit ≃ 2.4× 1051θ2j,−0.52Mej,−2β
2
ej,−0.48 (5)

×t−1
dur,0.3χ

2
lag,0.18 erg s−1.

For Lk,iso > Liso,crit, the jet and the cocoon break out
from the ejecta at breakout time t = tbo < tdur, resulting
in a classical SGRB with a successful jet. For t < tbo,
the situation is basically the same with the choked jet
system, where we can discuss the neutrino emission with
the same procedure (see Section V). For t > tbo, our es-
timate of Rcs is no longer valid, so we avoid discussion in
detail. Note that these estimates assume a wind-like den-
sity profile. For the cases with a steeper density profile of
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GW170817
• Merger rate: R~1500 Gpc-3 yr-1   

• Beaming factor: fb~ 0.045  
—> on axis event rate    Ron~ 4 yr-1  

• IceCube can detect neutrinos with a few years of 
operation with the optimistic model

• Gen2 can detect a coincident neutrino with  
10-year operation even for the moderate model

(Optimistic)
(Moderate)

Choked system  
—> faint prompt γ-rays  

—> multi-messenger with ν & GW
without EM counterpart



CR production at  
NS Merger Remnants
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NS Merger Remnants 
(NSMRs)

• Interaction between NS merger ejecta and ISM 
 —> forward shock produces CRs analogous to SNRs

• NS mergers produce faster ejecta (~0.3c) than SNRs (~0.03c) 
—> Between “knee” and “ankle”

• NS merger rate: R~1500 Gpc-3 yr-1  
—> CR production rate in the Galaxy: ~ 1% of SNR  
—> enough to explain CRs above “knee”
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Figure 1. Rest-mass density profiles on the meridional plane for the NS–NS (SLy, Mtot = 2.7M⊙,Q = 1.0) (left) and BH–NS (H4, Q = 3, χ = 0.75) (right) models
at 8.8 ms after the onset of the merger. The red arrows show the velocity profiles of the ejecta.
(A color version of this figure is available in the online journal.)

simulation using SACRA code (Yamamoto et al. 2008). We
follow the dynamical ejecta with the numerical-relativity simu-
lation until the head of the ejecta reaches ≃1000 km (see Ho-
tokezaka et al. 2013 and Kyutoku et al. 2013 for details). After
that, the density and velocity structures of the ejecta are mod-
eled assuming homologous expansion (Rosswog et al. 2013a).
For the simulations, we employ a piecewise polytropic EOS with
which the cold EOSs of neutron-star matter are well fitted (Read
et al. 2009). For systematic studies of the dependence of mass
ejection on the cold EOSs of neutron-star matter, we consider
five cold EOSs: APR4 (Akmal et al. 1998) and SLy (Douchin &
Haensel 2001) as soft EOSs, ALF2 (Alford et al. 2005) as a mod-
erate EOS, and H4 (Glendenning & Moszkowski 1991; Lackey
et al. 2006) and MS1 (Müller & Serot 1996) as stiff EOSs.7
To take into account the effects of shock heating, we add the
thermal pressure as a Γ-law ideal gas EOS. The ejecta masses
obtained with this approximation of thermal effects agree with
those obtained with tabulated finite-temperature EOSs within
errors of several tens of percent for NS–NS mergers (Bauswein
et al. 2013).

For NS–NS mergers, we choose the total gravitational mass
of the binary Mtot = 2.6 M⊙–2.8 M⊙ and the mass ratio8

Q = 1.0–1.25. For BH–NS mergers, the gravitational mass of
the neutron star MNS is fixed to be 1.35 M⊙ and the mass ratio
is chosen to be Q = 3–7. The nondimensional spin parameter
of the black hole χ is chosen as χ = 0.75. We also perform
the simulations for Q = 7 and χ = 0.5. These parameters,
ejecta masses Mej, and averaged ejecta velocities ⟨vej⟩/c of the
progenitor models are summarized in Table 1.

The morphologies of the ejecta for NS–NS and BH–NS
mergers are compared in Figure 1. This figure plots the profiles
of the density and velocity fields at 8.8 ms after the onset of
the merger. Note that the ejecta velocities are in the small range
between ∼0.1c and ∼0.3c irrespective of the progenitor model.
However, the ejecta mass and morphology depend sensitively
on the progenitor models. In Table 1, we summarize these
properties of the NS–NS and BH–NS ejecta.

NS–NS ejecta. As shown in Figure 1, the NS–NS ejecta have
a spheroidal shape, rather than a torus or a disk, irrespective of
Q and EOS as long as a hypermassive neutron star is formed
after the merger. The reason is as follows. The origin of the

7 In this Letter, “soft” and “stiff” EOSs mean those which reproduce the radii
R1.35 ! 12 km and R1.35 " 13.5 km, respectively. Here R1.35 is the radius of a
cold, spherical neutron star with the gravitational mass 1.35 M⊙. For all the
EOSs, the maximum masses of spherical neutron stars are larger than ≃2 M⊙.
8 The mass ratio is defined by Q = m1/m2 with m1 " m2, where m1 and m2
are the component masses of a binary.

Table 1
Parameters of the Progenitor Models and Their Ejecta Properties

EOS Type R1.35 Mtot/M⊙ Q χ Mej/10−2 M⊙ ⟨vej⟩/c
APR4 NS–NS 11.1 2.6–2.9 1.0–1.25 · · · 0.01–1.4 0.22–0.27
SLy NS–NS 11.4 2.6–2.8 1.0–1.25 · · · 0.8–2.0 0.20–0.26
ALF2 NS–NS 12.4 2.6–2.8 1.0–1.25 · · · 0.15–0.55 0.22–0.24
H4 NS–NS 13.6 2.6–2.8 1.0–1.25 · · · 0.03–0.40 0.18–0.26
MS1 NS–NS 14.4 2.6–2.8 1.0–1.25 · · · 0.06–0.35 0.18–0.20

APR4 BH–NS 11.1 5.4–10.8 3.0–7.0 0.75 0.05–1.0 0.23–0.27
ALF2 BH–NS 12.4 5.4–10.8 3.0–7.0 0.75 2.0–4.0 0.25–0.29
H4 BH–NS 13.6 5.4–10.8 3.0–7.0 0.75 4.0–5.0 0.24–0.29
MS1 BH–NS 14.4 5.4–10.8 3.0–7.0 0.75 6.5–8.0 0.25–0.30

APR4 BH–NS 11.1 10.8 7.0 0.5 #10−4 · · ·
ALF2 BH–NS 12.4 10.8 7.0 0.5 0.02 0.27
H4 BH–NS 13.6 10.8 7.0 0.5 0.3 0.29
MS1 BH–NS 14.4 10.8 7.0 0.5 1.7 0.30

ejecta for NS–NS mergers can be divided into two parts: the
contact interface of two neutron stars at the collision and the tidal
tails formed during an early stage of the merger. At the contact
interface, the kinetic energy of the approaching velocities of the
two stars is converted into thermal energy through shock heating.
The heated matter at the contact interface expands into the
low-density region. As a result, the shocked matter can escape
even toward the rotational axis and the ejecta shape becomes
spheroidal. By contrast, the tidal tail component is asymmetric
and the ejecta is distributed near the equatorial plane.

Numerical simulations of NS–NS mergers show that the total
amount of ejecta is in the range 10−4–10−2 M⊙ depending on
Mtot, Q, and the EOS (see Figure 2). The more compact neutron
star models with soft EOSs produce a larger amount of ejecta,
because the impact velocities and subsequent shock heating
effects at merger are larger. More specifically, the amount of
ejecta is

10−4 ! Mej/M⊙ ! 2 × 10−2 (soft EOSs),

10−4 ! Mej/M⊙ ! 5 × 10−3 (stiff EOSs). (1)

Bauswein et al. (2013) show a similar dependence of the
ejecta masses on the EOSs and Mej ! 0.01 M⊙ for stiff EOS
models. According to these results, it is worth noting that the
ejecta masses of the stiff EOS models are likely to be at most
0.01 M⊙.

The dependence of the ejecta mass on the total mass of
the binary is rather complicated as shown in Figure 2. The
ejecta mass increases basically with increasing Mtot as long
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Model
• Maximum energy: tacc = tage with Bohm diffusion  

Emax increases in ballistic phase and decreases in Sedov phase  
Emax ~ 20 PeV for protons, 500 PeV for iron nuclei at t=tdec
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• Escape limited model:  
CRs with E~Emax can escape from NSMRs 
low energy CRs cannot escape  
Time integration gives power-law spectrum

• mass-charge ratio dependent injection: 
injection efficiency Kip~ (Ai/Zi)2

Ohira  et al 2010 
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runaway CR spectra of different CR elements have different
spectra (Sections 2 and 3.1).

2. Our model is in excellent agreement with the observed
spectra of CR protons and helium. The harder spectrum of
CR helium is due to the enhancement of the helium abun-
dance around the explosion center. On the other hand, the
concave spectra of all CR elements are due to the decreas-
ing Mach number in the hot gas with ∼106K. The concave
spectra may also be produced by the CR nonlinear effect,
the energy-dependent effects on the accelerated CRs (on α
or β), the propagation effect (γ ), and/or multi-components
with different spectral indices (Sections 3.2 and 4).

3. Within the single-component scenario, the hard helium
spectrum suggests that the origin of the Galactic CRs is
SNRs in superbubbles, although we are not excluding the
multi-component scenario (Section 5).

4. Our model predicts that heavier (at least volatile) CR
elements also have harder spectra than those of CR protons
and have concave spectra (Section 5).

2. RUNAWAY CR SPECTRUM

In this section, we briefly review the runaway CR spectrum
(see the Appendix of Ohira et al. 2010). We here use a
variable χ (for example, the shock radius or the SNR age) to
describe the evolution of an SNR. Let FSNR(χ , p) and pmax(χ )
be the CR momentum spectrum [(eV/c)−1] and the maximum
four-momentum of CR inside the SNR at a certain epoch labeled
by χ , respectively. CRs escape in order from the maximum
energy CRs because the diffusion length of high-energy CRs
is larger than that of low-energy CRs. Then, the number of
runaway CRs between χ and χ + dχ is

FSNR(χ , pmax)
dpmax

dχ
dχ , (1)

which corresponds to the number of runaway CRs between
p = pmax(χ ) and p = pmax(χ ) + dp, Fesc(p)dp. Hence,
Fesc(p) is

Fesc(p) = FSNR
(
p−1

max(p), p
)
, (2)

where p−1
max(p) is the inverse function of pmax(χ ). Assuming

FSNR(χ , p) ∝ χβp−s and pmax(χ ) ∝ χ−α , we obtain the
runaway CR spectrum as

Fesc(p) ∝ p−(s+ β
α

), (3)

where α and β are parameters to describe the evolution of
the maximum energy and the number of accelerated CRs,
respectively. (We use α ∼ 6.5 and β ∼ 1.5 later.) Therefore,
the runaway CR spectrum Fesc is different from that in the
SNR, FSNR ∝ p−s . Figure 1 shows the schematic picture of the
runaway CR spectrum. In this Letter, we use the shock radius,
Rsh, as χ .

The evolution of the maximum energy of CRs at the SNR has
not been understood. This strongly depends on the evolution of
the magnetic field around the shock (e.g., Ptuskin & Zirakashvili
2003). Although some magnetic field amplifications have been
proposed (e.g., Lucek & Bell 2000; Bell 2004; Giacalone &
Jokipii 2007; Ohira et al. 2009b) and investigated by simulations
(e.g., Niemiec et al. 2008; Riquelme & Spitkovsky 2009; Ohira
et al. 2009a; Inoue et al. 2009; Gargaté et al. 2010), the evolution
of the magnetic field has not been completely understood yet.
Here we assume that CRs with the knee energy escape at

Figure 1. Schematic picture of the runaway CR spectrum. The solid, dashed,
and dotted lines show the runaway CR spectrum, the CR spectrum inside an
SNR at an early epoch, and the CR spectrum inside the SNR at a later epoch,
respectively. The solid line of the runaway CR spectrum represents Equation (3).
A variable χ (e.g., the shock radius) describes the SNR evolution.

R = RSedov, where RSedov is the shock radius at the beginning
of the Sedov phase. Furthermore, we use the phenomenological
approach with the power-law dependence (Gabici et al. 2009;
Ohira et al. 2010),

pmax(Rsh) = pkneeZ

(
Rsh

RSedov

)−α

, (4)

where pknee = 1015.5eV/c is the four-momentum of the knee
energy. Note that α does not depend on the CR composition
because the evolution of the maximum energy depends only on
the evolution of the magnetic field and the shock velocity.

The evolution of the number of CRs inside the SNR has also
not been understood. This depends on the injection mechanism
(Ohira et al. 2010) and the density profile around the SNR.
We here adopt the thermal leakage model (Malkov & Völk
1995) as an injection model. For the total density profile,
ρtot(Rsh) ≈ mp(np(Rsh) + 4nHe(Rsh)), where np and nHe are
the number densities of proton and helium and mp is the proton
mass. The shock velocity of the Sedov phase is

ush(Rsh) ∝ ρtot(Rsh)
− 1

2 R
− 3

2
sh . (5)

In the thermal leakage model, the injection momentum of
the element i is proportional to the shock velocity, pinj,i ∝
ush, and the number density of CR with momentum pinj,i is
proportional to the density, p3

inj,ifi (pinj,i ) ∝ ni (Rsh), where fi is
the distribution function of the CR element i. Hence, the number
of the CR element i with a reference momentum p = mpc,
FSNR,i (Rsh,mpc) is

FSNR,i (Rsh,mpc) ∝ R3
shfi (mpc)

∝ R3
shp

slow+2
inj,i fi (pinj,i )

∝ R3
shni (Rsh)p

slow−1
inj,i

∝ ni (Rsh)ρtot(Rsh)
1−slow

2 R
3(3−slow )

2
sh , (6)

where fi (p)p2 ∝ p−slow and slow is the spectral index in
the nonrelativistic energy region. For the nonlinear DSA, the
spectral index in the nonrelativistic energy region is different
from that in the relativistic energy region (Berezhko & Ellison
1999). To understand the essential feature of the runaway CR
spectrum, we here consider only the test-particle DSA, that is,
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FIG. 2: Preferential acceleration of ions with large A/Z > 1,
at t ≈ 103ω−1

c for quasi-parallel shocks with Mach numbers
as in the legends. For shocks with M ! 10, the fraction of
injected ions ηi is linear in A/Z (top panel), while the ion en-
hancement defined in Eq. 2 scales as (A/Z)2 (bottom panel).
For the M = 5 shock, where self-generated magnetic turbu-
lence is significantly weaker, ion over-injection with respect
to protons is less effective, with Kip going roughly as A/Z.

injection energy Einj,i. We then introduce the ratio

Kip ≡
fi(E/Zi)

χifp(E)
=

ηi
χiηp

(

Einj,i

Einj,p

)γ−1

(2)

as a measure of the enhancement in energetic ions with
respect to protons at fixed E/Z. Kip is promptly read
from Fig. 1 by taking the ratio of the power-law spectra
at any E/Z between 10 and 100Esh. Note that the en-
hancement has two contributions: one straightforward,
ηi/ηp, which depends on the fraction of particles that
enter DSA for each species, and one more subtle that de-
pends on Einj,i, which cannot be predicted analytically.
Fig. 2 shows the enhancements obtained for shocks

with ϑ = 20 and M = {5, 10, 20, 40}; injection fractions
and enhancements are calculated at time t = 103ω−1

c ,
when DSA spectra have been established, by consider-
ing the post-shock spectra of species with A/Z up to 8,
integrated over 103c/ωp.
For shocks with M ! 10, where accelerated protons

generate non-linear upstream magnetic turbulence with
δB/B0 ! 1, the fraction of injected particles is ηp ≈ 1%
for protons and increases linearly with A/Z (top panel);
at the same time, Kip ∝ (A/Z)2, attesting to a very
effective enhancement of particles with large charge/mass
(bottom panel). The scaling with A/Z is weaker for the
lowest-M shock, for which δB/B0 ≈ 0.2: ηi is roughly
constant at the percent level and Kip ∝ A/Z.
Chemical enhancements.— The high-M case is rele-

FIG. 3: Chemical enhancements in GCRs (see Eq. 3) com-
pared to the ones obtained for a quasi-parallel shock with
M = 20 at t = 103ω−1

c , assuming that species are singly
ionized. Simulation points are calculated by looking at the
spectra of ions reflected in the upstream because Fe ions with
A/Z = 56 have not fully relaxed in the downstream, yet. The
dashed line corresponds to the scaling ∝ (A/Z)2 in Fig. 2

vant, e.g., for SNR shocks propagating into the warm
interstellar medium (ISM), where atoms are typically
singly ionized. Ions that are injected into DSA will then
be stripped of their electrons while being accelerated up
to ∼PV rigidities [1, 22]. In the popular scenario in which
GCRs are produced at SNR shocks via DSA [12], we can
compare our findings with the chemical enrichment mea-
sured in GCRs [6, 8]. In order to compare observations
at Earth and shock injection simulations, we take the ob-
served GCR flux ratios at 1 TeV, φi(E) [e.g., table 1 in
ref. 8], weigh them with the fiducial solar abundances, χi

[9], and write the enhancement at a given E as KipZ
1−γ
i

(see Eq. 2). We also account for the rigidity-dependent
residence time in the Galaxy ∝ (E/Z)−δ, with δ ≃ 1/3
above a few GV [23], and extrapolate the enhancements
down to the non-relativistic injection energies. Such an

extrapolation introduces an additional factor A−1/2
i , be-

cause DSA spectra are power laws in momentum and
hence energy spectra flatten by E1/2 at ∼ AiGeV. Fi-
nally, we obtain that ion injection into DSA must be
enhanced at SNR shocks according to

KGCRs
ip =

φi

χiφp

∣

∣

∣

∣

TeV

Zγ−1−δ
i

A1/2
i

≃
φi

χiφp

∣

∣

∣

∣

TeV

Z1/6
i

A1/2
i

(3)

in order to explain the abundances observed in GCRs.
We consider a strong quasi-parallel shock with M = 20

and singly-ionized He, CNO, and Fe atoms with effective
A/Z = {4, 14, 56} and calculate Kip in the upstream,
since at t = 103ω−1

c ions A/Z ! 14 have already been
over-injected but have not yet developed the universal
downstream DSA spectrum. The enhancements found in
simulations and those in GCR data (Eq. 3) are compared
in Fig. 3: the scaling Kip ≃ (A/Z)2 found for strong
shocks provides a very good fit, with singly-ionized He,
CNO, and Fe particles enhanced by a factor of about ten,
hundred, and a few thousand, respectively. It is remark-
able that such a Fe enhancement requires a very large

2
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FIG. 1: Normalized post-shock spectra for ion species with mass A and charge Z as in the legend, for a quasi-parallel (ϑ = 20◦)
shock with M = 10. The thermal peaks correspond to the Maxwellian distributions (color-matching dotted lines) expected
if the temperature scaled with A (see text for more details); the non-thermal tails have a maximum extent ∝ E/Z and a
normalization enhanced as a function of A/Z.

computational box measures 2.5 × 104c/ωp by 2Mc/ωp,
with two cells per ion skin depth. In order to suppress
the numerical heating that can arise in long-term sim-
ulations with species of disparate densities, we use 100
protons per cell, and 4 particles per cell for all the other
species. We have checked the convergence of our results
against 3D simulations, time and space resolution, num-
ber of particles per cell, and transverse size of the simu-
lation box [see also 13]. The electron pressure is a poly-
trope with an effective adiabatic index chosen to satisfy
the shock jump conditions with thermal equilibration be-
tween downstream protons and electrons [17].

Our benchmark case comprises ion species with A =
{1, 2, 4, 8} and Z = {1, 2} and a quasi-parallel (ϑ = 20◦)
shock with M = 10, which exhibits efficient proton DSA
and magnetic field amplification [13, 15]. In our case
we find that ∼ 10% of the shock kinetic energy is con-
verted into accelerated protons, and the field is amplified
by a factor of ! 2 in the upstream. The downstream
spectra of different ion species are shown in Fig. 1, as
a function of E/Z and normalized to their abundances
χi. The color code gathers species with the same A/Z,
while solid and dashed lines correspond to Z = 1 and
2, respectively. Each of the species shows a thermal
peak plus a power-law tail with the universal DSA slope
γ ≃ 3/2; non-thermal spectra roll over at a maximum
energy Emax,i, which increases linearly with time [16].
For strong shocks, Rankine–Hugoniot conditions return
a downstream thermal energy E ≃ 0.6Esh [13]. Since half
of the post-shock proton energy goes into electron heating
by construction, we expect EH ≃ E/2. Then, since heav-
ier ions have more kinetic energy to convert into thermal
energy, their temperature is expected to scale with their

masses, i.e., Ei̸=H = AiE . Dotted lines in Fig. 1 cor-
respond to Maxwellian distributions with such expected
temperatures: they provide a good fit for the positions
of thermal peaks, but only a rough one for the shape of
the thermal distributions of heavy ions, whose relaxation
is still ongoing [32].
When comparing different ion curves in Fig. 1, we no-

tice three important scalings:

1. At fixed Z, the thermal peaks are shifted to the
right linearly in A, i.e, each species thermalizes at
a temperature proportional to its mass [see also 20];

2. All the ion spectra rollover at the same Emax/Z,
consistent with the fact that DSA is a rigidity-
dependent process [33];

3. The normalization of the non-thermal spectra
at given E/Z is an increasing function of the
mass/charge ratio, which implies that the efficiency
of injection into DSA depends on A/Z.

The first two results validate the theoretical expectations,
while the last one represents the first self-consistent char-
acterization of the parameter that regulates the injection
of ions into the DSA process.
Injection enhancement in DSA.— In this section we

discuss how the observed boost in ion injection depends
on A/Z. The ion non-thermal spectra, neglecting the
cutoffs, are power laws that can be written as

fi(E) =
(γ − 1)nχiηi

Einj,i

(

E

Einj,i

)−γ

, (1)

where ηi is the fraction of ions that enter DSA above the

Time

Emax

Vej

tdec



Spectrum on Earth
34

4

Table 1. Model parameters used in this work.

model Mej [M�] Vej [c] ✏B BISM [µG] ✏CR

A 0.03 0.25 10�3 — 0.2

B 0.05 0.3 — 8 0.08

where BISM is the magnetic field in ISM and R1 =
R/(10GV). This can be smaller than the typical coher-
ence length of the interstellar turbulence, �

c

⇠ 10� 100
pc (Han 2008). Hence, we can use the same value of � for
R . 108 GV. Also, this estimate implies that the motion
of the CRs are likely di↵usive rather than ballistic.

3.2. Intensity and composition

We approximate the total CR production energy per
merger to be Ecr ⇡ ✏crMejV

2
ej/2, where ✏cr is the produc-

tion e�ciency of CRs. We assume that the spectrum
of CRs escaping from the NSMRs is a power-law with
exponential cuto↵: dN

i

/dE / E�sesc exp(�E/E
i,max).

Then, the di↵erential CR production rate by the NSMRs
for species i is approximated to be

(EQ
E,inj)i ⇡

f
i

Ecr⇢MW

ln (E
p,max/Ep,min)

exp

✓
� E

E
i,max

◆
, (8)

where f
i

is the abundance ratio shown in Section 2.4
and we set sinj ⇡ sesc = 2. The normalization factor,
ln(E

p,max/Ep,min), is estimated by using the maximum
and minimum energy for protons, and E

p,min is set to 1
GeV.
We use the grammage to estimate the spectrum in the

CR halo. The Boron-to-Carbon ratio (B/C) obtained
by the recent experiments (Adriani et al. 2014; Aguilar
et al. 2016) enables us to estimate the grammage tra-
versed by CRs to be (e.g., Blum et al. 2013)

Xesc ' 8.7R��

1 g cm�2. (9)

We use � = 0.46 for R < 250 GV and � = 1/3 for R �
250 GV (Murase & Fukugita 2018). The escaping rate
of CRs from the CR halo is written as EU

E

cMgas/Xesc,
where U

E

is the di↵erential energy density of the CRs of
species i and Mgas ⇠ 1010 M� is the gas mass inside the
Milky Way galaxy. Equating the injection rate and the
escape rate, we obtain (e.g., Murase & Fukugita 2018)

(E2�)
i

⇡ (EQ
E,inj)iXesc

4⇡Mgas
/ E�� exp

✓
� E

E
i,max

◆
.

(10)
Note that the normalization of the intensity is indepen-
dent of the escape time, Tesc, that has larger uncertainty
depending on propagation models.
The resulting spectrum is shown in the upper panel

of Figure 1, whose parameter set is summarized in Ta-
ble 1 as model A (see Section 4 for model B. The re-
sults are almost identical to those for model A). We

Figure 1. Upper panel: Comparison of the CR spectrum
in the NSMR model to the experimental data. The thick-
solid line is the total flux estimated by our model. The
thick-dashed line represents the NSMRs (our work). The
thick-dotted and thick-dot-dashed lines indicate the GeV–
PeV and the UHECR components, respectively. See the text
for the details of these components. The color-thin lines
show the spectrum for each element group: H+He (blue),
CNO (green), and Fe (red). The color-dashed, color-dotted,
and color-dot-dashed lines are for the NSMR, the GeV–PeV,
and the UHECR components, respectively. The experimen-
tal data for the total flux are taken from Verzi et al. (2017)
and Abbasi et al. (2018), which are written in gray band. The
flux data for the light elements (H+He) shown in the cyan re-
gion are taken from Apel et al. (2013). Lower panel: hlnAi as
a function of energy. The experimental data are taken from
Kampert & Unger (2012) (cyan region) and Gaisser (2016)
(yellow region). The thick-solid line is the model calculation.
The parameters are set to be nISM = 0.1 cm�3, � = 1/3,
⇢MW = 1.5 ⇥ 10�4 yr�1, Mgas = 1010 M�, sinj ⇡ sesc = 2.0,
and the other parameters are tabulated in Table 1. The re-
sults for model A and B are almost indistinguishable.

also plot two additional components, the GeV–PeV and
UHECR components, which account for the regions be-
low the knee and above the ankle, respectively. For
the GeV–PeV component, the spectral shape is as-
sumed to be a power-law and an exponential cuto↵
with the spectral index of �2.6 and the cuto↵ energy

• Consistent with observational features:  
- Slight hardening of total spectrum at E~10 PeV  
- Light element spectrum at E~10—100 PeV

• If NS mergers leave magnetars as a central remnant,  
the magnetar injects energies to ejecta by magnetar winds 
—> UHE CR production might be possible 

Observed H+He

• NSMRs can be dominant 
source of CRs for 10 - 103 PeV

• E < 10 PeV: GeV-PeV (SNR?)
• E>1EeV: UHECR (ANG?)

Fang & Metzger 2017
 (talk by Decoene for deferent scenario)

talk by Fang, Bell, Matthews, Eichmann
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Table 1. Model parameters used in this work.

model Mej [M�] Vej [c] ✏B BISM [µG] ✏CR

A 0.03 0.25 10�3 — 0.2

B 0.05 0.3 — 8 0.08

the Lamor radius of CRs to be smaller than the co-
herence length of interstellar turbulence. The Larmor
radius for this energy range is estimated to be

r
L,i

=
E

Z
i

eBISM
' 1.1⇥ 10�6R1B

�1
ISM,�5 pc, (7)

where BISM is the magnetic field in ISM and R1 =
R/(10GV). This can be smaller than the typical coher-
ence length of the interstellar turbulence, �

c

⇠ 10� 100
pc (Han 2008). Hence, we can use the same value of � for
R . 108 GV. Also, this estimate implies that the motion
of the CRs are likely di↵usive rather than ballistic.

3.2. Intensity and composition

We approximate the total CR production energy per
merger to be Ecr ⇡ ✏crMejV

2
ej/2, where ✏cr is the produc-

tion e�ciency of CRs. We assume that the spectrum
of CRs escaping from the NSMRs is a power-law with
exponential cuto↵: dN

i

/dE / E�sesc exp(�E/E
i,max).

Then, the di↵erential CR production rate by the NSMRs
for species i is approximated to be

(EQ
E,inj)i ⇡

f
i

Ecr⇢MW

ln (E
p,max/Ep,min)

exp

✓
� E

E
i,max

◆
, (8)

where f
i

is the abundance ratio shown in Section 2.4
and we set sinj ⇡ sesc = 2. The normalization factor,
ln(E

p,max/Ep,min), is estimated by using the maximum
and minimum energy for protons, and E

p,min is set to 1
GeV.
We use the grammage to estimate the spectrum in the

CR halo. The Boron-to-Carbon ratio (B/C) obtained
by the recent experiments (Adriani et al. 2014; Aguilar
et al. 2016) enables us to estimate the grammage tra-
versed by CRs to be (e.g., Blum et al. 2013)

Xesc ' 8.7R��

1 g cm�2. (9)

We use � = 0.46 for (Replaced: R < 250 GV and
� = 1/3 for R � 250 GV replaced with: R < 250 GV
and � = 1/3 for R � 250 GV) (Murase & Fukugita
2018). The escaping rate of CRs from the CR halo is
written as (Replaced: EU

E

Mgas/Xesc replaced with:
EU

E

cMgas/Xesc), where U
E

is the di↵erential energy
density of the CRs of species i and Mgas ⇠ 1010 M� is
the gas mass inside the Milky Way galaxy. Equating
the injection rate and the escape rate, we obtain (e.g.,

Figure 1. Upper panel: Comparison of the CR spectrum
in the NSMR model to the experimental data. The thick-
solid line is the total flux estimated by our model. The
thick-dashed line represents the NSMRs (our work). The
thick-dotted and thick-dot-dashed lines indicate the GeV–
PeV and the UHECR components, respectively. See the text
for the details of these components. The color-thin lines
show the spectrum for each element group: H+He (blue),
CNO (green), and Fe (red). The color-dashed, color-dotted,
and color-dot-dashed lines are for the NSMR, the GeV–PeV,
and the UHECR components, respectively. The experimen-
tal data for the total flux are taken from Verzi et al. (2017)
and Abbasi et al. (2018), which are written in gray band. The
flux data for the light elements (H+He) shown in the cyan re-
gion are taken from Apel et al. (2013). Lower panel: hlnAi as
a function of energy. The experimental data are taken from
Kampert & Unger (2012) (cyan region) and Gaisser (2016)
(yellow region). The thick-solid line is the model calculation.
The parameters are set to be nISM = 0.1 cm�3, � = 1/3,
⇢MW = 1.5 ⇥ 10�4 yr�1, Mgas = 1010 M�, sinj ⇡ sesc = 2.0,
and the other parameters are tabulated in Table 1. The re-
sults for model A and B are almost indistinguishable.

Murase & Fukugita 2018)

(E2�)
i

⇡ (EQ
E,inj)iXesc

4⇡Mgas
/ E�� exp

✓
� E

E
i,max

◆
.

(10)
Note that the normalization of the intensity is indepen-
dent of the escape time, Tesc, that has larger uncertainty

• One-zone diffusion model  
with steady state
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Summary

• NS mergers are interesting multi-messenger sources
• Neutrino observations associated with SGRBs can be  

detected or put some limit with IceCube-Gen2 
• Neutrinos observation from choked jet system may put  

some constraint on physical parameters without EM 
• Galactic NSMRs are suitable CR sources between knee 

and ankle
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Fig. 19. Duration and duration/hardness ratio distribution of GRBs detected by BATSE on board CGRO. Adapted from the BATSE GRB Catalogs
(http://gammaray.msfc.nasa.gov/batse/grb/catalog/).

6.2. Spectral properties

6.2.1. Spectral shapes and functions
The GRB spectra are non-thermal. Spectra are often extracted over the entire duration of the bursts. This is the time

integrated spectrum of a GRB. Strong spectral evolution in some GRBs is observed. Therefore time resolved spectral
information is more essential to understand GRB physics. Technically, the time bin size cannot be infinitely small, which
is limited by the requirement that there are enough photons within each time bin to allow reasonable spectral fitting to test
several plausible spectral models. Therefore, a time-resolved spectral analysis can be carried out only for bright GRBs.

When the detector’s energy band iswide enough, a typical GRB spectrum can be fit with a smoothly-joined broken power
law known as the ‘‘Band-function’’ [2]. The photon number spectrum in this model reads

N(E) =

8

>

>

<

>

>

:

A
✓

E
100 keV

◆↵

exp
✓

�

E
E0

◆

, E < (↵ � �)E0 ,

A


(↵ � �)E0
100 keV

�↵��

exp(� � ↵)

✓

E
100 keV

◆�

, E � (↵ � �)E0 ,

(98)

where N(E)dE is the number of photons in the energy bin dE, ↵ and � (both negative) are the photon spectral indices27
below and above the break energy E0. The flux density spectrum (F⌫) usually used in low-energy (optical, IR, and radio)
astronomy corresponds to EN(E), and the spectral energy distribution (SED) corresponds to E2N(E) or ⌫F⌫ . The peak of the
E2N(E) spectrum is called the ‘‘E peak’’, which is given by

Ep = (2 + ↵)E0. (99)

27 Within theGRB afterglow context, the notation↵ and� are also used to define the temporal decay index and flux density spectral index of the afterglow,
with the convention F⌫ / t�↵⌫�� . In this review, we do not differentiate these notations and keep the convention in the community, but just alert the
readers to pay attention to the possible confusion. The physical meaning of these notations are usually self-evident within the context of the review.

Gamma-ray Bursts
• The brightest explosion in the Universe: 

Liso ~ 1050—1052 erg/s, Eiso ~ 1050–1053 erg, Epk ~ 0.1–1 MeV
• Events in the cosmological distance 
• Very short variability & Very high luminosity  

—>  Relativistic beaming is necessary
• Classified into two groups: 

Short (T90 < 2 sec) & Long (T90 > 2 sec)

39
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Fig. 23. A typical Band-function spectrum of GRB 990123.
Source: From [432].

Fig. 24. Comparison between GRB 080916C that shows no evidence of spectral narrowing with reducing time bin, and GRB 090902B that shows clear
spectral narrowing with reducing time bin.
Source: From [103].

• Regarding the correlation between Ep and flux, it is found that in general there are two types of behaviors of GRB pulses.
The first type shows a pattern of ‘‘hard-to-soft’’ evolution, which means that Ep is decreasing from the very beginning
of the pulse (even during the rising phase of the pulse) [450]. The second type shows a ‘‘tracking’’ behavior: spectral
hardness well tracks intensity (Ep increases during the rising phase of the pulse) [451]. Observationally, both types of
behavior can be seen in a same burst [452,453], but see [454]. Considering a superposition effect, it is suggested that all
pulses are consistent with having a ‘‘hard-to-soft’’ evolution [455].
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Fig. 20. Sample lightcurves of GRBs.
Source: [5].

Fig. 23 gives an example of GRB 990123 whose time integrated spectrum is well fit by the Band function [432].
The Ep distribution of GRBs iswide.While bright BATSEGRBs (a sample of 156 burstswith 5500 spectra) have Ep clustered

around 200–300 keV range [433], lower Ep bursts are found by softer detectors such as HETE-2 and Swift. The distribution
of Ep seems to form a continuum from several keV to the MeV range, e.g. [434]. From hard to soft, bursts are sometimes
also vaguely classified as gamma-ray bursts (GRBs, Ep > 50 keV), X-ray rich GRBs (XRGRBs, 30 keV < Ep < 50 keV), and
X-ray flashes (XRFs, Ep < 30 keV), with no clear boundaries in between [435]. For the bright BATSE sample, the two spectral
indices have a distribution of ↵ ⇠ �1 ± 1 and � ⇠ �2+1

�2 [433]. Such a distribution is also confirmed for the Fermi and
INTEGRAL bursts [103,436,434].

Spectra for some GRBs can be fitted with a cutoff power-law spectrum, in the form

N(E) = A
✓

E
100 keV

◆

��̂

exp
✓

�

E
Ec

◆

(100)

This is essentially the first portion of the Band-function, with ↵ replaced by ��̂ (�̂ is positive). This function has been used
to fit the prompt spectrum of many HETE-2, Swift, and GBM GRBs [437,411,413]. However, this is mainly due to the narrow
bandpass of the detectors, so that the high energy photon index � of the Band-function is not well-constrained. In fact,
in most cases when a Swift burst was co-detected by another detector with high-energy band coverage (e.g. Konus-Wind,
Fermi-GBM), the global spectrum can be still fit by a Band function.

0.5 sec
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Fig. 20. Sample lightcurves of GRBs.
Source: [5].

Fig. 23 gives an example of GRB 990123 whose time integrated spectrum is well fit by the Band function [432].
The Ep distribution of GRBs iswide.While bright BATSEGRBs (a sample of 156 burstswith 5500 spectra) have Ep clustered

around 200–300 keV range [433], lower Ep bursts are found by softer detectors such as HETE-2 and Swift. The distribution
of Ep seems to form a continuum from several keV to the MeV range, e.g. [434]. From hard to soft, bursts are sometimes
also vaguely classified as gamma-ray bursts (GRBs, Ep > 50 keV), X-ray rich GRBs (XRGRBs, 30 keV < Ep < 50 keV), and
X-ray flashes (XRFs, Ep < 30 keV), with no clear boundaries in between [435]. For the bright BATSE sample, the two spectral
indices have a distribution of ↵ ⇠ �1 ± 1 and � ⇠ �2+1

�2 [433]. Such a distribution is also confirmed for the Fermi and
INTEGRAL bursts [103,436,434].

Spectra for some GRBs can be fitted with a cutoff power-law spectrum, in the form

N(E) = A
✓

E
100 keV

◆

��̂

exp
✓

�

E
Ec

◆

(100)

This is essentially the first portion of the Band-function, with ↵ replaced by ��̂ (�̂ is positive). This function has been used
to fit the prompt spectrum of many HETE-2, Swift, and GBM GRBs [437,411,413]. However, this is mainly due to the narrow
bandpass of the detectors, so that the high energy photon index � of the Band-function is not well-constrained. In fact,
in most cases when a Swift burst was co-detected by another detector with high-energy band coverage (e.g. Konus-Wind,
Fermi-GBM), the global spectrum can be still fit by a Band function.
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Neutrino Photons

Transparency Be able to see  
the inside deeply

Only see the surface  
due to absorption

Probe for  
hadronic CRs

Efficiently Produced  
only from protons

Produced from 
both electron and protons

Multi-messenger always observe all sky Limited field of view

• Low detection sensitivity (~10-4 erg/cm2 for PeV range)
• Low angular resolution (~1 deg for track, ~10 deg for shower)
• strong atmospheric noise (for lower energies of < 100 TeV)

Difficulty for Neutrino Astronomy



Astrophysical Neutrinos

• IceCube reported TeV-PeV astrophysical neutrinos
• Isotropic arrival direction —> extragalactic origin

41

While the analysis favors the absence of a prompt
atmospheric neutrino component, a contribution to the flux at
the level of the prediction by Enberg et al. (2008) is still

allowed and would not alter the spectrum of the astrophysical
component significantly, as demonstrated in Figure 2. Figure 3
shows that the results are compatible with those found in the
individual studies; differences from the originally published
results are mainly due to different energy ranges used in the
analysis.
The strength of the astrophysical signal in different energy

intervals is shown in the differential spectrum in Figure 6. This
spectrum suggests that it is mostly events with energies around
30 TeV that are responsible for the soft spectrum obtained in
the analysis here. In fact, a previous analysis (Aartsen
et al. 2014e) that did not include data at these energies yielded

Figure 5. Best-fit neutrino spectra for the single power law model (all flavors
combined). The blue and red shaded areas correspond to 68% C.L. allowed
regions for the conventional atmospheric and astrophysical neutrino flux,
respectively. The prompt atmospheric flux is fitted to zero; we show the 90%
C.L. upper limit on this component instead (green line).

Table 6
Best-fit Parameter Values for the Differential Model

Parameter Best fit 68% C.L. 90% C.L.

f1 9.3 1.7–17.3 0.0–22.7
f2 22.6 17.0–28.5 13.5–32.5
f3 5.6 2.4–9.2 0.5–11.6
f4 3.2 0.8–5.9 0.0–7.9
f5 4.3 2.0–7.0 0.8–9.0
f6 0.0 0.0–1.5 0.0–3.5
f7 6.9 4.5–9.7 3.1–11.9
f8 0.0 0.0–1.5 0.0–3.8
f9 0.0 0.0–0.6 0.0–1.5

Note. f1−f9 are the all-flavor normalizations (in E2Φ) of the individual basis
functions, defined in nine logarithmically spaced energy intervals between
10 TeV and 10 PeV. They are given in units of 10 GeV s sr cm8 1 1 2- - - - .

Figure 6. Best-fit astrophysical neutrino spectra (all flavors combined). The red
shaded area corresponds to the 68% C.L. allowed region for the single power
law model (cf. Figure 5). The black data points show the result of the
differential model; the horizontal bars denote the bin width; the vertical error
bars denote 68% C.L. intervals.

Table 7
Best-fit Parameter Values for the North–South Model

Parameter Best fit 68% C.L. 90% C.L.

fN 2.1 0.5–5.0 0.1–7.3
γN 2.0 1.6–2.3 1.2–2.5
fS 6.8 5.3–8.4 4.4–9.5
γS 2.56 2.44–2.67 2.36–2.75

Note. fN and fS are the all-flavor neutrino fluxes at 100 TeV in the northern
and southern sky, respectively; γN and γS are the corresponding spectral
indices. The fluxes are given in units of 10 GeV s sr cm18 1 1 1 2- - - - - .

Table 8
Best-fit Parameter Values for the 2-flavor Model

Parameter Best Fit 68% C.L. 90% C.L.

fe 1.3 0.5–2.1 0.0–2.6
fμ+τ 5.6 4.4–6.9 3.7–7.8

Note. fe and fμ+τ are the νe and νμ + ντ fluxes at 100 TeV, respectively. Both
are given in units of 10 GeV s sr cm18 1 1 1 2- - - - - .

Figure 7. Electron neutrino fraction measured at Earth in the 2-flavor model.
The black point denotes the best-fit value; the filled bands show the 68%
(green) and 90% (red) C.L. intervals. The dashed lines mark electron-neutrino
fractions expected for different flavor compositions at the source, assuming
tribimaximal neutrino mixing angles.

Table 9
Best-fit Parameter Values for the 3-flavor Model

Parameter Best fit 68% C.L. 90% C.L.

fe 2.9 1.4–3.6 0.0–4.2
fμ 3.0 2.4–3.7 2.1–4.2
fτ 0.0 0.0–2.3 0.0–5.0

Note. fe, fμ, and fτ are the νe, νμ, and ντ fluxes at 100 TeV, respectively. All
are given in units of 10 GeV s sr cm18 1 1 1 2- - - - - .

12

The Astrophysical Journal, 809:98 (15pp), 2015 August 10 Aartsen et al.

104 106105 107

IceCube 15

Halzen+ 17
NATURE PHYSICS DOI: 10.1038/NPHYS3816 REVIEW ARTICLE
IceCube preliminary

51

13

31

50
47

29

180°
38

−180°

1

17

36

25 2
22

44
18

21 10

24
14

53

23
43 8

54
9
26

40 3
39

27

41

Galactic

TS = 2log (L/L0)

6
5

46

11

37

435

45 30
19

42

20

No
rth

er
n 

He
m

isp
he

re
So

ut
he

rn
 H

em
isp

he
re

16

49

52

48

15
12

7

34 33

0 13.1

Figure 4 | Arrival directions of neutrinos in the four-year starting-event
sample in Galactic coordinates. Shower-like events are shown with ‘+’ and
those containing muon tracks with ‘⇥’. The colour scale indicates the value
of the test statistic (TS) of an unbinned maximum likelihood test searching
for anisotropies of the event arrival directions. Note that the track-like event
28 has been omitted following the discussion in ref. 23.

neutrino arrival directions. This measured distribution corresponds
to no significant local excess in the sky; the probability of obtaining
the measured anisotropy in randomized pseudo-experiments is
58%. The correlation of neutrino events with the Galactic plane is
not significant. Letting the width of the plane float freely, the best fit
returned a correlation for a value of ±7.5� with a post-trial chance
probability of 3.3%. Neither probability increased after doubling the
data from two to four years.

In short, the observed neutrino flux is consistentwith an isotropic
distribution of arrival directions and equal contributions of all
neutrino flavours25. A subdominant Galactic component of the
flux cannot be excluded at this time. Interestingly, a variety of
analyses25,26 suggest that the cosmic neutrino flux dominates the
atmospheric background above an energy that may be as low as
30 TeV, with an energy spectrum that cannot described as a single
power, as was the case for the muon neutrino flux through the Earth
for energies exceeding 220 TeV. This is reinforced by the fact that
fitting the excess flux in di�erent ranges of energy yields di�erent
values for the power-law exponent.

Rather than speculate on their origin, we will focus on the
multimessenger connection of cosmic neutrinos to cosmic rays
and gamma rays; this will turn out to be revealing. Neutrinos are
produced in association with the cosmic-ray beam. Cosmic rays
accelerated in regions of high magnetic fields near black holes
or neutron stars inevitably interact with radiation surrounding
them. In particle physics language, cosmic-ray accelerators are
beam dumps. In supernova shocks, cosmic rays interact with the
hydrogen in the Galactic disk, producing equal numbers of pions
of all three charges that decay into pionic photons and neutrinos.
These secondary fluxes should be boosted by the interaction of the
cosmic rays with high-density molecular clouds that are ubiquitous
in the star-forming regions where supernovae are more likely to
explode. For extragalactic sources, the neutrino-producing target
may be light, for instance, photons radiated by the accretion disk of
an active galactic nucleus or synchrotron photons that coexist with
protons in the expanding fireball producing a gamma-ray burst.

Detailed estimates indicate that, in cosmic beam dumps, roughly
equal energies are injected in secondary cosmic rays (which may be
the decay products of neutrons escaping the accelerator with high
energy), photons, and neutrinos. Given this prediction of energy
equipartition, it is remarkable that IceCube’s measured energy
density in cosmic neutrinos matches the total energy observed in
extragalactic cosmic rays. This is especially interesting, because the

pp scenario
SFR evolution
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Figure 5 | Figure showing that the astrophysical neutrino flux (black line)
observed by IceCube matches the corresponding cascaded gamma-ray
flux (red line) observed by Fermi. We here assume that the decay products
of neutral and charged pions from pp interactions are responsible for the
non-thermal emission in the Universe62. The black data points are
combined IceCube results, including the three-year ‘high-energy starting
event’ (HESE) analysis23 and a subsequent analysis lowering the energy
threshold for events starting in the detector even further26. Also shown is
the best fit to the flux of high-energy muon neutrinos penetrating the Earth
SFR, star formation.

parents of PeV neutrinos should have energies in the region of
1017 eV, well below the ankle in the spectrum at 4⇥1018 eV where
traditionally the onset of the extragalactic flux has been theorized.

The spectral production rates dN/dEdt of neutrinos and gamma
rays are related by

1
3
X

E2
⌫

dN⌫

dE⌫dt
(E⌫)'

K⇡
4
E2

�

dN�

dE�dt
(E� ) (1)

Here N and E denote the number and energy of neutrinos and
gamma rays and ⌫ stand for the neutrino flavour. Note that
this relation is solid, and depends only on the charged-to-neutral
secondary pion ratio with K⇡=1(2) for � (pp) neutrino-producing
interactions. However, the production rate of gamma rays described
by equation (1) is not necessarily the emission rate observed. For
instance, in cosmic accelerators that e�ciently produce neutrinos
via p� interactions, the target photon field can also e�ciently
reduce the pionic gamma rays via pair production. Also, inverse-
Compton scattering and synchrotron emission in magnetic fields
will shift the emitted gamma-ray spectrum to lower energies. This is
a calorimetric process that will, however, conserve the total energy
of hadronic gamma rays.

It is straightforward to apply the multimessenger relation to
the cosmic neutrino flux observed by IceCube. Figure 5 shows
the gamma-ray flux accompanying the observed neutrino flux for
two illustrative descriptions of the data that assume K⇡ = 2. The
black and red lines show the neutrino and gamma-ray spectra after
accounting for the cascading of the PeV photons in cosmic radiation
backgrounds between source and observation. The black line shows
an E�2.15 neutrino spectrum with an exponential cuto� around PeV.
This scenario actually matches the extragalactic isotropic di�use
gamma-ray background measured by Fermi27.

This exercise indicates that the contribution of gamma rays
accompanying IceCube neutrinos to Fermi’s extragalactic flux is
significant, suggesting a common origin of some of the sources
at some level. This is intriguing, because a recent analysis
indicates that blazars—active galaxies with the jet pointing at
the observer—dominate the Fermi di�use flux24. Are blazars the
final answer? The good news is that IceCube, by accumulating

NATURE PHYSICS | VOL 13 | MARCH 2017 | www.nature.com/naturephysics
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IceCube GRB Analysis

• Using the timing and position information of each GRB,  
IceCube put the limit on GRB associated neutrinos 
—> GRB cannot be a source of observed neutrinos

42

published searches, these models are expected to yield 6.51,
11.02, and 0.25 neutrino events, respectively. Though a
number of events have been found temporally coincident with
GRBs, none haveappeared to beparticularly compelling
signals and they have occurred at a rate consistent with
background.

Having found results consistent with background, limits can
be placed on neutrino production models in GRBs. These
amount to calculating the Neyman upper limit(Neyman 1937)
on the flux normalization of these models by determining the
fraction of Monte Carlo pseudo-experiments in which such a
model would yield a test statistic at least as extreme as that
observed. For example, a model can be excluded at the 90%
confidence level (CL) should it result in 90% of pseudo-
experiments with obs, ,. . Limits calculated account for
systematic uncertainties in the ice model, DOM efficiency, and
interaction cross sections, which translate to a 10%–20%
uncertainty in model limits. The effect of these systematic

uncertainties in calculated model limits is determined in a
model-dependent way, as their effect is found to be much more
pronounced at low energy than at high energy.
Constraints were first determined for a generic double

broken power-law neutrino flux of the form
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as a function of first break energy be and quasi-diffuse spectral
normalization 0F . These limits are presented in Figure 8 as
excluded regions in this parameter space. Two models of
neutrino production in GRBs where GRBs are assumed to be
the sole origin of the measured UHECR flux are provided in
this parameter space: the neutron escape model of Ahlers et al.
(2011) and the proton escape model of Waxman & Bahcall
(1997), which has been updated with recent measurements of
the UHECR flux(Katz et al. 2009). Both models are excluded
at over 90% confidence level (CL) with most of the model
assumption phase space excluded at over the 99% CL. A
thorough reconsideration of whether GRBs can be the sources
of UHECRs from Baerwald et al. (2015) shows that the internal
shock fireball model is still plausible if cosmic-ray protons can
efficiently escape the fireball with a low pion-production
efficiency for a range of fp and Γ, which predict neutrino fluxes
below the current limits.
Similar constraints were calculated for simple power-law

spectra consistent with IceCube’s observed astrophysical
neutrino flux (Aartsen et al. 2014c, 2015b, 2015c, 2016c),
concluding that 0.4%1 of the astrophysical neutrino flux can
be the result of a GRB prompt, quasi-diffuse flux assuming no
spectral breaks. This constraint is weakened to a 1%1
contribution should there be a low-energy spectral break in
the astrophysical neutrino flux below 100 TeV.
We also calculated limits for the numerical models of

neutrino production in GRBs, where the expected measurable
neutrino fluence is determined from the per-GRB γ-ray
spectrum parameters. First, upper limits (90% CL) are
calculated for the internal shock fireball, photospheric fireball,
and ICMART models using benchmark parameters of the
fireball baryonic loading fp=10 and bulk Lorentz factor

Figure 6. Energy PDFs and signal-to-background ratios for the northern hemisphere (left) and southern hemisphere (right) nm track analyses. Left vertical
axis:reconstructed muon energy PDFs of background off-time data (black points) and E 2- nm signal simulation (blue line); simulated background used for PDF
extrapolation is provided in the northern track analysis (green line). Right vertical axis: per-bin PDF ratios (red points) and spline fit (red line).

Figure 7. Differential median sensitivity of the northern hemisphere track, all-
sky cascade(Aartsen et al. 2016a), and southern hemisphere track stacked
GRB analyses to a per-flavor E 2- ν quasi-diffuse flux in half-decadal ν energy
bins, with the final combined analysis shown in the black line. Integrated
sensitivities are shown as dashed lines over the expected 90% energy central
interval in detected neutrinos for a given analysis. The IceCube measured 68%
CL astrophysical per-flavor neutrino flux band is given for reference from a
global fit of IceCube analyses(Aartsen et al. 2015a) and a recent six-year
northern hemispheres nm track analysis (light blue, Aartsen et al. 2016c).
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published searches, these models are expected to yield 6.51,
11.02, and 0.25 neutrino events, respectively. Though a
number of events have been found temporally coincident with
GRBs, none haveappeared to beparticularly compelling
signals and they have occurred at a rate consistent with
background.

Having found results consistent with background, limits can
be placed on neutrino production models in GRBs. These
amount to calculating the Neyman upper limit(Neyman 1937)
on the flux normalization of these models by determining the
fraction of Monte Carlo pseudo-experiments in which such a
model would yield a test statistic at least as extreme as that
observed. For example, a model can be excluded at the 90%
confidence level (CL) should it result in 90% of pseudo-
experiments with obs, ,. . Limits calculated account for
systematic uncertainties in the ice model, DOM efficiency, and
interaction cross sections, which translate to a 10%–20%
uncertainty in model limits. The effect of these systematic

uncertainties in calculated model limits is determined in a
model-dependent way, as their effect is found to be much more
pronounced at low energy than at high energy.
Constraints were first determined for a generic double

broken power-law neutrino flux of the form
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as a function of first break energy be and quasi-diffuse spectral
normalization 0F . These limits are presented in Figure 8 as
excluded regions in this parameter space. Two models of
neutrino production in GRBs where GRBs are assumed to be
the sole origin of the measured UHECR flux are provided in
this parameter space: the neutron escape model of Ahlers et al.
(2011) and the proton escape model of Waxman & Bahcall
(1997), which has been updated with recent measurements of
the UHECR flux(Katz et al. 2009). Both models are excluded
at over 90% confidence level (CL) with most of the model
assumption phase space excluded at over the 99% CL. A
thorough reconsideration of whether GRBs can be the sources
of UHECRs from Baerwald et al. (2015) shows that the internal
shock fireball model is still plausible if cosmic-ray protons can
efficiently escape the fireball with a low pion-production
efficiency for a range of fp and Γ, which predict neutrino fluxes
below the current limits.
Similar constraints were calculated for simple power-law

spectra consistent with IceCube’s observed astrophysical
neutrino flux (Aartsen et al. 2014c, 2015b, 2015c, 2016c),
concluding that 0.4%1 of the astrophysical neutrino flux can
be the result of a GRB prompt, quasi-diffuse flux assuming no
spectral breaks. This constraint is weakened to a 1%1
contribution should there be a low-energy spectral break in
the astrophysical neutrino flux below 100 TeV.
We also calculated limits for the numerical models of

neutrino production in GRBs, where the expected measurable
neutrino fluence is determined from the per-GRB γ-ray
spectrum parameters. First, upper limits (90% CL) are
calculated for the internal shock fireball, photospheric fireball,
and ICMART models using benchmark parameters of the
fireball baryonic loading fp=10 and bulk Lorentz factor

Figure 6. Energy PDFs and signal-to-background ratios for the northern hemisphere (left) and southern hemisphere (right) nm track analyses. Left vertical
axis:reconstructed muon energy PDFs of background off-time data (black points) and E 2- nm signal simulation (blue line); simulated background used for PDF
extrapolation is provided in the northern track analysis (green line). Right vertical axis: per-bin PDF ratios (red points) and spline fit (red line).

Figure 7. Differential median sensitivity of the northern hemisphere track, all-
sky cascade(Aartsen et al. 2016a), and southern hemisphere track stacked
GRB analyses to a per-flavor E 2- ν quasi-diffuse flux in half-decadal ν energy
bins, with the final combined analysis shown in the black line. Integrated
sensitivities are shown as dashed lines over the expected 90% energy central
interval in detected neutrinos for a given analysis. The IceCube measured 68%
CL astrophysical per-flavor neutrino flux band is given for reference from a
global fit of IceCube analyses(Aartsen et al. 2015a) and a recent six-year
northern hemispheres nm track analysis (light blue, Aartsen et al. 2016c).
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where A E ,eff W¢n( ) is the effective area of neutrino interaction
for an event selection, E ,F W¢n n( ) is the signal neutrino flux,
and the integral is performed over the analysis solid angle Ω
and neutrino energy En range. The effective areas, scaled to all-
sky, of the northern and southern hemisphere track selections
are shown in Figure 2, compared to the all-sky cascade
selection of Aartsen et al. (2016a). The northern hemisphere
selection is demonstrated to be most sensitive to neutrinos with
energies1 PeV, while the effective area of the southern
hemisphere selection displays the enhanced sensitivity of this
channel to neutrinos above a few PeV. The resonant scattering
of en̄ with electrons in ice at 6.3 PeV (Glashow 1960) is seen in
the all-sky cascade effective area, and is yet to be observed by
IceCube.

5. Unbinned Likelihood Analysis

Given an ensemble of neutrino events and a set of GRBs, a
statistical test is required to distinguish an observation of
prompt neutrinos from expected backgrounds. For a sample of
N events coincident with GRBs, we calculate the significance
of the coincidences by an unbinned likelihood with observed
number of signal events ns of the form

x x xn n P p p, , 3s b i N
i

N

s i b i
1

$ + ��= +
=

( ∣ { }) [ ( ) ( )] ( )

where p n n ns s s b= +( ), p n n nb b s b= +( ), and PN is the
Poisson probability of the observed event count N given
expected signal and background event counts ns and nb,
respectively:
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The index i runs over the neutrino candidate events, and + and
�, respectively, represent the combined signal and background
PDFs for event characteristics xi. Each of the signal
and background PDFs is defined with respect to the time and
direction relative to the GRBs, and with respect to event
energy. The final test statistic is the logarithm of the likelihood,

maximized with respect to ns (maximized at nsˆ ) divided by the
background-only likelihood (n 0s = ), which simplifies to
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The average expected number of background events can be
determined from off-time data, denoted as nbá ñ.
The time component of the signal and background PDFs,

shown as a signal-to-background PDF ratio in Figure 3, is
defined by the T100 of each burst. The signal time PDF is
constant during T100, with Gaussian tails before and after the
GRB prompt phase. The functional form of the Gaussian tails is
chosen to have a smooth transition on either side, and the
Gaussian standard deviation Ts is chosen to be the same as
T100, but limited to minimum and maximum values of 2 s and
30 s, respectively. For simplicity, the signal time PDF is
truncated after 4so in each of the Gaussian tails. The
background time PDF is constant in this search time window.
Signal neutrinos from GRBs are expected to be spatially

associated with the observed GRB location. We define a PDF
following the first-order non-elliptical component of the Kent
distribution(Kent 1982),

x e
4 sinh

, 6ispace
cos i,GRB+

k
p k

= k DY( )
( )

( )( )

where i,GRBDY is the opening angle between the reconstructed
event direction and GRB locationand the concentration term κ
is given by i

2
GRB
2 1k s s= + -( ) in units of radians. The Kent

distribution is normalized on the unit sphere and is more
appropriate than the typical two-dimensional Gaussian repre-
sentation, especially for events with large uncertainties in the
reconstructed direction. The two-dimensional Gaussian dis-
tribution is recovered for large concentration parameters
(1 101k n). Representative examples of the Kent distribu-
tion with varying directional uncertainties are shown in
Figure 4. Data from the off-time sample are used to
characterize the background space PDF. Due to the azimuthal
symmetry of the IceCube detector, the background can be
sufficiently described using only the zenith angle, with PDF

Figure 2. Effective areas, scaled to all-sky, of the northern and southern
hemisphere nm track analyses compared to that of the all-sky cascade analysis
for the 79-string IceCube detector configuration.

Figure 3. Signal-to-background PDF ratios for three GRB durations. The
earliest reported start time T1, and the latest reported stop time T2, define the
most inclusive GRB duration T100.
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These analyses focus on the prompt phase  
afterglow phase is not constrained

SGRBs are minority 
—> constraint is not strong



Afterglow44

Successful Jet:  
classical SGRBs

Mooley+17

• Long-term monitoring  
—> F ~ t-2.5  
—> successful jet model  
is favored

slowly brightening emission requires structureA year of GW 170817 5

Figure 4. Multi-wavelength afterglow light curves overlaid with the Gaussian jet best fit model (solid line) and its 68% uncertainty
range (shaded areas). Radio data are from ATCA (filled symbols) and VLA (open symbols) observations. X-ray data are from Chandra
(filled symbols) and XMM-Newton (open symbols) observations. Downward triangles are 3 σ upper limits. The dashed line shows the
expected asymptotic decline ∝ t−2.5.

inferred from top-hat jet models of short GRBs, suggesting
that these GRB jets had narrow cores of similar size. The
isotropic-equivalent energy is also consistent with the mea-
surements from other short GRBs, although we note that
all the events in the sample lie above the median value of
Ek,iso (vertical band). This is not surprising as we selected
the cases of well-sampled light curves with good afterglow
constraints, thus creating a bias toward the brightest explo-
sions.

4 CONCLUSIONS

The long-term afterglow monitoring of GW170817 supports
the earlier suggestions of a relativistic jet emerging from the
merger remnant, and challenges the alternative scenarios of
a choked jet. Whereas emission at early times (<160 d) came
from the slower and less energetic lateral wings, the rapid
post-peak decline suggests that emission from the narrow jet
core has finally entered our line of sight. The overall proper-
ties of the explosion, as derived from the afterglow modeling,
are consistent with the range of properties observed in short
GRBs at cosmological distances, and suggest that we de-
tected its electromagnetic emission thanks to a combination

MNRAS 000, 1–8 (2018)



Detection Probability 
• Expected number of ν events: 
 

• Detection probability is poisson: 
 

• Assume distribution of Γ 
 

• Estimate the detection probabilities

45

detection probability. Since several parameters are uncertain,
we consider moderate (EE-mod-dist) and optimistic (EE-opt-
dist) models. The basic parameters for EE-mod-dist (EE-opt-
dist) are the same as those for EE-mod (EE-opt) with
G = G =( )30 100 0 . In each case, we examine s =G 2 (EE-
mod-dist-A and EE-opt-dist-A) and s =G 4 (EE-mod-dist-B
and EE-opt-dist-B).

The resultant Pk are shown in Table 2, where we use
dL=300 Mpc. The upgoing+horizontal events have higher
probability than the downgoing events owing to a higher Aeff
for low Eν. In EE-mod-dist cases, the lower sG model (EE-
mod-dist-A) has slightly lower detection probabilities, because
they have a smaller fraction of lower-Γ EEs. On the other hand,
EE-opt-dist-A has higher detection probabilities than EE-opt-
dist-B due to a smaller fraction of higher-Γ EEs. We also
estimate Pk using declination-averaged effective area for
IceCube, ò= WA d Aeff,ave eff , shown as IC (Aeff,ave) in
Table 2, which shows slightly higher & .m( )P 1 for EE-opt-
dist. Although the declination dependence of Aeff does not
change our conclusion much, the declination-dependent
analysis is important for more quantitative evaluations.

Using the relation & fµ µm n
-

m
dL

2, we estimate
& . = -m( )P P1 1 0 as a function of dL, which is shown in

Figure 2. Here, we ignore the effects of cosmological redshift,
since we focus on the local universe at 1d 2L Gpc. The
vertical dotted lines show dL=300 Mpc and dL=600 Mpc,
which corresponds to the sensitivity ranges of face-on NS–NS
and NS–BH mergers by aLIGO, respectively. For NS–BH
mergers, since the distance is longer, & .m( )P 1 is lower than
those for NS–NS mergers. The detection probability of nearby
events is affected by sG, while that of distant events is not.

We estimate the detection probability within a given time
interval,DT , which is estimated to be ( = -D P1T

N
0 , where N

is the number of EEs for the time interval within the covering
area of neutrino detectors. The local SGRB rate is
~ -- - - -4 Gpc yr 10 Gpc yr3 1 3 1 (e.g., Nakar et al. 2006; Wan-
derman & Piran 2015), so the event rate within the sensitivity
range of aLIGO (300Mpc) is ~ -- -0.46 yr 1.1 yr1 1.

According to the Swift results, ∼25% of SGRBs are
accompanied by EEs (Sakamoto et al. 2011), noting that softer
instruments could detect more EEs(Nakamura et al. 2014).
Here, we simply assume that half of SGRBs have EEs, leading
to N∼2–5 forD =T 10 years. Within the sensitivity range of
NS–BH mergers by aLIGO (600Mpc), the SGRB rate is
~ -- -3.7 yr 9.0 yr1 1, leading to ∼9–22 EEs for a 5year

Table 2
The Detection Probabilities, & .m( )P k , for dL=300 Mpc

EE-mod-dist-A IC (up+hor) IC (down) IC (all) Gen2 (all) IC (Aeff,ave)

& .m( )P 1 0.07 0.04 0.06 0.21 0.06
& .m( )P 2 0.01 0.00 0.00 0.05 0.00

EE-mod-dist-B IC (up+hor) IC (down) IC (all) Gen2 (all) IC (Aeff,ave)

& .m( )P 1 0.11 0.04 0.08 0.25 0.08
& .m( )P 2 0.02 0.00 0.01 0.10 0.01

EE-opt-dist-A IC (up+hor) IC (down) IC (all) Gen2 (all) IC (Aeff,ave)

& .m( )P 1 0.74 0.25 0.52 0.86 0.59
& .m( )P 2 0.42 0.04 0.25 0.69 0.24

EE-opt-dist-B IC (up+hor) IC (down) IC (all) Gen2 (all) IC (Aeff,ave)

& .m( )P 1 0.60 0.19 0.41 0.73 0.47
& .m( )P 2 0.31 0.02 0.18 0.55 0.17

Note. IC: IceCube, Gen2: IceCube-Gen2, up+hor: upgoing+horizontal events, down: downgoing events, all: covering-factor-weighted average over the up+hor and
down, Aeff,ave: using the declination-averaged effective area.

Figure 2. Detection probability & .m( )P 1 as a function of luminosity distance
dL. The upper and lower panels are with IceCube and IceCube-Gen2, respectively.
The vertical thin-dotted lines show dL=300 Mpc and dL=600Mpc.
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number density. This makes EEs more luminous than the
others. The magnetic fields are so strong that spectral breaks
due to both the muon and pion cooling supressions are seen in
Figure 1. The proton maximum energy is determined by the
photomeson production, leading to relatively lower values of
Ep M, . For the other three models, <gf 1p is satisfied and the
lower fluences are obtained. The magnetic fields are so weak
that pion cooling is not important in these models. The
maximum energy is determined by adiabatic losses for prompt
and plateau emissions, and by photomeson production for
flares.

For flares and plateaus, G ~ 10 and ~r 10diss
13 cm are also

possible(e.g., Nagakura et al. 2014; Kisaka et al. 2015), and
then they can be as bright as EEs owing to the high pion
production efficiency. Also, neutrino fluences from prompt
emission can be higher than the plateau and flares if 1G 300 is
realized.

3. Probability of Neutrino Detection

The expected number of nm-induced events is estimated to be

& ò f d=m n n n( ) ( )A E dE, , 7eff

where Aeff is the effective area. The effective areas of upgoing
+horizontal and downgoing tracks for IceCube is shown in
Aartsen et al. (2017) as a function of Eν. For upgoing

+horizontal muon neutrino events (d > - n5 ), the atmospheric
muons are shielded by the Earth. For IceCube-Gen2, we use
102 3 times larger effective areas than those of both upgoing
+horizontal and downgoing events for IceCube. The effective
area of downgoing muon neutrino events in IceCube-Gen2 may
not be simply scaled, but the simple scaling is sufficient for the
demonstrative purpose of this work. We set the threshold
energy for neutrino detection to 100GeV for IceCube and
1TeV for IceCube-Gen2.
The probability of detecting k neutrino events, pk, is

described by the Poisson distribution. The detection probability
of more than k neutrinos is represented as & . =m( )p k
- å < p1 i k i. We find that for EE-mod (G = 30), the prob-

ability for upgoing+horizontal events, & .m( )p 1 , is 0.04 and
0.16 with IceCube and IceCube-Gen2, respectively. For EE-opt
(G = 10), &m � 1.7 and 7.9 with IceCube and IceCube-Gen2,
respectively. It is possible for IceCube to detect neutrinos from
EEs, while detections with IceCube-Gen2 are more promising.
However, for dL=300 Mpc, the neutrino detection for the
prompt, flare, and plateau neutrino emissions may still be
challenging even with IceCube-Gen2, since & .m( )p 1 for
them is less than 0.01.
The neutrino fluence of GRBs is sensitive to the Lorentz

factor. To take this effect into account in a reasonable manner,
we consider the distribution of Γ to calculate the detection
probability of EEs by current and future neutrino experiments.
The Lorentz factor distribution is assumed to be lognormal:

s
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G
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G GG
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where F0 is the normalization factor (ò G G =
G

¥ ( )F d ln 1
min

), G0

is the mean Lorentz factor, and sG is the dispersion in
logarithmic space.6 Here, we introduce the minimum Lorentz
factor G » 2min , below which we assume that such a slow jet
does not exist. We calculate &m for EEs with various Γ, and we
estimate the detection probabilities ò= G GP d F pk k and
& . = - åm <( )P k P1 i k i. Note that pk is a function of Γ

and δ through fn and Aeff , respectively. We calculate Pk for
upgoing+horizontal and downgoing events separately, and we
consider a covering-factor-weighted average as the all-sky

Table 1
Used Parameters (Top Section) and Resultant Quantities (Bottom Section)

Parameters Γ *gL ,iso
-( )erg s 1 E*g,iso (erg) rdiss (cm) gE ,pk (keV) Energy Band (keV)

EE-mod 30 3×1048 1051 1014 1 0.3–10
EE-opt 10 3×1048 1051 3×1013 10 0.3–10
Prompt 103 1051 1051 3×1013 500 10–103

Flare 30 1048 3×1050 3×1014 0.3 0.3–10
Plateau 30 1047 3×1050 3×1014 0.1 0.3–10

Quantities B (G) gL ,iso (erg s−1) Eg,iso (erg) Ep M, (EeV) n mE , (EeV) n pE , (EeV)

EE-mod 2.9×103 1.2×1049 3.8×1051 21 0.020 0.28
EE-opt 5.0×104 3.4×1049 1.1×1052 6.0 3.9×10−4 5.4×10−3

Prompt 6.7×103 6.1×1051 6.1×1051 60 0.29 4.0
Flare 5.3×102 3.5×1048 1.0×1051 25 0.11 1.5
Plateau 1.8×102 3.8×1047 1.1×1051 13 0.33 4.6

Figure 1. Neutrino fluences from the EE-mod, EE-opt, prompt emission, flare,
and plateau for dL=300 Mpc.

6 Although the exact shape of G( )F is uncertain, the results of some analyses
look lognormal, rather than Gaussian (Guetta et al. 2004; Liang et al. 2010).
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number density. This makes EEs more luminous than the
others. The magnetic fields are so strong that spectral breaks
due to both the muon and pion cooling supressions are seen in
Figure 1. The proton maximum energy is determined by the
photomeson production, leading to relatively lower values of
Ep M, . For the other three models, <gf 1p is satisfied and the
lower fluences are obtained. The magnetic fields are so weak
that pion cooling is not important in these models. The
maximum energy is determined by adiabatic losses for prompt
and plateau emissions, and by photomeson production for
flares.

For flares and plateaus, G ~ 10 and ~r 10diss
13 cm are also

possible(e.g., Nagakura et al. 2014; Kisaka et al. 2015), and
then they can be as bright as EEs owing to the high pion
production efficiency. Also, neutrino fluences from prompt
emission can be higher than the plateau and flares if 1G 300 is
realized.

3. Probability of Neutrino Detection

The expected number of nm-induced events is estimated to be

& ò f d=m n n n( ) ( )A E dE, , 7eff

where Aeff is the effective area. The effective areas of upgoing
+horizontal and downgoing tracks for IceCube is shown in
Aartsen et al. (2017) as a function of Eν. For upgoing

+horizontal muon neutrino events (d > - n5 ), the atmospheric
muons are shielded by the Earth. For IceCube-Gen2, we use
102 3 times larger effective areas than those of both upgoing
+horizontal and downgoing events for IceCube. The effective
area of downgoing muon neutrino events in IceCube-Gen2 may
not be simply scaled, but the simple scaling is sufficient for the
demonstrative purpose of this work. We set the threshold
energy for neutrino detection to 100GeV for IceCube and
1TeV for IceCube-Gen2.
The probability of detecting k neutrino events, pk, is

described by the Poisson distribution. The detection probability
of more than k neutrinos is represented as & . =m( )p k
- å < p1 i k i. We find that for EE-mod (G = 30), the prob-

ability for upgoing+horizontal events, & .m( )p 1 , is 0.04 and
0.16 with IceCube and IceCube-Gen2, respectively. For EE-opt
(G = 10), &m � 1.7 and 7.9 with IceCube and IceCube-Gen2,
respectively. It is possible for IceCube to detect neutrinos from
EEs, while detections with IceCube-Gen2 are more promising.
However, for dL=300 Mpc, the neutrino detection for the
prompt, flare, and plateau neutrino emissions may still be
challenging even with IceCube-Gen2, since & .m( )p 1 for
them is less than 0.01.
The neutrino fluence of GRBs is sensitive to the Lorentz

factor. To take this effect into account in a reasonable manner,
we consider the distribution of Γ to calculate the detection
probability of EEs by current and future neutrino experiments.
The Lorentz factor distribution is assumed to be lognormal:
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where F0 is the normalization factor (ò G G =
G

¥ ( )F d ln 1
min

), G0

is the mean Lorentz factor, and sG is the dispersion in
logarithmic space.6 Here, we introduce the minimum Lorentz
factor G » 2min , below which we assume that such a slow jet
does not exist. We calculate &m for EEs with various Γ, and we
estimate the detection probabilities ò= G GP d F pk k and
& . = - åm <( )P k P1 i k i. Note that pk is a function of Γ

and δ through fn and Aeff , respectively. We calculate Pk for
upgoing+horizontal and downgoing events separately, and we
consider a covering-factor-weighted average as the all-sky

Table 1
Used Parameters (Top Section) and Resultant Quantities (Bottom Section)

Parameters Γ *gL ,iso
-( )erg s 1 E*g,iso (erg) rdiss (cm) gE ,pk (keV) Energy Band (keV)

EE-mod 30 3×1048 1051 1014 1 0.3–10
EE-opt 10 3×1048 1051 3×1013 10 0.3–10
Prompt 103 1051 1051 3×1013 500 10–103

Flare 30 1048 3×1050 3×1014 0.3 0.3–10
Plateau 30 1047 3×1050 3×1014 0.1 0.3–10

Quantities B (G) gL ,iso (erg s−1) Eg,iso (erg) Ep M, (EeV) n mE , (EeV) n pE , (EeV)

EE-mod 2.9×103 1.2×1049 3.8×1051 21 0.020 0.28
EE-opt 5.0×104 3.4×1049 1.1×1052 6.0 3.9×10−4 5.4×10−3

Prompt 6.7×103 6.1×1051 6.1×1051 60 0.29 4.0
Flare 5.3×102 3.5×1048 1.0×1051 25 0.11 1.5
Plateau 1.8×102 3.8×1047 1.1×1051 13 0.33 4.6

Figure 1. Neutrino fluences from the EE-mod, EE-opt, prompt emission, flare,
and plateau for dL=300 Mpc.

6 Although the exact shape of G( )F is uncertain, the results of some analyses
look lognormal, rather than Gaussian (Guetta et al. 2004; Liang et al. 2010).
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TABLE II. Detection probability of neutrinos by IceCube (IC)
and IceCube-Gen2 (Gen2)

Detection Probability for a single event

model p1 (IC) p1 (Gen2) p2 (Gen2)
A 0.11 0.40 0.093
B 6.2×10−3 0.026 3.5×10−4

Detection probability for a given interval

model P1yr (IC) P3yr (IC) P1yr (Gen2) P3yr (Gen2)
A 0.38 0.76 0.88 0.998
model P1yr (IC) P10yr (IC) P1yr (Gen2) P10yr (Gen2)
B 0.025 0.23 0.10 0.67

tion and inelastic pp collision, respectively, and the sub-
script π − νµ indicates the muon neutrinos produced
from pions. The muons decay to neutrinos and elec-
trons/positrons, whose spectrum is represented as

E2
νe

dNνe

dEνe

≈ E2
µ−νµ

dNµ−νµ

dEµ−νµ

≈ fµ,supE
2
νµ

dNνµ

dEνµ

(15)

where fµ,sup = 1 − exp(−t−1
µ,dec/t

−1
µ,cl) is the suppression

factor by the muon cooling, t−1
µ,cl = t−1

µ,syn + t−1
dyn and the

subscript µ− νµ indicates the muon neutrinos produced
from muons. These muon and electron neutrinos change
their flavor during the propagation to the Earth. The
electron and muon neutrino fluences at the Earth are
estimated to be [e.g., 9]

φνe+νe =
10

18
φ0
νe+νe

+
4

18
(φ0

νµ+νµ
+ φ0

ντ+ντ
), (16)

φνµ+νµ =
4

18
φ0
νe+νe

+
7

18
(φ0

νµ+νµ
+ φ0

ντ+ντ
), (17)

where φ0
i = (dNi/dEi)/(4πd2L) is the neutrino fluence at

the source and dL is the luminosity distance. The resul-
tant muon neutrino fluences are shown in Figure 3 for
optimistic (model A) and conservative (model B) sets
of parameters tabulated in Table I. We set dL = 300
Mpc, which is the declination-averaged horizon distance
for face-on NS-NS merger events for the design sensitiv-
ity of the second generation detectors [10]. For model A,
the cutoff energy is given by the maximum proton energy,
Eν ∼ 400 TeV, while for model B, the spectrum break
is caused by the adiabatic and hadronic cooling of pi-
ons around Eν ∼ 50 TeV. The combination of the muon
cooling and the neutrino oscillation causes a slightly soft
spectrum at 3 TeV ! Eν ! 200 TeV for model A and at
1 TeV ! Eν ! 50 TeV for model B.

These neutrinos can be detected by IceCube or
IceCube-Gen2 as νµ-induced track events, whose ex-
pected event number is estimated to be

Nµ =

∫
φνAeff(δ, Eν)dEν , (18)

where Aeff is the effective area. Since downgoing events
suffer from the atmospheric background, we focus on
the upgoing+horizontal events that have declination δ >
−5◦. We use the effective area shown in Ref. [11]
for IceCube. For IceCube-Gen2, we use 102/3 times
larger Aeff than that for IceCube, although it depends
on the specific configurations. The threshold energy for
the neutrino detection is set to 0.1 TeV for IceCube
and 1 TeV for IceCube-Gen2. The detection probabil-
ity of k neutrinos is described by the Poisson distri-

bution, pk = N k
exp(−N )/k!, and the probability of

more than k neutrino detections is 1 −
∑

i<k pk. We
calculate the detection probability for models A and B,
which is tabulated in the upper part of Table II. Ice-
Cube is unlikely to detect any coincident neutrino sig-
nals, while we can expect a neutrino event with IceCube-
Gen2 for model A. Using the neutron star merger rate
obtained by LIGO, R ∼ 1.5 × 103 Gpc−3 yr−1, around
170 merger events happen within 300 Mpc every year.
The fraction of on-axis events is fb ∼ 0.045θ2j,0.3, lead-
ing to an on-axis merger rate R0 ≃4.1 yr−1 within the
upgoing+horizontal coverage area. Supposing that all
the merger events produce the same amount of neutri-
nos, we estimate the detection probability within a given
time interval, P∆t = 1 − pR0∆t

0 . The resultant values
are tabulated in the lower part of Table II. For model A,
neutrino detection is highly probable for a few years of
operation even with IceCube. For model B, it is not easy
to detect a single neutrino event with IceCube, while the
detection is probable with IceCube-Gen2 for 10 years of
operation.

IV. SUMMARY & DISCUSSION

The detection prospects of sub-photospheric neutrinos
from the neutron star mergers are investigated. We con-
sider the situation in which the jet is choked inside the
kilonova/macronova ejecta. We evaluate the particle ac-
celeration condition for the internal shocks in the pre-
collimated jet and the collimation shocks, and find that
the non-thermal protons can be accelerated for Γj " 200
for the internal shocks and Γj " 500 for the collimation
shocks. We estimate the time scales and critical energies
relevant for neutrino production, and show that the in-
ternal shocks are efficient high-energy neutrino sources
while the collimation shocks are unlikely to produce the
high-energy neutrinos. According to the estimated neu-
trino fluence, the detection of the neutrinos from the in-
ternal shocks are probable by IceCube for a few years of
operation for optimistic case. With IceCube-Gen2, the
neutrino detection is possible even for conservative case.
If the jets are powerful enough to satisfy Liso > Liso,cr

at t = tdur, the jets are expected to be observed as the
classical SGRBs from on-axis observers. The prompt
neutrinos from typical SGRBs tends to emit higher
energy neutrinos, Eν " 1 − 10 PeV, while the sub-
photospheric neutrinos are much lower energies, Eν !

number density. This makes EEs more luminous than the
others. The magnetic fields are so strong that spectral breaks
due to both the muon and pion cooling supressions are seen in
Figure 1. The proton maximum energy is determined by the
photomeson production, leading to relatively lower values of
Ep M, . For the other three models, <gf 1p is satisfied and the
lower fluences are obtained. The magnetic fields are so weak
that pion cooling is not important in these models. The
maximum energy is determined by adiabatic losses for prompt
and plateau emissions, and by photomeson production for
flares.

For flares and plateaus, G ~ 10 and ~r 10diss
13 cm are also

possible(e.g., Nagakura et al. 2014; Kisaka et al. 2015), and
then they can be as bright as EEs owing to the high pion
production efficiency. Also, neutrino fluences from prompt
emission can be higher than the plateau and flares if 1G 300 is
realized.

3. Probability of Neutrino Detection

The expected number of nm-induced events is estimated to be

& ò f d=m n n n( ) ( )A E dE, , 7eff

where Aeff is the effective area. The effective areas of upgoing
+horizontal and downgoing tracks for IceCube is shown in
Aartsen et al. (2017) as a function of Eν. For upgoing

+horizontal muon neutrino events (d > - n5 ), the atmospheric
muons are shielded by the Earth. For IceCube-Gen2, we use
102 3 times larger effective areas than those of both upgoing
+horizontal and downgoing events for IceCube. The effective
area of downgoing muon neutrino events in IceCube-Gen2 may
not be simply scaled, but the simple scaling is sufficient for the
demonstrative purpose of this work. We set the threshold
energy for neutrino detection to 100GeV for IceCube and
1TeV for IceCube-Gen2.
The probability of detecting k neutrino events, pk, is

described by the Poisson distribution. The detection probability
of more than k neutrinos is represented as & . =m( )p k
- å < p1 i k i. We find that for EE-mod (G = 30), the prob-

ability for upgoing+horizontal events, & .m( )p 1 , is 0.04 and
0.16 with IceCube and IceCube-Gen2, respectively. For EE-opt
(G = 10), &m � 1.7 and 7.9 with IceCube and IceCube-Gen2,
respectively. It is possible for IceCube to detect neutrinos from
EEs, while detections with IceCube-Gen2 are more promising.
However, for dL=300 Mpc, the neutrino detection for the
prompt, flare, and plateau neutrino emissions may still be
challenging even with IceCube-Gen2, since & .m( )p 1 for
them is less than 0.01.
The neutrino fluence of GRBs is sensitive to the Lorentz

factor. To take this effect into account in a reasonable manner,
we consider the distribution of Γ to calculate the detection
probability of EEs by current and future neutrino experiments.
The Lorentz factor distribution is assumed to be lognormal:
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where F0 is the normalization factor (ò G G =
G

¥ ( )F d ln 1
min

), G0

is the mean Lorentz factor, and sG is the dispersion in
logarithmic space.6 Here, we introduce the minimum Lorentz
factor G » 2min , below which we assume that such a slow jet
does not exist. We calculate &m for EEs with various Γ, and we
estimate the detection probabilities ò= G GP d F pk k and
& . = - åm <( )P k P1 i k i. Note that pk is a function of Γ

and δ through fn and Aeff , respectively. We calculate Pk for
upgoing+horizontal and downgoing events separately, and we
consider a covering-factor-weighted average as the all-sky

Table 1
Used Parameters (Top Section) and Resultant Quantities (Bottom Section)

Parameters Γ *gL ,iso
-( )erg s 1 E*g,iso (erg) rdiss (cm) gE ,pk (keV) Energy Band (keV)

EE-mod 30 3×1048 1051 1014 1 0.3–10
EE-opt 10 3×1048 1051 3×1013 10 0.3–10
Prompt 103 1051 1051 3×1013 500 10–103

Flare 30 1048 3×1050 3×1014 0.3 0.3–10
Plateau 30 1047 3×1050 3×1014 0.1 0.3–10

Quantities B (G) gL ,iso (erg s−1) Eg,iso (erg) Ep M, (EeV) n mE , (EeV) n pE , (EeV)

EE-mod 2.9×103 1.2×1049 3.8×1051 21 0.020 0.28
EE-opt 5.0×104 3.4×1049 1.1×1052 6.0 3.9×10−4 5.4×10−3

Prompt 6.7×103 6.1×1051 6.1×1051 60 0.29 4.0
Flare 5.3×102 3.5×1048 1.0×1051 25 0.11 1.5
Plateau 1.8×102 3.8×1047 1.1×1051 13 0.33 4.6

Figure 1. Neutrino fluences from the EE-mod, EE-opt, prompt emission, flare,
and plateau for dL=300 Mpc.

6 Although the exact shape of G( )F is uncertain, the results of some analyses
look lognormal, rather than Gaussian (Guetta et al. 2004; Liang et al. 2010).
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detection probability. Since several parameters are uncertain,
we consider moderate (EE-mod-dist) and optimistic (EE-opt-
dist) models. The basic parameters for EE-mod-dist (EE-opt-
dist) are the same as those for EE-mod (EE-opt) with
G = G =( )30 100 0 . In each case, we examine s =G 2 (EE-
mod-dist-A and EE-opt-dist-A) and s =G 4 (EE-mod-dist-B
and EE-opt-dist-B).

The resultant Pk are shown in Table 2, where we use
dL=300 Mpc. The upgoing+horizontal events have higher
probability than the downgoing events owing to a higher Aeff
for low Eν. In EE-mod-dist cases, the lower sG model (EE-
mod-dist-A) has slightly lower detection probabilities, because
they have a smaller fraction of lower-Γ EEs. On the other hand,
EE-opt-dist-A has higher detection probabilities than EE-opt-
dist-B due to a smaller fraction of higher-Γ EEs. We also
estimate Pk using declination-averaged effective area for
IceCube, ò= WA d Aeff,ave eff , shown as IC (Aeff,ave) in
Table 2, which shows slightly higher & .m( )P 1 for EE-opt-
dist. Although the declination dependence of Aeff does not
change our conclusion much, the declination-dependent
analysis is important for more quantitative evaluations.

Using the relation & fµ µm n
-

m
dL

2, we estimate
& . = -m( )P P1 1 0 as a function of dL, which is shown in

Figure 2. Here, we ignore the effects of cosmological redshift,
since we focus on the local universe at 1d 2L Gpc. The
vertical dotted lines show dL=300 Mpc and dL=600 Mpc,
which corresponds to the sensitivity ranges of face-on NS–NS
and NS–BH mergers by aLIGO, respectively. For NS–BH
mergers, since the distance is longer, & .m( )P 1 is lower than
those for NS–NS mergers. The detection probability of nearby
events is affected by sG, while that of distant events is not.

We estimate the detection probability within a given time
interval,DT , which is estimated to be ( = -D P1T

N
0 , where N

is the number of EEs for the time interval within the covering
area of neutrino detectors. The local SGRB rate is
~ -- - - -4 Gpc yr 10 Gpc yr3 1 3 1 (e.g., Nakar et al. 2006; Wan-
derman & Piran 2015), so the event rate within the sensitivity
range of aLIGO (300Mpc) is ~ -- -0.46 yr 1.1 yr1 1.

According to the Swift results, ∼25% of SGRBs are
accompanied by EEs (Sakamoto et al. 2011), noting that softer
instruments could detect more EEs(Nakamura et al. 2014).
Here, we simply assume that half of SGRBs have EEs, leading
to N∼2–5 forD =T 10 years. Within the sensitivity range of
NS–BH mergers by aLIGO (600Mpc), the SGRB rate is
~ -- -3.7 yr 9.0 yr1 1, leading to ∼9–22 EEs for a 5year

Table 2
The Detection Probabilities, & .m( )P k , for dL=300 Mpc

EE-mod-dist-A IC (up+hor) IC (down) IC (all) Gen2 (all) IC (Aeff,ave)

& .m( )P 1 0.07 0.04 0.06 0.21 0.06
& .m( )P 2 0.01 0.00 0.00 0.05 0.00

EE-mod-dist-B IC (up+hor) IC (down) IC (all) Gen2 (all) IC (Aeff,ave)

& .m( )P 1 0.11 0.04 0.08 0.25 0.08
& .m( )P 2 0.02 0.00 0.01 0.10 0.01

EE-opt-dist-A IC (up+hor) IC (down) IC (all) Gen2 (all) IC (Aeff,ave)

& .m( )P 1 0.74 0.25 0.52 0.86 0.59
& .m( )P 2 0.42 0.04 0.25 0.69 0.24

EE-opt-dist-B IC (up+hor) IC (down) IC (all) Gen2 (all) IC (Aeff,ave)

& .m( )P 1 0.60 0.19 0.41 0.73 0.47
& .m( )P 2 0.31 0.02 0.18 0.55 0.17

Note. IC: IceCube, Gen2: IceCube-Gen2, up+hor: upgoing+horizontal events, down: downgoing events, all: covering-factor-weighted average over the up+hor and
down, Aeff,ave: using the declination-averaged effective area.

Figure 2. Detection probability & .m( )P 1 as a function of luminosity distance
dL. The upper and lower panels are with IceCube and IceCube-Gen2, respectively.
The vertical thin-dotted lines show dL=300 Mpc and dL=600Mpc.
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Particle Acceleration

• Particle acceleration requires sharp velocity jump in λmfp

• High upstream density —> no particle acceleration 
high density —> radiation pressure dominant @ down stream 
—> photons diffuse to upstream —> decelerate the upstream fluid  
—> gradual velocity change (Radiation Mediated Shock)
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FIG. 3: Cartoon of the di↵usive shock acceleration (left) and shock heating mechanisms [after 30, after an original sketch by M.
Scholer]. In di↵usive shock acceleration the particle is scattered around the shock being much faster than the shock. The requirement is

the presence of upstream waves and downstream turbulence or waves. In shock heating the particle is a member of the main particle
distribution, is trapped for a while at the shock and thereby thermalised and accelerated until leaving the shock.

The belief in Cosmic Ray acceleration by shocks is large fuelled by the spatial isotropy of Cosmic Rays as well from
its approximate power law shape over wide ranges of the spectrum even though the spectrum exhibits several breaks
in this shape (see the figure) and becomes quite uncertain at extremely high energies. However, Cosmic Rays require
highly relativistic or even ultrarelativistic shocks [cf, e.g, 86]. Thus the contribution of heliospheric shock acceleration
is quite naturally restricted to the range of weakly relativistic particles and to the investigation of particle acceleration
by measuring energetic particle spectra in situ the shock environment. These measurements can then be compared
with theory and in the first place numerical simulations in order to select the relevant acceleration models for medium
energy particles (< GeV ions and < MeV electrons).

In addition, because of the availability – or at least the occasional availability – of collisionless shocks in space,
like planetary bow shocks, travelling interplanetary shocks, corotating interaction regions, coronal shocks and the
heliospheric terminal shock, one of the most interesting questions in shock acceleration theory can be treated. This
is the above mentioned complex of questions that are related to the so-called shock particle injection problem: Which
of the various mechanisms is capable of accelerating ions and electrons out of the main streaming thermal plasma
distributions to energies high enough that they can become injected into the cycle of the shock-Fermi acceleration
machine? Theory has so far been unable to ultimately answer this question. However, a number of sub-processes
acting in the shock have in the past been proposed of which it is believed that some of them are indeed capable
of contributing to answering this question. This problem does not directly stimulate astrophysical interest as it is
believed that in the huge astrophysical objects with the available high energies su�ciently many particles will always
have su�ciently high energy for initiating the Fermi process. Here another problem awakens attention even when the
shocks are non-relativistic: this is the question what happens to a shock, if it is exposed to a substantial density of
energetic particles, particles that have undergone Fermi acceleration and fill all the space upstream and downstream
of the shock. These particles are believed to modulate the shock, transforming it into a energetic particle (or Cosmic
Ray) mediated shock wave. We are not going to treat this problem here as in the heliosphere there is presumably only
one single shock that may be subject to weak modulation by the Anomalous Cosmic Ray component that is present
in the heliosphere, the Heliospheric Terminal Shock, which we will briefly treat in passing in the second part of this
volume.

II. ACCELERATING IONS WHEN THEY ARE ALREADY FAST

When dealing with the acceleration of particles by shocks, the physics of the shock stands back and is not of large
interest. The shock appears as a boundary between two independent regions of di↵erent bulk flow parameters which
are filled with scattering centres for the particles as sketched in Figure 1 (see also the cartoon in Figure 3). These
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Figure 45. Shock structure for ε = 50 MeV. The dotted black line is the
analytic solution for Γβ obtained by Weaver (1976, Equation (5.10)), with
average Compton cross section σ̄C = 0.56σT .
(A color version of this figure is available in the online journal.)

To conclude, the preliminary solution found using our numer-
ical scheme is consistent with Weaver’s results. In addition, the
detailed spectra support the validity of Weaver’s approximations
regarding the radiation spectrum. The fact that the results for
NR shocks are in agreement with previous work supports the
validity of the numerical scheme.

8. DISCUSSION

We have calculated and analyzed the structure of RRMSs.
A qualitative discussion of the shock physics was presented in
Section 2, including analytic estimates for the length scales
of NR RMS (see Figure 1 for a schematic shock structure
description) and of the immediate DS temperatures of both NR
RMS (Equation (8)) and RRMS (Equation (11)). We have also
shown (in Section 2.3.3) that the immediate DS of RRMS is
expected to be subsonic, and concluded that the structure of
RRMS must include two sonic points.

In Section 3, we derived a dimensionless form of the equations
describing the conservation and transport equations determining
the structure of the shock, and described in detail the radiative
processes included in our treatment and the approximations
we used. In Section 4, we presented a novel iteration scheme
for numerically solving the equations, and demonstrated its
validity by applying it to several test cases. In Section 5, we
have presented numerical solutions for the profiles and radiation
spectra of RRMS, for upstream Lorentz factors Γu in the range
of –30. The main results obtained are described below.

1. Structure and radiation spectrum. In Section 5.1, we
showed that the structure of RRMS can be divided into
four regions, from US to DS: the far US, the transition
region, the immediate DS, and the far DS. The far US
is characterized by a velocity close to the US velocity
and a radiation energy–momentum flux much smaller than
that of the US plasma. The transition region is where the
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Figure 46. Spectra of the radiation in the shock frame along the shock profile for ε = 50 MeV. Upper left: far upstream (β = 0.99βu), upper right: inside the velocity
transition (β = 0.5βu) and lower: In the immediate downstream (τ∗ = 37).
(A color version of this figure is available in the online journal.)
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the ejecta, ρ ∝ R−3 as expected for the dynamical ejecta
[59], the position of the collimation shock and condition
for jet breakout are different.
The fluctuations of jet velocity create the internal

shocks. The fast shell with the Lorentz factor Γr catches
up the slower one of Γs at

Ris ≈ 2ctvarΓ
2
s ≈

ctvarΓ2
j

2Γ2
rel-is

(6)

≃ 8.4× 109tvar,−4Γ
2
j,2.48Γ

−2
rel-is,0.6 cm,

where tvar is the variability time (tvar,−4 = tvar/(0.1 ms)),
Γj ≈

√
ΓrΓs is the Lorentz factor of the merged shell, and

Γrel-is ≈ Γr/(2Γj) is the relative Lorentz factor between
the merged shell and the fast shell (Γrel-is,0.6 = Γrel-is/4).
Here, we assume that the mass of the fast shell is equal to
that of the slow shell, and treat Γj and Γrel-is as primary
parameters. The condition for the internal shock forma-
tion in the pre-collimated jet is written as Ris < Rcs,
or

Γj < 3.3× 102L1/4
k,iso,51M

−1/4
ej,−2β

1/4
ej,−0.48t

3/4
dur,0.3 (7)

×χ1/4
lag,0.18t

−1/2
var,−4Γrel-is,0.6,

The allowed parameter range is shown in Figure 2 (green-
dotted line). Note that the internal shocks may be
formed in the collimated jet, since the velocity fluctu-
ations exist inside the collimated jet [77]. However, the
Lorentz factor in the collimated jet is so low that the
internal shocks there cannot avoid being mediated by ra-
diation (see Subsection II B). Note also that tvar ∼ 0.1 ms
is possible because the dynamical timescale of the cen-
tral engine is of the order or shorter than it. This short
variability timescale can lead to sub-photospheric dissi-
pation, so it would not be observed in canonical GRBs.
Also, the GRB analyses with current instruments cannot
catch the short variability timescale, since the time bins
used in the analyses are longer than a few ms [80, 81].

B. Radiation constraints on shock acceleration

The non-thermal particle acceleration at the shock re-
quires the sharp velocity change in the gyration scale
of the plasma particles, which is achieved if the shock
is mediated by the plasma instabilities [82]. However,
when the optical depth of the shock upstream is large, the
shock is mediated by radiation, which causes the gradual
velocity change in the plasma scale [83, 84]. This pre-
vents the particles from being accelerated and gives an
important necessary condition for the resulting neutrino
emission, as studied in Refs. [50, 56]. The condition for
the particle acceleration is written using the upstream
rest-frame quantities as [50, 56]

τu = nuσT lu ! 1, or τu ! τcrit ≈
0.1Γsh

1 + 2 lnΓ2
sh

(8)

where nu is the comoving number density at the shock
upstream (hereafter, we use n for the comoving number

TABLE I. Model Parameters

Shared parameters

Mej[M⊙] βej tlag [s] θj ξB
0.01 0.33 1 0.3 0.1

Parameters for the Collimation shock model

Lk,iso[erg s−1] Γj tdur [s] Γrel-cs Γcj

1051 600 2 90 3.3

Fixed Parameters for the internal shock models

Γrel-is ϵe tvar [s] α1 α2 ϵp ξacc
4 0.1 10−4 0.5 2.0 0.3 1

Parameters for the internal shock models

model Lk,iso[erg s−1] Γj tdur or tbo [s] εγ,pk [keV]
A 1051 300 2 1.7
B 1050 150 2 3.3
C 1052 350 0.92 1.3

FIG. 2. The allowed parameter range on Γj-Lk,iso plane for
tvar = 10−4 s and Γrel-is = 4. The radiation constraints in
equation (8) are drawn for internal shocks (red-solid lines)
and collimation shocks (blue-dashed lines) for τu < 1 (thick
lines) and τu < τcrit (thin lines). The dissipation radius con-
dition, Ris < Rcs (green-dotted line), and the jet breakout
condition, Rh < Rej (black-dot-dashed line), are also shown.
The allowed parameter region for internal shock models is
colored cyan, and the range of observed SGRBs is colored
yellow. The allowed parameter range for the internal shocks
is located on the typical parameter space of SGRBs, while the
collimation shock requires higher Γj to accelerate CRs.

density and N for the density in the observer frame),
σT is the Thomson cross section, lu is the length of the
upstream fluid, and Γsh is the relative Lorentz factor be-
tween the shock upstream and downstream. For the non-
relativistic flow, the first condition can be used, while the
second condition is relevant for the relativistic flow where
the electron-positron pairs are produced in the upstream.
Since the second condition is derived with assumptions

• Cosmic-ray production requires high Lorentz factor jets 
Γ ~ 200 for internal shocks, Γ ~ 500 for collimation shocks

• High Γ for internal shock leads to larger dissipation radius 
—> inconsistent with our assumption
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FIG. 3. The inverse of the timescales at the collimation shock
for protons (upper panel) and pions (lower panel) as functions
of the comoving proton and pion energy, respectively. We
can see that in the comoving frame, the maximum
energy of protons is 3× 102 TeV, while the pion cool-
ing is effective for ! 0.06 TeV. Since the collimation
jets have low Lorentz factor, Γcj ∼ 3, they produce
neutrinos of Eν < 0.1 TeV.

Uγ = aT 4 ≈ (Γrel-cs − 1)ncs,dmpc2, the temperature in
the collimated jet are estimated to be

T ≃ 9.7θ1/2j,−0.52M
1/4
ej,−2β

−1/4
ej,−0.48t

−3/4
dur,0.3χ

−1/4
lag,0.18 keV. (12)

Note that the temperature and radiation energy density
in the collimated jet is independent of both Lk,iso and Γj .

In the collimated jet, np ≈ ncs,d and B ≈
√

8πξBaT 4,
where ξB is the ratio of the magnetic field energy density
to the radiation energy density.

We plot the timescales at the collimation shock for
protons in the upper panel of Figure 3, and tabulate the
parameters in Table I. We do not show another relevant
timescale, the advection time tadv = Rh/(cΓcj), because
it is much longer. We can see that the Bethe-Heigler pro-
cess suppresses the pion production for 0.01 TeV" εp " 1
TeV, while the pion production efficiency is almost unity
above εp ! 1 TeV. The maximum energy of the protons

FIG. 4. Same as Fig. 3, but for the internal shock with
model A. The protons are accelerated to a few tens of
TeV, and pion cooling is effective around several TeV.
The internal shock model has a higher Lorentz factor,
Γj ∼ 300, so they can emit neutrinos of Eν > 100 TeV.

is εp ≃ 3.1× 102 TeV for our reference parameters.

The lower panel of Figure 3 show the cooling times
and decay time of the pions. We can see that the pion
synchrotron is effective for επ ! 0.06 TeV due to the
high density and the strong magnetic field in the colli-
mated jet. The critical energies at which synchrotron and
hadronic processes become important are estimated to be

επ,syn ≃ 0.062θ−1
j,−0.52M

−1/2
ej,−2β

1/2
ej,−0.48t

3/2
dur,0.3χ

1/2
lag,0.18ξ

−1/2
B,−1

TeV (ξB,−1 = ξB/0.1) and επp ≃
0.50θ−1

j,−0.52Γj,2.78βej,−0.48M
−1
ej,−2t

3
dur,0.3 TeV, respec-

tively (Γj,2.78 = Γj/600). Since the Lorentz factor of
the emission region is small, Γcj ∼ 3.3, the neutrino
emission from the collimation shocks will occur at too
low energies for detection with IceCube.
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TeV, and pion cooling is effective around several TeV.
The internal shock model has a higher Lorentz factor,
Γj ∼ 300, so they can emit neutrinos of Eν > 100 TeV.

is εp ≃ 3.1× 102 TeV for our reference parameters.

The lower panel of Figure 3 show the cooling times
and decay time of the pions. We can see that the pion
synchrotron is effective for επ ! 0.06 TeV due to the
high density and the strong magnetic field in the colli-
mated jet. The critical energies at which synchrotron and
hadronic processes become important are estimated to be

επ,syn ≃ 0.062θ−1
j,−0.52M

−1/2
ej,−2β

1/2
ej,−0.48t

3/2
dur,0.3χ

1/2
lag,0.18ξ

−1/2
B,−1

TeV (ξB,−1 = ξB/0.1) and επp ≃
0.50θ−1

j,−0.52Γj,2.78βej,−0.48M
−1
ej,−2t

3
dur,0.3 TeV, respec-

tively (Γj,2.78 = Γj/600). Since the Lorentz factor of
the emission region is small, Γcj ∼ 3.3, the neutrino
emission from the collimation shocks will occur at too
low energies for detection with IceCube.

Collimation shock: Eν < 10 TeV
      Internal Shocks: Eν ~ 100 TeV
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• E < 300 TeV

49

4

Note that the temperature and radiation energy density
in the collimation jet is independent of both Liso and Γj .

In the collimation jet, np ≈ ncj and B ≈
√

8πξBaT 4,
where ξB is the ratio of the magnetic field energy density
to the radiation energy density.

We plot the timescales for the collimation shock in the
upper panel of Figure 2, and tabulate the parameters in
Table I. We do not show other relevant timescales, such
as the advection time tadv = Rh/(cΓcj) and tp,syn be-
cause they are much longer. We can see that the Bethe-
Heigler process suppresses the pion production for 0.01
TeV ! εp ! 1 TeV, while the pion production efficiency is
almost unity above εp "1 TeV. The maximum energy of
the protons εp ≃ 3.1× 102 TeV. However, the pion cool-
ings are significant for επ " 0.1 TeV due to the high den-
sity and the strong magnetic field in the collimation jet.
The critical energies at which synchrotron and hadronic
processes become important are estimated to be επ,syn ≃
0.062θ−1

j,0.3M
−1/2
ej,−2β

1/2
ej,0.33t

3/2
dur,2χ

1/2
lag,1.5ξ

−1/2
B,−1 TeV (ξB,−1 =

ξB/0.1) and εpπ ≃ 0.50θ−1
j,0.3Γj,300βj,0.33M

−1
ej,−2t

3
dur,2 TeV,

respectively. Since the Lorentz factor of the emission re-
gion is small, Γcj ∼ 3.3, we cannot expect high-energy
neutrinos of Eν > 10 TeV. This makes it difficult to
detect the high-energy neutrinos from the collimation
shocks near future.

2. Internal shocks

In the internal shocks, we expect two types of the tar-
get photons. One is the leakage photons from the col-
limation jet, and the other is the prompt photons from
the non-thermal electrons produced at the internal shock.
For the leakage photons, we assume that the escape frac-
tion is τ−1

cj ∼ Γcj/(ncjσTRcs). Then, the leakage pho-
ton density is Γj/(2Γcjτcj) times the photon density in
the collimation jet, where the factor Γj/(2Γcj) represents
the Lorentz boost. The energy of the leakage photons
is also boosted by Γj/(2Γcj). For the prompt photons,
we assume that a fraction ϵe of the thermal energy in
the downstream is converted to the non-thermal pho-
ton energy, Uγ ≈ ϵe(Γrel − 1)njmpc2, and use the bro-
ken power-law spectrum, dnγ/dεγ ∝ ε−α1

γ (ε−α2
γ ) for

εγ < εγ,pk (εγ > εγ,pk). The magnetic field at the in-
ternal shock is estimated to be B =

√
8πξBUγ .

In the bottom panel of Figure 2, we plot the inverse of
timescales for model A whose parameters are tabulated
in Table I. The photomeson production is the dominant
cooling process in the energy range of our interest, where
the contribution from the leakage photons is more impor-
tant than the prompt photons. Note that these leakage
photons have typically higher photon energy, εγ ∼ 1−10
MeV, than the prompt photons, resulting in the high
neutrino flux around 1–100 TeV range. The maximum
comoving proton energy is 30 TeV. The pions cooling is
not essential in this parameter set. The adiabatic cool-
ing is the most efficient for pions, and the critical energy

FIG. 3. The muon neutrino fluences from the internal shock
models for optimistic (model A: solid line) and conservative
(model B: dashed line) cases.

is επ,dyn ≃ 5.0tvar,−4Γj,300Γ
−2
rel,4 TeV. For low Γj case,

the hadronic cooling can be important due to their very
strong Γj dependence: εpπ ≃ 16L−1

iso,51t
2
var,−4Γ

6
j,300Γ

−4
rel,4

TeV. Since the Lorentz factor at the emission region for
the internal shock case is high, we can expect much higher
neutrino fluence at Eν > 10 TeV.

B. Neutrinos from the internal shocks

Since the collimation shock cannot produce the neu-
trinos of Eν > 10 TeV efficiently, we focus on the neu-
trino emissions from the internal shocks. For cosmic
rays at the internal shock, we consider that all the ther-
mal energy at the downstream is deposited on the non-
thermal protons. Assuming the canonical shock accel-
eration spectrum with an exponential cutoff, dN/dEp ∝
E−2

p exp(−Ep/Ep,max), the non-thermal proton spectrum
is approximated to be

E2
p
dN

dEp
≈ (Γrel − 1)Eiso

ln(Ep,max/Ep,min)
exp

(
− Ep

Ep,max

)
, (13)

where Eiso ≈ Lisotdur is the isotropic equivalent kinetic
energy, Ep,max and Ep,min are the maximum and mini-
mum energy of the non-thermal protons at the observer
frame, respectively. We use Ep,min ≈ ΓjΓrelmpc2 and
Ep,max = Γjεp,max is obtained by the balance between
the acceleration and cooling, i.e., tp,acc ≈ tp,cl.
These protons produce pions that decay to muons and

muon neutrinos. The muon neutrino spectrum by pion
decay is expressed as

E2
π−νµ

dNπ−νµ

dEπ−νµ

≈
(
1

8
fpγ +

1

6
fpp

)
fπ,supE

2
p
dNp

dEp
., (14)

where fpγ = t−1
pγ /t

−1
p,cl and fpp = t−1

pp /t
−1
p,cl are the neu-

trino production efficiency through photomeson produc-

number density. This makes EEs more luminous than the
others. The magnetic fields are so strong that spectral breaks
due to both the muon and pion cooling supressions are seen in
Figure 1. The proton maximum energy is determined by the
photomeson production, leading to relatively lower values of
Ep M, . For the other three models, <gf 1p is satisfied and the
lower fluences are obtained. The magnetic fields are so weak
that pion cooling is not important in these models. The
maximum energy is determined by adiabatic losses for prompt
and plateau emissions, and by photomeson production for
flares.

For flares and plateaus, G ~ 10 and ~r 10diss
13 cm are also

possible(e.g., Nagakura et al. 2014; Kisaka et al. 2015), and
then they can be as bright as EEs owing to the high pion
production efficiency. Also, neutrino fluences from prompt
emission can be higher than the plateau and flares if 1G 300 is
realized.

3. Probability of Neutrino Detection

The expected number of nm-induced events is estimated to be

& ò f d=m n n n( ) ( )A E dE, , 7eff

where Aeff is the effective area. The effective areas of upgoing
+horizontal and downgoing tracks for IceCube is shown in
Aartsen et al. (2017) as a function of Eν. For upgoing

+horizontal muon neutrino events (d > - n5 ), the atmospheric
muons are shielded by the Earth. For IceCube-Gen2, we use
102 3 times larger effective areas than those of both upgoing
+horizontal and downgoing events for IceCube. The effective
area of downgoing muon neutrino events in IceCube-Gen2 may
not be simply scaled, but the simple scaling is sufficient for the
demonstrative purpose of this work. We set the threshold
energy for neutrino detection to 100GeV for IceCube and
1TeV for IceCube-Gen2.
The probability of detecting k neutrino events, pk, is

described by the Poisson distribution. The detection probability
of more than k neutrinos is represented as & . =m( )p k
- å < p1 i k i. We find that for EE-mod (G = 30), the prob-

ability for upgoing+horizontal events, & .m( )p 1 , is 0.04 and
0.16 with IceCube and IceCube-Gen2, respectively. For EE-opt
(G = 10), &m � 1.7 and 7.9 with IceCube and IceCube-Gen2,
respectively. It is possible for IceCube to detect neutrinos from
EEs, while detections with IceCube-Gen2 are more promising.
However, for dL=300 Mpc, the neutrino detection for the
prompt, flare, and plateau neutrino emissions may still be
challenging even with IceCube-Gen2, since & .m( )p 1 for
them is less than 0.01.
The neutrino fluence of GRBs is sensitive to the Lorentz

factor. To take this effect into account in a reasonable manner,
we consider the distribution of Γ to calculate the detection
probability of EEs by current and future neutrino experiments.
The Lorentz factor distribution is assumed to be lognormal:
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where F0 is the normalization factor (ò G G =
G

¥ ( )F d ln 1
min

), G0

is the mean Lorentz factor, and sG is the dispersion in
logarithmic space.6 Here, we introduce the minimum Lorentz
factor G » 2min , below which we assume that such a slow jet
does not exist. We calculate &m for EEs with various Γ, and we
estimate the detection probabilities ò= G GP d F pk k and
& . = - åm <( )P k P1 i k i. Note that pk is a function of Γ

and δ through fn and Aeff , respectively. We calculate Pk for
upgoing+horizontal and downgoing events separately, and we
consider a covering-factor-weighted average as the all-sky

Table 1
Used Parameters (Top Section) and Resultant Quantities (Bottom Section)

Parameters Γ *gL ,iso
-( )erg s 1 E*g,iso (erg) rdiss (cm) gE ,pk (keV) Energy Band (keV)

EE-mod 30 3×1048 1051 1014 1 0.3–10
EE-opt 10 3×1048 1051 3×1013 10 0.3–10
Prompt 103 1051 1051 3×1013 500 10–103

Flare 30 1048 3×1050 3×1014 0.3 0.3–10
Plateau 30 1047 3×1050 3×1014 0.1 0.3–10

Quantities B (G) gL ,iso (erg s−1) Eg,iso (erg) Ep M, (EeV) n mE , (EeV) n pE , (EeV)

EE-mod 2.9×103 1.2×1049 3.8×1051 21 0.020 0.28
EE-opt 5.0×104 3.4×1049 1.1×1052 6.0 3.9×10−4 5.4×10−3

Prompt 6.7×103 6.1×1051 6.1×1051 60 0.29 4.0
Flare 5.3×102 3.5×1048 1.0×1051 25 0.11 1.5
Plateau 1.8×102 3.8×1047 1.1×1051 13 0.33 4.6

Figure 1. Neutrino fluences from the EE-mod, EE-opt, prompt emission, flare,
and plateau for dL=300 Mpc.

6 Although the exact shape of G( )F is uncertain, the results of some analyses
look lognormal, rather than Gaussian (Guetta et al. 2004; Liang et al. 2010).
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Figure 1. Rest-mass density profiles on the meridional plane for the NS–NS (SLy, Mtot = 2.7M⊙,Q = 1.0) (left) and BH–NS (H4, Q = 3, χ = 0.75) (right) models
at 8.8 ms after the onset of the merger. The red arrows show the velocity profiles of the ejecta.
(A color version of this figure is available in the online journal.)

simulation using SACRA code (Yamamoto et al. 2008). We
follow the dynamical ejecta with the numerical-relativity simu-
lation until the head of the ejecta reaches ≃1000 km (see Ho-
tokezaka et al. 2013 and Kyutoku et al. 2013 for details). After
that, the density and velocity structures of the ejecta are mod-
eled assuming homologous expansion (Rosswog et al. 2013a).
For the simulations, we employ a piecewise polytropic EOS with
which the cold EOSs of neutron-star matter are well fitted (Read
et al. 2009). For systematic studies of the dependence of mass
ejection on the cold EOSs of neutron-star matter, we consider
five cold EOSs: APR4 (Akmal et al. 1998) and SLy (Douchin &
Haensel 2001) as soft EOSs, ALF2 (Alford et al. 2005) as a mod-
erate EOS, and H4 (Glendenning & Moszkowski 1991; Lackey
et al. 2006) and MS1 (Müller & Serot 1996) as stiff EOSs.7
To take into account the effects of shock heating, we add the
thermal pressure as a Γ-law ideal gas EOS. The ejecta masses
obtained with this approximation of thermal effects agree with
those obtained with tabulated finite-temperature EOSs within
errors of several tens of percent for NS–NS mergers (Bauswein
et al. 2013).

For NS–NS mergers, we choose the total gravitational mass
of the binary Mtot = 2.6 M⊙–2.8 M⊙ and the mass ratio8

Q = 1.0–1.25. For BH–NS mergers, the gravitational mass of
the neutron star MNS is fixed to be 1.35 M⊙ and the mass ratio
is chosen to be Q = 3–7. The nondimensional spin parameter
of the black hole χ is chosen as χ = 0.75. We also perform
the simulations for Q = 7 and χ = 0.5. These parameters,
ejecta masses Mej, and averaged ejecta velocities ⟨vej⟩/c of the
progenitor models are summarized in Table 1.

The morphologies of the ejecta for NS–NS and BH–NS
mergers are compared in Figure 1. This figure plots the profiles
of the density and velocity fields at 8.8 ms after the onset of
the merger. Note that the ejecta velocities are in the small range
between ∼0.1c and ∼0.3c irrespective of the progenitor model.
However, the ejecta mass and morphology depend sensitively
on the progenitor models. In Table 1, we summarize these
properties of the NS–NS and BH–NS ejecta.

NS–NS ejecta. As shown in Figure 1, the NS–NS ejecta have
a spheroidal shape, rather than a torus or a disk, irrespective of
Q and EOS as long as a hypermassive neutron star is formed
after the merger. The reason is as follows. The origin of the

7 In this Letter, “soft” and “stiff” EOSs mean those which reproduce the radii
R1.35 ! 12 km and R1.35 " 13.5 km, respectively. Here R1.35 is the radius of a
cold, spherical neutron star with the gravitational mass 1.35 M⊙. For all the
EOSs, the maximum masses of spherical neutron stars are larger than ≃2 M⊙.
8 The mass ratio is defined by Q = m1/m2 with m1 " m2, where m1 and m2
are the component masses of a binary.

Table 1
Parameters of the Progenitor Models and Their Ejecta Properties

EOS Type R1.35 Mtot/M⊙ Q χ Mej/10−2 M⊙ ⟨vej⟩/c
APR4 NS–NS 11.1 2.6–2.9 1.0–1.25 · · · 0.01–1.4 0.22–0.27
SLy NS–NS 11.4 2.6–2.8 1.0–1.25 · · · 0.8–2.0 0.20–0.26
ALF2 NS–NS 12.4 2.6–2.8 1.0–1.25 · · · 0.15–0.55 0.22–0.24
H4 NS–NS 13.6 2.6–2.8 1.0–1.25 · · · 0.03–0.40 0.18–0.26
MS1 NS–NS 14.4 2.6–2.8 1.0–1.25 · · · 0.06–0.35 0.18–0.20

APR4 BH–NS 11.1 5.4–10.8 3.0–7.0 0.75 0.05–1.0 0.23–0.27
ALF2 BH–NS 12.4 5.4–10.8 3.0–7.0 0.75 2.0–4.0 0.25–0.29
H4 BH–NS 13.6 5.4–10.8 3.0–7.0 0.75 4.0–5.0 0.24–0.29
MS1 BH–NS 14.4 5.4–10.8 3.0–7.0 0.75 6.5–8.0 0.25–0.30

APR4 BH–NS 11.1 10.8 7.0 0.5 #10−4 · · ·
ALF2 BH–NS 12.4 10.8 7.0 0.5 0.02 0.27
H4 BH–NS 13.6 10.8 7.0 0.5 0.3 0.29
MS1 BH–NS 14.4 10.8 7.0 0.5 1.7 0.30

ejecta for NS–NS mergers can be divided into two parts: the
contact interface of two neutron stars at the collision and the tidal
tails formed during an early stage of the merger. At the contact
interface, the kinetic energy of the approaching velocities of the
two stars is converted into thermal energy through shock heating.
The heated matter at the contact interface expands into the
low-density region. As a result, the shocked matter can escape
even toward the rotational axis and the ejecta shape becomes
spheroidal. By contrast, the tidal tail component is asymmetric
and the ejecta is distributed near the equatorial plane.

Numerical simulations of NS–NS mergers show that the total
amount of ejecta is in the range 10−4–10−2 M⊙ depending on
Mtot, Q, and the EOS (see Figure 2). The more compact neutron
star models with soft EOSs produce a larger amount of ejecta,
because the impact velocities and subsequent shock heating
effects at merger are larger. More specifically, the amount of
ejecta is

10−4 ! Mej/M⊙ ! 2 × 10−2 (soft EOSs),

10−4 ! Mej/M⊙ ! 5 × 10−3 (stiff EOSs). (1)

Bauswein et al. (2013) show a similar dependence of the
ejecta masses on the EOSs and Mej ! 0.01 M⊙ for stiff EOS
models. According to these results, it is worth noting that the
ejecta masses of the stiff EOS models are likely to be at most
0.01 M⊙.

The dependence of the ejecta mass on the total mass of
the binary is rather complicated as shown in Figure 2. The
ejecta mass increases basically with increasing Mtot as long

2
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Fig. 2. Optical and near-infrared light curves of SSS17a compared with kilonova models with (left) Ye = 0.10 − 0.40 and (right) Ye = 0.25. The optical and

near-infrared data are taken from Utsumi et al. (2017). For the observed data, the line of sight extinction of E(B − V) = 0.1 mag has been corrected. All the

magnitudes are given in AB magnitudes.

ple power-law form (r−3) from v = 0.05c to 0.2c, which
gives the average velocity of ⟨v⟩ = 0.1c, as a representa-
tive case (Metzger et al. 2010; Metzger 2017). We test three
different element abundances, which approximate the dy-
namical ejecta and post-merger ejecta. The first case de-
picts the abundances in the dynamical ejecta. Numerical
relativity simulations of NS mergers predict wide ranges
of Ye in the dynamical ejecta (Sekiguchi et al. 2015, 2016;
Radice et al. 2016; Foucart et al. 2016), which results in a
wide elemental distribution from Z ∼ 30 to 100. Such el-
ement abundances are shown in the orange line in Figure
1, which are calculated by assuming a flat Ye distribution
from 0.10 to 0.40 (Wanajo et al. 2014). The second and
third cases are for the post-merger ejecta. Since the ele-
ment abundances are subject to uncertainties, we approx-
imately take two representative values of Ye: high Ye (Ye

= 0.30, blue line) and medium Ye (Ye = 0.25, green line).
The high Ye model is completely lanthanide-free while the
medium Ye model contains a small fraction of lanthanide
elements. For all the models in this paper, the element dis-
tribution in the ejecta is assumed to be spatially homoge-
neous. Validity of this assumption is discussed in Section
4.

3 Results

The left panel of Figure 2 compares the observed light
curves of SSS17a (Utsumi et al. 2017) and the model with
Ye = 0.10 − 0.40 (the dynamical ejecta model). We find
that the ejecta mass of 0.03 M⊙ reasonably reproduces
the near-infrared brightness near the peak. However, the
calculated optical light curves are systematically fainter
than the observations by 1.0-1.5 mag at the initial phases
(t < 2 days). This is due to high optical opacities of lan-
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Fig. 3. Time evolution of optical and near-infrared spectral energy distribu-

tion of SSS17a compared with three models. The observational data are

taken from Utsumi et al. (2017). All of the three models assume the same

ejecta mass (0.03M⊙) and the same average velocity (⟨v⟩ = 0.1c). Orange

curves show the model of the dynamical ejecta (Ye = 0.10-0.40) while blue

and green curves show the models with the elemental abundances calcu-

lated with high Ye (Ye = 0.30) and medium Ye (Ye = 0.25), respectively.
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